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INTRODUCTION 


1. Stars and the Galaxy 


In our local region of the universe, most matter is 
concentrated in stars. The task of this book does not 
Include their description, but we must begin with them 
xince we cannot understand the _ interstellar medium 
without knowing its relation to the stars. We will thus 
begin by surveying briefly our basic information about 
the stars without reference to the ways in which it was 
obtained. 

Stars are huge, incandescent gaseous spheres which 
emit tremendous quantities of light and heat. We see 
them as points of light only because the distances be- 
{ween us and the stars, and among the stars themselves, 
ure so great. 

These distances are measured by a special unit called a 
parsec, which equals 3.08X1013 kilometres. Light travels 
this distance in approximately 31/, years. The star nearest 
to us is 1.3 parsecs away and most of the stars which we 
can see even faintly with the naked eye are tens and 
hundreds of parsecs away. 

ven with the unaided eye, we notice that stars vary in 
Intensity or, aS we say, appear fainter or brighter than 
others. The brightness of stars is expressed in stellar 
magnitudes. If one star sends 2.512 times more light to 
earth than another, it is considered to be one stellar mag- 
nitude brighter. The brightest stars in the sky have zero 
or even negative stellar magnitudes (the magnitude of Si- 
rius is —1.73, m being the designaton for Stellar magni- 
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tude); the faintest visible stars in the sky are fifth or sixth 
magnitude. 

A star seems bright either because it really radiates 
more light than others or because it is nearer to us. There- 
fore, it is important to know the luminosity of a star—that 
is, the amount of light it actually radiates. Luminosity is 
usually described as the magnitude a star would have at 
a standard distance of ten parsecs. This is called absolute 
stellar magnitude. The sun has an absolute magnitude of 
+4,~7; if it were ten parsecs away, it would turn out to be 
a rather faint-looking star. The absolute magnitude is easy 
to calculate if we know a Star’s apparent magnitude and 
distance. On the other hand, if we somehow (for example, 
from the appearance of its spectrum) figure out the abso- 
lute magnitude of a star, comparison with the apparent 
magnitude permits us to calculate its distance. 

At the present time we already know the luminosity of 
many thousands of stars. Luminosities are extremely varied. 
Some stars are even hundreds of thousands of times 
brighter than the sun, but there are relatively few of these 
so-called giants and supergiants. Most stars have a 
brightness comparable to the sun’s and many are tens of 
times, or even thousands of times, weaker. These stars are 
called dwarfs. 

Through development of the study of stellar spectra we 
have found many new ways to investigate stars. The 
spectrum of a star appears as a rainbow-coloured stripe 
intersected by the dark lines of different elements. Spectra 
of stars vary widely, but these variations arise basically 
not from differences in chemical composition, but from 
temperature differences. Therefore, as a first approxima- 
tion, all the varied stellar spectra can be laid out in a sin- 
gle sequence. This spectral sequence is subdivided into 
classes designated by the letters O, B, A, F, G, K, M.... 
The division is based on the relative intensities of the lines 
of different elements, which are determined first of all by 
the temperature of the stellar surfaces. O, B, A are fre- 
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quently called early classes; K and M—late classes. The 
hottest stars belong to spectral class O; the temperature 
of their atmospheres may be 40,000° Kelvin or even 
higher. The next: class, B, includes stars with temperatures 
from 28,000 to 12,000°, class A goes from 11,000 to 8,000°, 
etc. The temperatures of the coldest stars we know are 
about 2,000°. 

Spectral classes are too large a unit to work With easily, 
so they are usually divided into ten subclasses, for 
example, A,, Ag, etc. Our sun belongs to the G2 class and 
has a surface temperature of about 5,700°. 

As the temperature of a star increases, the blue end of 
its spectrum becomes brighter compared to the red, just 
as the colour of a piece of metal gradually changes from 
red to yellow and then to white when it is heated. How- 
ever, even a very hot metal has a yellower colour than the 
sun. There is much less violet light in the metal’s radia- 
tion, since its temperature is lower than that of the sun. 

The colour variations in stars enable us to determine 
their spectral class quite accurately, even without measur- 
ing the intensity of their spectral lines. The hottest stars 
of classes O and B appear blue, the stars of class A— 
white, G—yellow, K and M—red. The relative brightness 
of stars with different temperatures depends on the part 
of the spectrum in which the measurement is made. If we 
have two stars with different temperatures but of the same 
brightness to the naked eye, the colder red star will seem 
brighter through a red filter and weaker through a blue 
one. The intensity difference in a star obtained by such 
comparative measurements through different filters is 
called its colour index..The redder the star, the higher its 
colour index will be. The index is taken as equal to zero 
for stars of type AO. 

We have already noted that the appearance of a star’s 
spectrum is basically determined by its surface tempera- 
ture. But careful study of stellar spectra of one and the 
same type shows fine variations, depending on the differ- 
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ent densities of stellar at- 
mospheres. For example, 
hydrogen lines in the spec- 
trum broaden out greatly 
when the star’s atmos- 
phere is dense. Such at- 
mospheres are found only 
in the dwarfs which have 
comparatively little sur- 
face and therefore do not 
emit much light. Rarefied, 
very extended stellar at- 
mospheres, in which thin, 
sharp spectral lines origi- 
sere ee aves nate, belong to giants and 
Hie: 4c the Seheniatic the still larger supergiants 
Hertzsprung-Russell diagram Whose diameters exceed 

the sun’s many times. 

Let us now compare two basic quantities characterising 
stars, spectral class and luminosity, with the help of the 
so-called Hertzsprung-Russell diagram (Fig. 1). Each star is 
represented by a point on this diagram. The colder a star, 
the further to the right it is placed; the greater its luminos- 
ity (which at a given temperature depends on size), the 
higher a star as compared to others of the same class. 

It appears that the distribution of stars on the diagram 
is not random: they form more or less distinct, narrow 
bands called sequences. This means that stars of each 
spectral class can be subdivided by size into several 
groups. Instead of showing the individual stars, Fig. 1 rep- 
resents the sequences as bands designated by Roman 
numerals. Most stars belong to the so-called main se- 
quence (V) which begins with bright stars of various classes 
and ends with yellow and red dwarfs. III, the sequence of 
giants, and the supergiant sequence I are higher on the 
diagram. Close to the main sequence stretches the 
.subdwarf. sequence VI. The sequence VII is made up of 
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white dwarfs, which are very small in size (and thus very 
low in luminosity). Their density exceeds that of water by 
hundreds of thousands of times. 

We will talk more about the physical meaning of the 
Hertzsprung-Russell diagram at the end of the book. 

An important characteristic of any star is its mass. 
Mass can be determined according to the law of gravity 
for the numerous double stars which revolve around a 
common centre of gravity. The masses of stars vary less 
than their sizes or luminosities. The very lightest dwarfs 
are only about ten times lighter than the sun; the masses 
of supergiants are usually some tens of times heavier than 
the solar mass. In main sequence stars there is a direct 
physical connection between mass and luminosity: the full 
amount of energy radiated by a star is roughly propor- 
tional to the cube of its mass. 

Stars usually have only dark lines in their spectra, but 
there are stars which have bright (emission) lines as well. 
Such lines are observed in some red giants, some hot stars 
and other stars. Particularly wide and strong emission 
lines are found in the spectrum of stars of the type called 
Wolf-Rayet after the scientists who discovered them. 
Their temperatures are exceptionally high—up to 100,000°. 
Emission lines originate in. the rarefied, extended outer 
layers of stellar atmospheres or in the gas clouds which 
surround some stars. 

Up to this point we have discussed only the physical 
character of stars, without regard to their motion or their 
distribution in space. 

All the stars which we see in the sky through telescopes 
form a gigantic stellar system called the galaxy. The gala- 
xy has more than a hundred thousand million stars, in- 
cluding our sun. However, the stars and other objects 
making up the galaxy are not uniformly distributed. The 
hot stars of classes O, B and A form in the galaxy a layer 
about 150 parsecs thick. Stars of type O make an even 
thinner stratum within this layer. A thickness of 150 par- 
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secs is very small compared to the galaxy’s diameter of 
26,000 parsecs and so we call these stars the plane com- 
ponent of the galaxy. Colder stars of the main sequence 
and some variable stars make up an intermediate com- 
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Fig. 2. Schematic section of the galaxy 


ponent of the galaxy a few hundred parsecs wide. Finally, 
a group including globular stellar clusters and subdwarfs, 
very numerous stars in the galaxy, form the spherical 
component with a thickness of 5,000-6,000 parsecs. Ob- 
jects of the spherical component are mainly concentrated 
toward the centre of the galaxy, while the plane compo- 
nent is more evenly distributed. 
It must be especially noted that the galaxy by no 
means has the form of a flat disc, as popular literature 
often maintains. An important part of the stars and a con- 
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siderable portion of the mass of the galaxy are distributed 
in a volume which has a flattened ellipsoidal shape 
(Fig. 2). However, the brightest white and blue stars, 
visible at a great distance, are concentrated in a flat 
stratum, so that if we could look at the galaxy edge-on 
from far away, it would actually appear to be a flat disc. 
We can confirm this by looking at photographs of the 
many millions of other galaxies which powerful telescopes 
have discovered (see Fig. 21). Most of them show up on 
photographic plates as small cloudy spots. Galaxies have 
a continuous spectrum with absorption lines and are very 
similar to our stellar system. They are divided into a few 
types depending on the degree of flattening and other 
features. A significant fraction of galaxies have a charac- 
teristic spiral structure (Fig. 3). Careful study, based on 
reliable determinations of the distances of O and B Stars, 
showed that these stars in our galaxy are grouped in 
spiral branches. Evidently, such a spiral structure is char- 
acteristic of stars of the plane component. Stars of the 
intermediate and spherical components do not show it. 

Stars making up all these components are different not 
only in physical properties but in their characteristic mo- 
tions. Stellar motions can be studied in various ways. For 
example, with a spectrograph we can measure how fast 
stars are approaching or receding by the displacement of 
their spectral lines from the normal. We can also measure 
the displacement on photographs of stars taken by the 
same telescope over a number of years. If in addition we 
know the distance to a star, we can calculate the com- 
ponent of its velocity perpendicular to the line of sight. 
Both methods put together permit us to determine the 
star’s total velocity in space relative to the sun. 

It turns out that stars have both random and system- 
atic velocity components. Each star moves relative to its 
neighbours with a speed of a few kilometres a second 
(random velocity). In addition, stars of the intermediate 
and plane components revolve around the centre of the 
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3. Spiral galaxy NGC 628, type Sc 


galaxy (clockwise, looking from the North Pole). These 
velocities of general motion are called systematic. The 
sun, located about 8,000 parsecs from the galactic centre, 
takes part in this general motion with a velocity of some 
230 km/sec. In the regions near the sun, stars closer to the 
centre revolve faster. This is connected with the fact that 
most of the galaxy’s mass is concentrated near its centre. 
The closer a star is to the nucleus, the greater the pull of 
gravity and the faster it must move to allow centrifugal 
force to compensate for the gravitational attraction. Den- 
sity is more constant in the interior parts of the galaxy 
and stars there behave as if they were at the edges of a 
uniform sphere in which gravity increases with distance 
from the centre. In this region of the galaxy (with the ex- 
ception of the areas closest to the centre), rotation has an 
almost constant angular velocity, like the velocity of a 
solid body. 

The average magnitude of chaotic (random) velocities is 
called dispersion. The vectors of random velocities are all 
differently directed, so that we can speak in particular 
‘about the dispersion of velocity perpendicular to the plane 
of the galaxy or, as we say, along the z-co-ordinate. When 
a star leaves the galactic plane, the gravity of all the 
remaining stars works to bring it back, so that the star 
seems to oscillate around the galactic plane. The higher 
the velocity dispersion on the z-co-ordinate, the greater 
the amplitude of oscillation—that is, the further on the 
average the star pulls away from the plane. We can con- 
clude from this that stars of the plane component have 
less velocity dispersion than those of the intermediate 
component. Knowing how the velocity dispersion of stars 
changes with time, we can explain the important question 
of genetic (kindred) relationships among objects of the 
different components. 

The random velocity of stars can change through in- 
teraction with other stars. Inasmuch as Stars are very far 
from each other, an approach close enough to change a 
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star’s velocity substantially must be rare—once in mil- 
lions of millions of years, while the age of stars is counted 
in thousands of millions of years. Because of this, we as- 
sumed earlier that a star in its lifetime is always a part of 
the same component—in other words, that stars of different 
components have different origins. However, it recently 
has been proved that the velocity of stars can change not 
only when they approach each other, but also when a Star 
passes near a Stellar condensation or gas cloud. On the 
average, the velocity of stars is increased by these events. 
Since the gravitational pull of a large cloud has an effect 
at a considerable distance, it need not come as close as an 
individual star and the velocity dispersion increases much 
faster, in hundreds of millions of years. This means that 
stars can pass from the plane component into the inter- 
mediate one during their lifetime. This effect, however, is 
not strong enough to take the star from the plane com- 
ponent to the spherical one even in some thousand mil- 
lion years. For this reason, stars of the spherical and plane 
components must have different origins. 

Recently it was found that the motion of globular clus- 
ters and other objects of the spherical component cannot 
be explained as spherical circulation acted on by oscilla- 
tions through the plane of the galaxy. They move in very 
extended ellipses like comets around the sun, going near 
or even through the nucleus of the galaxy. The planes of 
their orbits are inclined to the plane of the galaxy at dif- 
ferent angles, preserving only a small tendency to con- 
centrate toward the basic plane. 


2. The Atom and Its Properties 


Atomic theory helps us decipher the information we get 
from spectra. For this reason, we must recall a few 
properties of atoms and their radiation. 

The atom is a system made up of a nucleus and elec- 
trons bound together by electrostatic attraction. The 
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energy of the atom (that is, 7 

more precisely, the energy of 4% 7 
4 
3 


its electron shell) has only TTT 
fixed values called terms, lev- 

els or states. The level with 23SN 
the lowest energy is called ~ SkSS 


the ground state; the others, 2 
excited levels. A scheme of 
the energy states of a hydro- 
gen atom is shown in Fig. 4. 
Each horizontal line depicts a 
level (the bottom line is the 
ground state). The distance 
of each level from the ground 
state is proportional to the 
energy of the atom in that 
level relative to the energy of 
the ground state. 

An atom can change its 
energy by jumping from one 
state to another. Usually this 
change is connected with 
changes in the motion of the ~- ° 
Qutermost electron. Transi- / 
tions from a higher to a lower Riged. euergylevell diasraniol 
stute can take place spon- the hydrogen atom 
taneously without external 
excitation. The energy difference is radiated in a “piece” 
of light called a quantum. The frequency of the light ra- 
diated is proportional to the energy of the quantum. Since 
the different transitions correspond to strictly determined 
energy changes, the atom radiates quanta of only certain 
frequencies which give individual lines in the spectrum. 
‘Transitions “upward”’—that is, from lower levels to higher 
ones—cannot take place spontaneously; they must have an 
«external source of energy (for example, quanta of a cor- 
responding frequency). This process is called absorption. 
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The number of energy levels in an atom is infinite. They 
come closer and closer together at the limit which cor- 
responds to the energy at which the electron completely 
escapes from the atom. The aggregate of the lines formed 
by transitions to a given level from all higher ones is 
called a spectral series. Thus, hydrogen has the Lyman 
series of transitions to the ground state, the Balmer series 
of transitions to the second level, etc. Since the ground 
State is far from the others, transitions to it are ac- 
companied by large energy changes and quanta of the 
Lyman series lie in the far ultra-violet region. For 
example, the line L,, formed by transitions from the sec- 
ond level to the ground state, has a wave-length of 1,216 


A,* while the violet region of the visible spectrum cor- 
responds to a wave-length of about 4,000 A. The lines of 


the Balmer series—H:2,6,563A), Hs(4,861A) and others— 
lie in the visible region of the spectrum. The other hydro- 
gen series are in the infra-red. The energy levels of other 
elements are more complicated. We would have to use not 
One column to depict them, as in Fig. 4, but several, with 
a general upper limit. 

Most atoms have energy levels split into a few sublevels 
lying close together, so that their lines frequently have 
two, three or more components. These are called doublets, 
triplets, and so forth, or in general multiplets. Solitary 
lines are called singlets. In complicated atoms the split- 
ting of levels can become quite strong. The levels of the 
hydrogen atom can also have two sublevels, but their 
energies are practically the same. 

Comparing the spectrum and the scheme of atomic 
States of any element, we notice that we do not have ob- 
served lines corresponding to every possible transition; 
some jumps simply do not take place. These are called 


oA (angstrom)—the unit used to measure wave-length in spec- 
troscopy. It equals 10-% cm. 
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forbidden transitions. Permitted transitions correspond 
strictly to definite relationships among the energy states 
called selection rules. We must note that transitions which 
break these rules are not absolutely forbidden; in some 
cases the corresponding lines may be observed anyway. 
The ‘“‘degree” of forbiddenness is best described as a func- 
tion of the time which on the average must elapse while 
the atom spontaneously makes the given jump. This time 
for a permitted transition is usually 10-7-10°° seconds, 
but to complete a forbidden transition, the atom must stay 
in the higher state much longer—from 10-’ seconds to a 
few days or even longer, depending on the degree of for- 
biddenness. From some states there is no permitted jump 
“downward”, so that the atom can stay there for a compar 
atively long time under some circumstances. Such states 
are called metastable. In most elements and their ions the 
low levels, close to the ground state, are metastable. 

Forbidden lines are usually designated by putting the 
element’s symbol in brackets, with a Roman numeral 
showing the degree of ionisation. For example, [OII] 
means a forbidden line of ionised oxygen and [OIII], a 
forbidden line of doubly ionised oxygen. The brackets are 
omitted for permitted lines. 

An atom must be in one of the excited levels in order to 
radiate a quantum; in other words, the energy correspond- 
ing to the difference in energy between this level and an 
initial lower state must be communicated to the atom. 
The atom can pick up this energy either by absorbing a 
quantum or by colliding with another particle, usually 
with an electron. In this case, the energy of the electron 
must be greater than the energy of the corresponding 
transition. The average energy of particles is proportional 
to the absolute temperature of the gas. However, even 
when the average energy is insufficient for excitation, 
there are always some electrons in the gas with enough 
energy for excitation, but their number quickly dimin- 
ishes with the growth of the energy. For this reason, the 
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number of electrons on an excited level with an energy 
significantly greater than average will be _ relatively 
small.* 

Collision with an ion or neutral atom can also force the 
atom to jump to an excited state, but for this the energy 
of the ion must be hundreds or thousands of times greater 
than the energy of the state because a heavy particle al- 
ways gives up only a small part of its energy to the light 
electron of the atom. Therefore, excitation by heavy par- 
ticles has little significance in astrophysical conditions, ex- 
cept in those cases where the energy of the level is ex- 
ceptionally low. 

If an electron collides with an excited atom, the latter 
can give up its energy to the electron. Then the atom 
transfers to a lower state without radiating a quantum and 
the electron jumps away with increased energy. This 
process is called collision of the second kind, as dis- 
tinguished from the excitation of the atom by collision 
(collision of the first kind). Collisions of the second kind 
take place in dense gases, where the time intervals be- 
tween collisions are shorter than the atom’s lifetime in an 
excited state. In this case atoms collide before they suc- 
ceed in radiating, so that the collisions of the second kind 
noticeably weaken the radiation. In metastable levels, 
where there are no permitted downward transitions and 
the atom remains much longer in the same state, collisions 
of the second kind can take place even at low densities. 
This is why we do not observe lines corresponding to 
forbidden transitions in the laboratory: excitation usually 
ends in collisions of the second kind, instead of in radia- 
tion. In a very rarefied gas, the interval between collisions 
is closer to the atom’s lifetime in the metastable state and 


* The frequency of excitation depends not only on the number 
of electrons with an energy above the excitation threshold, but 
on the properties of the atom itself—more exactly, on the proba- 
bility that a fast electron hitting it will excite the given atomic 
state. 
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lorbidden lines appear. As we shall see, these conditions 
wre exactly what we find in nebulae. 

When an electron gets more energy than the limit of 
the terms permits, it is stripped away from the atom. This 
process is called ionisation. The ionisation of an atom can 
tuke’ place either through absorption of a quantum or 
through collision with a fast electron. Since it is not tied 
to the atom, the free electron can have any amount of 
merpy. Therefore, in contrast to internal transitions in an 
iftom: where only quanta of a given frequency are absorbed, 
lonisation can be induced by any quantum whose energy 
Iv preater than that necessary for transition from the ini- 
(ul to the ionised state. For example, a hydrogen atom in 
(le pround state can absorb any quantum with a wave- 


length less than 912A and in the second level, any quan- 


(tum with a wave-length less than 3,646A. If the energy of 
i quantum is greater than that needed to strip off an elec- 
tron, the excess energy goes into the ejected electron’s 
kinetic energy. Ionisation by collision takes place only 
when the colliding electron’s energy is higher than that 
necessary to strip off the bound electron. As the tempera- 
(ure of the gas rises, more electrons have the necessary 
energy, ionisation takes place more frequently and the 
fraction of ionised atoms becomes greater. A heavy par- 
ticle can ionise an atom only at great energies significantly 
exceeding the energy of ionisation. 

If a gas has a very high temperature or is in a strong 
radiation field, second and third electrons may be stripped 
off before the atom can capture back the first. Thus ap- 
pear multiply ionised atoms. The removal of each follow- 
ing electron demands ever-increasing energy, since the 
charge of the ion is growing also. Therefore, a very high 
temperature of the gas or the source of ionising radiation 
is needed for multiple ionisation. 

The opposite process of ionisation, the capturing of an 
electron by an ion, is called recombination. The electron 
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can be captured by the atom in any level. Therefore, the 
atom formed as a result of the recombination can be 
either excited or non-excited. In recombination, energy 
must be given off equal to the difference in energy of the 
free and bound electron, usually in the form of a quantum. 
If an electron with little energy recombines, the frequency 
of the quantum is close to the limit of the series of the cor- 
responding level. The greater the energy of the recombin- 
ing atom, the higher the frequency of the radiated quantum 
will be. Since free electrons can have any energy, the 
spectrum radiated during recombinations appears as a con- 
tinuous strip beginning just at the limit of the series and 
stretching, gradually weakening, towards the higher fre- 
quencies. Such a spectrum is called the continuum. The 
brightness weakens because the fraction of fast electrons 
always falls as their energy increases. As the temperature 
of the gas rises, the average energy of the recombining 
electrons becomes higher and the intensity beyond the limit 
of the series falls more slowly. 

We said earlier that an atom is capable of radiating light 
not only during recombinations, but also during transitions 
from one energy State to another. It turns out that even a 
free electron, moving in the electrical field of an ion, can 
emit radiation. 

A free electron moves in the field of an ion along a 
hyperbolic orbit; various orbits correspond to various 
energies. Just as a quantum radiates or is absorbed in the 
jump of an electron bound to the atom from one elliptical 
orbit to another, so are radiation and absorption of a 
quantum possible when an electron jumps from one 
hyperbolic orbit to another. This is called a free-free tran- 
sition. Inasmuch as the energy of both orbits can have any 
value, radiation and absorption by free-free transition takes 
place in the continuous spectrum. Changes in energy due 
to free-free transitions usually constitute a small fraction 
of the total energy of the electron, so that the energy of 
the radiated quanta is less than the average energy of the 
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electrons. At a rather low temperature, the free-free radia- 
tion of a gas is concentrated in the long wave regions from 
Infra-red rays to radio waves. 

Up to now we have spoken about radiation and absorp- 
(lan of light by individual atoms. Actually, we always 
observe the radiation of an entire stratum of gas. If the gas 
liyer is transparent to all frequencies, the radiation of 
“separate atoms all adds up. Its spectrum will consist of 
bright lines on the darker background of the continuous 
4pectrum formed by recombinations at various levels and 
hy free-free transitions. But if we increase the thickness of 
(the gas stratum, part of the radiation will be absorbed by 
(ln stratum itself. First of all, the quanta forming the lines 
will be absorbed and the lines will show less contrast to 
(he background of the continuous spectrum. When a 
uniform stratum becomes nearly opaque in all frequencies 
(lu lines will disappear. The radiation will then show a 
continuous spectrum depending only on temperature, and 
ily intensity maximum in this spectrum will be displaced 
(oward short wave-lengths as the temperature of the gas 
liyer increases. Simultaneously the over-all amount of 
mnerpy radiated by a surface unit will increase. The radia- 
(lon of stars is complicated by the fact that the stratum is 
not uniform; its temperature and density grow with depth. 
llerefore, the spectrum of stars has dark lines and its gen- 
mtul run of intensities does not cprrespond to the spectrum 
of iin Opaque gas layer. 


Chapter One 
PLANETARY NEBULAE 


A telescope helps us to see not only faint stars, but also 
objects of another type invisible to the naked eye. Small 
foggy spots among the stars had been noticed as far back 
as the 18th century. In 1784 the French astronomer, 
Charles Messier, occupied in looking for comets, made up 
a small catalogue of these nebulae, so as to avoid confusing 
them with comets of a similar shape. The greatest contri- 
bution to the study of nebulae before the application of 
photography was made by William Herschel. With the 
development of photography, the number of known nebulae 
greatly increased, since a photographic plate can accumu- 
late light during prolonged exposures and thus show 
fainter objects than the eye can see through the same 
telescope. In 1888, J. L. E. Dreyer published his New Gen- 
eral Catalogue (NGC), and later two supplements to it 
(ICI and ICII) containing co-ordinates, dimensions, 
brightnesses and other characteristics for approximately 
15,000 of these nebulous patches. Individual objects take 
the name of the catalogue and the number in it, for ex- 
ample, Messier 8 (M 8), NGC 1976 or IC 418. A study of 
large-scale photographs revealed that some of the 
“nebulae” are simply stellar clusters, most of which have a 
globular shape and contain thousands of stars. As we have 
already mentioned, globular clusters usually are found at 
great distances from the plane of the galaxy and form a 
spherical subsystem. Most nebulae did not show individual 
Stars, but this of course was insufficient to deny them a 
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ntellar nature, since they could simply be too far away. 
‘There had to be some new way to find out more about neb- 
lie. This method was found with spectral analysis. 


3. Instruments for the Study of Nebulae | 


Kefore we analyse the results of spectral studies, let us 
licuss the basic types of instruments used. The simplest 
witrophysical instrument is a photographic camera, built 
like an ordinary camera but on a larger scale. Light is 
focussed on the photographic plate through a glass lens or 
concave mirror. However, the lens—and especially the 
inlrror—form a clear image only very close to the optical 
wxls. The farther away from the centre of the plate the 
more indistinct is the image of a star. This can be correct- 
wm by putting a glass lens in front of the mirror. Different 
(vpes of mirror-lens cameras based on this principle were 
lnvented by B. Schmidt (Germany) and D. D. Maksutov 
(UI.S.S.R.). With them, we can photograph a large area of 
(le sky at one time. The ratio of the diameter of the ob- 
wctive to its focal length is called the ‘“‘speed’’ of the 
nystem, or focal ratio, and is one of the basic character- 
litics of any optical system. A larger focal ratio enables us 
(« photograph weaker, more extended objects without using 
i longer exposure. Therefore, to photograph such faint ob- 
lects as nebulosities, which are frequently only a few per 
cent brighter than the night sky background. we use the 
fustest possible cameras with a focal ratio of from 1 : 0.5 
to 1:2.5 To photograph fine detail] we use bigger fast 
cumeras which take large-scale photographs. Sometimes 
umall cameras with a wide field of view, taking in almost 
the entire sky, are used. 

An ordinary photographic camera brings the light of 
virious colours together into one place on the film. We use 
it spectrograph to separate radiation of different wave- 
lenyths. The simplest spectrograph is a camera with a prism 
lefore the objective which spreads the image of a star into 
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Z a spectrum. However, it is 
difficult to make a prism 
with a diameter equal to 
the aperture of a large tel- 
escope, so, frequently, we 
use a so-called slitless spec- 
trograph, whose plan is 

Fig. 5. Plan a a spectro- jae ae es sae 
scope converges the enter- 

ing light rays into a single beam. This beam is intercepted 
by a concave lens in front of the focus which diverges 
the light so that parallel light rays with a smaller diame- 
ter are produced. The light then goes through the prism 
as shown in the figure and is focussed by the camera’s 
objective on to the photographic plate. When a star 
is photographed, its image in a single wave-length will 
be a point and the whole spectrum will be a thin strip. 
If we photograph an object having distinct angular dimen- 
sions with a slitless spectrograph, the image on the plate 
will be formed in rays of every colour. The image in vari- 
ous wave-lengths will be spread out as shown in Fig. 6. In 
the same figure we see the basic defect of a system using 
an objective prism and slitless spectrograph: the various 
wave-lengths are superimposed on each other. The over- 
lapping effect will be smaller with an object of smaller di- 
mensions in the direction along the spectrum. Consequent- 
ly, to obtain a clear spectrum in which the images in neigh- 
bouring wave-lengths are resolved, we must cut a narrow 
long strip from the whole object perpendicular to the dis- 
persion. This is done in the so-called slit spectrograph, the 
most widely used type of spectrograph. Its plan is shown 
in Fig. 7. 

The objective of the telescope O; produces an image in 
the so-called focal plane. Here there is a slit S which cuts 
a narrow strip off from the rest of the image. The illuminat- 
ed slit itself now becomes the object to be photographed. 
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lig. 6. Slitless spectrogram of the planetary nebula NGC 6720 
Lick Observatory). Below: spectrum of an AO star 


Fig. 7. Plan of the slit spectrograph 


The slit differs from the original sky object in that the lat- 
ter is so far away that its rays fall almost parallel on to the 
prism, while the slit is close by and its rays diverge. On the 
other hand, a prism distorts diverging rays more than paral- 
lel ones, so that the beams coming from the slit must be 
made parallel before they reach the prism. This is done by 
putting a lens K across their path with the slit at its 
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focus. The part of the spectrograph including the slit and 
lens K is called the collimator. We get a parallel light beam 
from the collimator like the beam from an_ infinitely 
distant light source. This beam falls on the prism P (or on 
a diffraction grating) which spreads it into a fan of differ- 
ent-coloured rays focussed on the photographic plate F by 
the objective of the camera Oo. A plate of a spectrum in 
which the rays of various wave-lengths are almost com- 
pletely separate is obtained. If the spectrograph is de- 
signed especially for use on nebulae, its camera must be 
rather “fast’’. Mirror-lens cameras have been adapted to 
modern spectrographs of this type. 

A slit spectrograph can be used without a telescope. In 
this case light from a sky region bounded by a cone with 
angle « (Fig. 7) falls on to the collimator. We use this 
method to study an extended, fairly homogeneous object, 
for example, to photograph the spectrum of the daylight 
sky. To study nebulae, which usually have an angular di- 
mension of less than 1°, the angle a must be made very 
small. To do this, we build an extremely long collimator 
into the system. This is the nebular spectrograph. Some- 
times photoelectric and other light receivers are used 
instead of plates. These instruments are called spectrome- 
ters. In the focal plane of the camera of the spectrometer, 
there is a second slit cutting off a narrow spectral region 
which falls on a photo-cathode sensitive to light. The cur- 
rent formed is proportional to the amount of light received 
and is registered by a galvanometer. 


4. The Results of Spectral Observations 


Extensive investigation of the spectra of nebulae was 
carried out by E. Hubble (U.S.A.) with the Mount Wilson 
100-inch telescope. He found that a striking majority of 
nebuJae have a spectrum similar to the stellar spectrum, 
and particularly to the spectrum of the sun. Consequently, 
these nebulae must be distant stellar systems. Many such 
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nebulae have a characteristic spiral form (see Fig. 3). There 
are also many elliptical, weakly flattened “stellar” nebulae 
(see Fig. 41). With large telescopes we have succeeded in 
seeing the brightest individual stars in a few systems. Com- 
parison of their visible magnitudes with the light of stars 
of the same type in our galaxy helps to estimate the dis- 
tance to the “stellar” nebulae. It turns out to be very great, 
over a million parsecs. Therefore, these nebulae lie outside 
our galaxy and are themselves galaxies, in many respects 
similar to ours. 

Besides galaxy-nebulae made up of stars, the spectro- 
praph detected a large number of nebulae with a line 
spectrum (bright lines on a dark background) called an 
emission spectrum. A considerable number of these nebu- 
lae have a characteristic ring or disc shape (Fig. 8). Such 
nebulae are called planetary from their external resem- 
blance to planets, which also have a disc form in a telescope. 

In the centre of planetary nebulae as a rule there is a 
“nucleus” —a star whose luminosity in visible light is many 
times less than the brightness of the whole nebula. The 
spectra of these nuclei indicate that their temperatures are 
very high. They resemble Wolf-Rayet stars with their wide 
bright lines or ordinary O-stars with their absorption lines. 
Some nuclei have a clearly continuous spectrum without 
emission or absorption lines. The absence of such lines can 
be due to the star’s high temperature: elements in its at- 
mosphere are multiply ionised and all their remaining lines 
are in the invisible ultra-violet region of the spectrum. In 
the spectrum of nebulae themselves we see the familiar 
lines of the Balmer hydrogen series, helium lines, weak per- 
mitted lines of carbon, nitrogen and oxvgen in various 
stages of ionisation and other elements. But the brightest 
lines in nebulae are a pair of green lines with wave-lengths 


of }= 5,007 A and }= 4,959 A (they are called respectively 
N, and Ne) and a few other lines. for examnle. the close 
pair of ultra-violet lines } 3,727 (3,729-+-3,726). These lines 
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all remained unidentified for a long time because their 
source elements were not among those studied in labora- 
tories. At first it was decided that the lines came from an 
unknown element, nebulium (from the word nebula— 
hence, the designations N, and N.). 


Fig. 8. Planetary nebula NGC 7293 in the constellation 
Aquarius, with two envelopes (Crimean Observatory) 


In 1927 I. S. Bowen (U.S.A.) after a long search discov- 
ered that the frequencies of the green lines (N, and N,) 
corresponded to forbidden transitions between the sub- 
levels of the ground state and the first excited level of dou- 
bly ionised oxygen O III. 

So nebulium turned out to be the well-known element, 
oxygen, and its radiation in nebulosities is the result of 
their low density, in which collisions of the second kind 
are too infrequent to hinder radiation by forbidden lines. 
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The ultra-violet doublet } 3,727 was found to be a forbid- 
den pair of ionised oxygen lines [O II]. The remaining 
lines, which were unidentified earlier, also generally cor- 
respond to forbidden lines of C, N, Ne and other ions. Neb- 
ulae have a continuous spectrum as well. It is especially 
strong in the ultra-violet regions beyond the Balmer limit, 
but exists even in the visible region. 

Not all emitting nebulosities are planetary. Many of 
them, the so-called diffuse nebulae (Fig. 9) are larger, have 
less surface brightness and usually a more irregular form 
ti.in the planetary nebulae. The spectrum of diffuse and 
planetary nebulae are generally alike, but the lines of high- 
ly ionised atoms from which a few electrons have been 
stripped are absent in the diffuse nebulae and the lines 
of singly ionised atoms are relatively strong. In particu- 
lar, the green nebular lines of [O III] do not stand out 
frorm the others, but the ultra-violet doublet of (O II], 
/. 3,727, is relatively intensified. Inside the diffuse nebulae 
(not necessarily at the centre, but sometimes to a side), 
there are usually one or more hot stars with a temperature 
from 25,000 to 50,000° (spectral class from BO to 05). As 
we will see later, these stars, like the central stars of 
planetary nebulae, are the sources of the energy radiated 
by the nebulae. 

Looking at the photograph of the Milky Way (Fig. 10), 
we see dark regions almost completely without stars. 
These irregularly-shaped formations are made up of clouds 
of fine, smoke-like dust. The dust clouds partially absorb 
the light of the Milky Way regions behind them, just as 
1 cloud of smoke can strongly obscure the sun’s bright- 
ness. If there is a. bright star near such a dust nebula, the 
latter will be lit up. This is like a searchlight at night that 
picks out of the darkness individual clouds shining by 
reflected light. In the sky there actually are a small num- 
ber of nebulae (Fig. 11) whose spectrum is like that of a 
nearby bright star, usually one with a temperature from 
15,000 to 20,000° (B2-B5). These nebulae are smaller and 


29 


Fig. 9. Diffuse nebula NGC 2237-2236 (Crimean Observatory) 


fainter than the diffuse nebulae. As might be expected, 
the luminosity of the nebula is less than that of the star. 
Sometimes we observe mixed cases where bright lines 
radiated by gas in the nebula are superimposed on the re- 
flected light from the star. In these cases, the star illumi- 


Fig. 10. The ‘Coal Sack”—a dark region on the background 
of the Milky Way near the south celestial pole 


nating the nebula usually has a high temperature—about 
20,000° (B1). 

Let us now sum up the observational data given above, 
which will serve as the basis of further exposition: there 
are two kinds of nebulae, extragalactic and galactic. The 
latter are clouds of radiating gas which frequently (planet- 
ary nebulae) are disc-shaped. They are more highly ion- 
ised than diffuse nebulae. We can regard dust clouds, 
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which are mixed with gas (as we shall see), as belong 
to diffuse nebulae. These clouds are observed as bright 


Fig. 11. Reflection nebulae with a continuous spectrum in the 
Pleiades. Arrows point to thin filaments 


dark nebulae, depending on whether there is a star n 
by bright enough to illuminate them. The character 


nebulae depends at least partly on the temperature of their 
illuminating stars: reflection nebulae are lit by stars of 
spectral classes B2-B5 and higher; emission nebulae, by 
hot stars of classes O and BO. The nuclei of planetary neb- 
ulae have a still higher temperature. 

Let us now examine the processes involved in the radia- 
tion of planetary nebulae. 


3. Hydrogen Radiation 


Atoms of hydrogen can be excited by the absorption of 
ii quantum, by collisions with fast electrons and by recom- 
hinations on upper levels. The presence of the Balmer con- 
(inuum indicates that a substantial part of hydrogen ra- 
dliation is produced by recombinations, that is, that part 
of the atoms are ionised. Ionisation is produced by radi- 
ation of the central star beyond the Lyman limit. When a 
star is very hot, its luminosity in that region is much high- 
er than in the visible region. For this reason, radiation of 
nebulae in lines of converted ultra-violet light from the 
star is much brighter than the radiation of the star itself 
in the visible region of the spectrum. In addition to recom- 
bination, the direct excitation of atoms from the ground 
state by the star’s Lyman radiation can also play a part. 
‘or example, a quantum of Lg excites the atom in the 
third level and radiation of H, or Lg again will be emit- 
ted. However, direct excitation in lines is produced only 
by the corresponding narrow bands of the stellar spec- 
trum, while ionisation is produced by a wide spectral re- 
zion beyond the Lyman series limit. Therefore, the total 
cnergy going into the ionisation of hydrogen is much great- 
er than the energy in lines creating excitation, so we 
are justified in ignoring the latter. The role of ionisation 
ind excitation of hydrogen by electron collision, as will 
be shown below, is small, because of the comparatively 
low electron temperature and the large energy necessary 
for excitation. 


3. 2431 a3 


So atoms of hydrogen are ionised by the ultra-violet ra- 
diation of the star. The stripped electron is in motion in 
the nebula. It collides with other electrons and ions, ex- 
changing energy with them, and as a result normal ther- 
mal velocity distribution is established. After a while the 
electron unites with a proton and recombines to one of the 
levels. If recombination takes place in the ground state, 
a quantum beyond the Lyman series limit is produced. 
This quantum can again ionise an atom and start the 
whole process over again. If recombination takes place in 
one of the upper levels, the atom jumps to a lower and 
lower level, until it reaches the ground state. Since the last 
transition takes place to the ground state, one of the re- 
sulting quanta will be a Lyman quantum. 

Do cascading transitions always end in the ground state? 
Cannot an atom in one of the excited levels absorb 
a quantum and jump to a higher level, or completely lose 
its electron and become an ion? It can be shown that in 
a confined cavity with constant temperature, where the 
so-called thermodynamic equilibrium exists in which spec- 
tral composition of the radiation,* energy density and vel- 
ocity distribution of the particles depend only on temper- 
ature, there is a detailed equilibrium where the rate of 
any process is exactly equal to the rate of the reverse proc- 
ess. Therefore, if thermodynamic equilibrium existed in 
a nebula, jumps from the excited levels upward would 
take place as frequently as jumps downward, so that not 
all recombinations would end in a cascade to the ground 
state. 

However, conditions in a nebulosity differ sharply from 
thermodynamic equilibrium. Actually, the spectral com- 
position of its radiation is the same as that of the surface 
of its star, that is, corresponding to a temperature of 50,000- 
100,000°. But the density of the radiant energy itself is 
1013 - 1014 times less than it would be in thermodynamic 


* Radiation in a confined cavity is like radiation of a heated 
black body and is often called black-body radiation. 
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catuillbritun at the same temperature, since the nebula’s 
iaditus is millions of times larger than that of the star and 
thay racdlition density is inversely proportional to the dis- 
limea Squared, (This is just like removing the walls of the 
‘omllned cavity and allowing all the radiation to escape, 
lusssvinngs One tiny piece, the star.) This means that the neb- 
ila du pierced by hard ultra-violet quanta capable of ion- 
lniap lyydrogen, but the number of such quanta is very 
nimull--that is, ionisation and, consequently, recombination 
wml excitation take place comparatively rarely. Jumps 
iwiward occur spontaneously; the time that atoms re- 
nuit in an excited state does not depend on the density 
wt radiation.* For a permitted transition it equals 
l"-10°7 seconds, which is considerably less than the 
(lau needed to ionise or excite atoms in a nebula. Thus, 
(lus alom remains in an excited state for a relatively short 
(fue; it quickly reaches the ground state and then “waits” 
uw long time for a new ionising quantum. The probability 
(lat a quantum will be absorbed from the excited state is 
very small—all the more so because such quanta are scarce. 
(he number of times an electron collides with an ex- 
clted atom (collisions of the second kind) is also small be- 
cuuse of the low density of the gas. 

In contrast to spontaneous line transitions, the time nec- 
essary for recombination of ions depends on the electron 
concentration, that is, on the probability that an electron 
will encounter an ion. When the density of matter is low, 
(he atom can stay in an ionised state for a long time; 
therefore, the fraction of ionised atoms can be high even 
with a highly “diluted” ultra-violet radiation. 

Summing up, we can say that. practically all hydrogen 
atoms in a nebula are either in an ionised or non-excited 
state. Recombinations and cascades produce the nebula’s 
radiation in hydrogen lines. The neutral atoms formed are 
lonised again from the first level by ultra-violet radiation 


* If the radiation density is not too great. 
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from the stars. Then they recombine and the process re- 
peats itself. 

Inasmuch as a very small fraction of the atoms is found 
in excited levels, a nebula is practically transparent to the 
Balmer series and other lines arising from excited levels. 
But, as we can easily show, the nebula is opaque to the 
Lyman lines, which are absorbed by atoms in the ground 
state. Absorption in the early members of the Lyman Se- 
ries is a thousand times greater than in the continuous 
spectrum beyond the Lyman limit; it is produced by the 
same neutral atoms, but with greater effectiveness. If the 
nebula were transparent to the Lyman lines, beyond the 
Lyman limit it would absorb less than one-thousandth of 
the radiation of the star. Therefore, the star must be in- 
credibly hot for a small part of its ultra-violet radiation to 
be able to excite the radiation of the nebula. Various other 
arguments also show that a majority of nebulae are opaque 
to the Lyman lines. 

H. Zanstra (Holland) studied the fate of the quanta pro- 
duced by recombinations. When recombination takes place 
to the ground state a quantum beyond the Lyman limit is 
radiated. This quantum may either escape from the nebula 
or be absorbed again. If recombination takes place to an 
excited level, as we said before, the atom emits a few 
quanta and jumps to the ground state. The last quantum 
emitted will belong to the Lyman series. This quantum 
will quickly be reabsorbed, since the nebula is opaque to 
lines of this series. If this is a L, quantum, the electron 
must have jumped to the second level before producing it; 
in other words, a quantum of the Balmer series (or one in 
the continuum if recombination takes place to the second 
level) must radiate. If the last quantum radiated is another 
Lyman quantum, the atom absorbing it will be in the third 
level or higher. From this level the atom can either jump 
to the ground state where the radiated quantum is ab- 
sorbed again, thereby starting the whole process over, or 
jump to the second or some other excited level. Repeat- 
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ing the process from this level, we find that in 
the end one Balmer series quantum and a L, quantum 
will be radiated. Thus, in every case each ultra-violet 
quantum absorbed by hydrogen, after a series of transfor- 
tuations, gives off one Balmer series quantum (including ra- 
diation beyond the limit) and a quantum of L,. There can 
le lines of other series as well. All the quanta except L, 
freely escape from the nebula, since absorption from ex- 
cited levels is very low. The L, quantum will be absorbed 
over and over until it too escapes. 

So each ultra-violet quantum absorbed in a nebula gives 
rlse to at least one quantum of L,, one Balmer quantum 
und perhaps quanta of other series. Therefore, it is possi- 
ble to find the number of ultra-violet quanta emitted by a 
star by measuring the radiation of its nebula in Balmer 
lines. This number can be compared with the radiation of 
the star in the visible region of the spectrum, thus deter- 
injning the temperature of the star. Actually, as the temper- 
utture rises, the radiation maximum moves into the short- 
vr Wwave-lengths and the ratio of ultra-violet radiation to 
(he visible continuous spectrum grows in such a way that 
wich value of this ratio corresponds to a determinate tem- 
perature value. It is very important that we can find tem- 
perature from the ratio of the quanta alone without know- 
ly: their actual number. We do not need to know a Star’s 
distance or radius. 

Z.instra’s method for determining the temperature of the 
central star of a nebula is widely used and has been adapt- 
edto almost all planetary nebulae whose nuclei are discern- 
Ible. The temperatures calculated this way are included in 
(he catalogue of nebulae in B. A. Vorontsov-Velyaminov’s 
hook,* along with other data about nebulae. The tempera- 
lures of nuclei are measured in tens of thousands of deg- 
rees, reaching values in isolated cases higher than 100,000°. 


* B. A. Vorontsov-Velyaminov, Gas Nebulae and Novae, Russ. ed. 
(;oxlekhizdat Publishing House, Moscow, 1948. 
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We should note that these temperatures are obtained by as- 
suming that a nebula absorbs all the ultra-violet radiation 
from its star. If absorption is not total, as is especially 
probable in large rarefied nebulae, the ultra-violet region 
of the stellar spectrum must be stronger than we would 
expect from observations of the Balmer lines and the ac- 
tual temperature higher than the one calculated by Zan- 
stra’s method. Further, the temperature calculation as- 
sumes that the star’s radiation is like black-body radiation. 
As we have said before, it is somewhat different. One of 
the main reasons is that hydrogen atoms in a Star’s atmos- 
phere strongly absorb quanta beyond the Lyman limit. In 
this region of the spectrum, radiation comes from higher 
layers of the atmosphere where the temperature is lower 
than in the deeper layers from which visible radiation 
comes. 

Measurements of ionised helium lines in nebulae show 
that stars do not shine like black bodies. An ion of He II 
is like an ion of H I with the scale of its terms increased 
four times. Zanstra’s theory is applicable to it also and a 
star’s temperature can be calculated from comparison of 
radiation in the visible region to that beyond the limit of 


the He II series ( , =228 A). It is true that we cannot ob- 
serve the Balmer series of He II, since it is in the invisible 
ultra-violet region of the spectrum. However, in view of 
the similarities between the spectra of hydrogen and ion- 
ised helium, the intensity of their corresponding lines must 
be proportional and from a few observed lines of some se- 
ries we can estimate the intensities of the rest. The tem- 
peratures calculated appear much higher than the tem- 
peratures calculated from the hydrogen lines, often ex- 
ceeding 150,000°. It has been suggested that the ‘“‘helium’’ 
temperature approaches the actual temperature and the 
“hydrogen” temperature is too low because of incomplete 
absorption of ultra-violet radiation in the nebula. How- 
ever, S. B. Pikelner (U.S.S.R.) showed that if the “helium” 
temperature were close to the true temperature and ex- 
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ceeded 100,000-120,000°, hydrogen must absorb almost as 
much of the radiation as helium. In this case, the temper- 
utturre determined from it could not differ much from the 
“helium” temperature. The temperature difference evident- 
ly means that the radiation temperature is higher in the 


repions beyond == 228 A than in the region beyond } = 912 


A, that is, that there is too much radiation there compared 
to black-body radiation. 

We have explained how hydrogen radiation is excited. 
The atoms are ionised by radiation from a star, recom- 
bine, primarily to the upper levels, and cascading down- 
wird, radiate lines of the Balmer, Lyman and ‘other series. 
I.yman lines are absorbed and radiate again. After a few 
such transitions the quantum disintegrates into L,, one 
quantum of the Balmer series and others. We see that the 
mechanism forming Balmer lines consists of a series of 
«lementary processes—recombinations, transitions from 
one level to another, etc.—whose probabilities for hydro- 
yen are well known. Therefore, we can calculate the in- 
(ensity of the Balmer lines theoretically and, by compar- 
Ing them with observations, determine the physical condi- 
(ions in nebulae. Some authors have carried out such cal- 
culations. They are based on the so-called stationary, or 
steady state: the number of atoms on various levels does 
not change with time. For this state to exist, the number 
of atoms arriving in a given level as a result of recombina- 
(ions and transitions from the upper levels must be equal 
(0 the number of atoms escaping from the given level by 
|umps downward. Stationary state equations can be written 
lor any level except the ground state. 

G. G. Gillié (South Africa) solved such equations for 
fourteen levels and determined the relative number of at- 
oms in each of them (omitting the first two). This makes 
If easy to calculate the relative intensities of the early 
inembers of the Balmer series. D. H. Menzel and J. G. Bak- 
wr (U.S.A.) used a mathematical method allowing them 
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to account for the effect of all the upper levels and calcu- 
lated relative intensities for a large number of lines. The 
intensities obtained depend slightly on the value used for 
electron temperature. With a T = 10,000°, the ratio 
Ha :H ¢: Hy equals 2.5: 1: 0.5. Observations give widely 
varying figures for these ratios in different nebulae, but 
if interstellar absorption, which weakens the blue part of 
the spectrum more than the red, is taken into account, 
agreement of theory and observation is fairly close, al- 
though with some remaining discrepancies. It must be 
noted that this calculation does not consider the presence 
of fine structure, splitting the terms into sublevels. Each 
level is taken to be a single entity. Calculations carried 
out more recently show that the splitting of the levels 
does not strongly affect the relative intensity of the lines. 

Using the steady state equation, we obtain the relative 
intensities of lines. To get absolute intensities, we must 
know the total number of Balmer series quanta which, as 
we have already said, is equal to the total number of re- 
combinations, since each recombination will finally give a 
single Balmer quantum. The number of recombinations per 
cm? per second is proportional to the concentrations of 
protons and of electrons n,, which are nearly the same 
since almost all electrons in nebulae come from ionisation 
of hydrogen, the most abundant element. The intensity of 
the line formed by a layer with thickness I is proportional 
to n, 2l. The coefficient of proportionality depends slight- 
ly on the temperature and can be calculated for each line. 
The value of n, 2I, which determines the intensity, is called 
the emission measure. | is expressed in parsecs. If in 
a nebula, n, = 1,000 electrons per cm? and 1 = 0.03 par- 
secs, the emission measure will be 30,000. When the emis- 
sion measure of the nebula is about a thousand, we can 
see the H, line against the sky background with a nebular 
spectrograph. With modern spectrographs and photoelec- 
tric techniques we can see nebulae with an emission 
measure of 100 or less. 
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It is clear that we can determine the mass of a nebula 
from observations of its hydrogen lines, when we know 
iis distance and dimensions. First, from the intensity we 
calculate the emission measure n, 2I, which is proportion- 
ial to it, using a T = 10,000° (the basis for this figure 
will be given below). Then, given the magnitude of | about 
which, of course, there is a measure of uncertainty since 
we see the nebula’s dimensions in projection and not along 
the line of sight, we can determine n,—that is, in the final 
unalysis, the concentration of ionised hydrogen atoms. 
Multiplying n, by the volume of the nebula, we finally ob- 
(ain the total number of hydrogen ions in the nebula and 
its mass. 

Density can be determined not only from lines but from 
the intensity of the continuous spectrum beyond the Balm- 
er limit. This method has the advantage of not relying on 
the stationary state equation, since it uses only the rate 
of recombinations to the second level. However, the in- 
tensity of this radiation is weak and can be measured 
more or less reliably only in bright nebulae. The results of 
these measurements show that in typical planetary neb- 
ula n, equals a few thousand, reaching 10,000-20,000 in 
the brightest ones. The radius of an average nebula is 
around 5.1016-10!7 cm, so that the mass of ionised hy- 
drogen in an average nebula is equal to 0.01-0.02 the mass 
of the sun. 

Now we can determine the concentration of neutral hy- 
drogen. Its average concentration n, cannot be so high 
that the ionising radiation cannot reach as far as the edge 
of the radiating part of the nebulosity. One neutral hy- 
(drogen atom absorbs ionising radiation like an opaque 
area R=10-17 cm2. In a column of cross-section 1 cm? on 
the ray path from the star to the edge of the nebula, there 
ire N =n, I neutral atoms. The product of the absorption 
coefficient of a single atom multiplied by the number of 
atoms in the column RN is called the optical depth and is 
designated by t. The optical depth determines the degree 
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to which a layer is transparent to a given wave-length. If 
t <1, the layer is transparent; if « 1, opaque. With a 
t = 1, the radiation is weakened on passing through the 
layer 2.7 times. The optical depth of the radiating part of 
the nebula cannot be much greater than unity; therefore, 
<=RN <1 and N =< 10!’. Thus, along the radius of an 
emission nebula there are no more than 1017 neutral hy- 
drogen atoms in a column with a cross-section 1 cm2. In 
a nebula with average radius of about 10!” cm, the con- 
centration of neutral atoms n, -= 1, which is much less than 
the concentration of ionised atoms. Consequently, we do 
not have to take neutral atoms into account in estimating 
mass. At the same time the nebula may be surrounded by 
a cloud of neutral non-radiating hydrogen of large mass. 

The density determination based on stationary state 
equilibrium during recombinations and cascades can be 
adapted not only to hydrogen but to any element for which 
the transition and recombination probabilities to various 
levels and other data are known. Of course, in addition, 
the permitted lines of this element must be situated in 
an accessible region of the spectrum. Unfortunately, al- 
most no element fulfils all these conditions. For He only, 
L. Goldberg (U.S.A.) has calculated transition probabili- 
ties among some levels and, from this, the concentration 
of He II based on observations of a few lines has been 
worked out. Later A. A. Nikitin (U.S.S.R.) extended and 
refined these calculations. The concentration of doubly 
ionised helium, He III, can be estimated by observed re- 
combination lines of He II. He II is very similar to hy- 
drogen: it has a nucleus and one electron and its terms 
and transition probabilities vary only by a constant factor 
from those of hydrogen. In the helium equation we can 
use the steady state equation for hydrogen with a few 
corrections. Finally, the concentration of neutral helium, 
like that of hydrogen, can be estimated from the fact that 
the zone in which helium is ionised and radiates permits 
ionising radiation to pass through. By use of the He II and 
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Ife III concentrations (the amount of He I is insignif- 
icant), we find that the total number of He atoms is rough- 
ly ten times less than hydrogen, so that helium is the 
second element in abundance. 

The recombination lines of ions of other elements are 
relatively weak. We cannot determine the ion concentra- 
tion accurately inasmuch as many atomic constants are 
still unknown. Very rough calculations have been carried 
out for the O II, C II and C III lines (which determine O III, 
( II and C IV concentrations as well). However, an esti- 
mate of the concentration of most elements can be better 
made from the forbidden lines. 


6. Radiation in Forbidden Lines 


At the beginning of this chapter, we said that the strong- 
est lines of planetary nebulae—the green doublet N,, No 
and the ultra-violet doublet \ 3,727—turned out to be for- 
bidden lines of O III and O II. Many other lines were also 
discovered to be forbidden lines of N II, Ne III, Ne IV, 
Ne V, S II, S If, Cl III and other elements. All these lines, 
in contrast to the permitted ones, are formed by transi- 
tions among low-lying terms and most often by jumps 
from the second term to the ground state. They are called 
nebular lines. Transitions from the third to the second 
term are also observed. These lines are called auroral lines, 
because they are prominent in the spectrum of the auroras. 
Usually in nebulosities these lines are many times weaker 
than the nebular ones. 

The appearance of strong forbidden lines is possible only 
when the density of matter and radiation is low. Under 
these conditions, collisions of the second kind, as well as 
jumps from excited levels upward with absorption of a 
quantum, are rare. Therefore, an atom in a metastable state 
may wait quietly until a forbidden transition down- 
ward takes place—about a minute for O III and three 
hours for O II. Our present tasks are to explain: first, to 
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what degree collisions of the second kind are present (that 
is, what per cent of excited atoms jump downward with- 
out emitting a quantum); and second, by what mecha- 
nism atoms are excited. The result of this analysis should 
be an explanation of physical conditions in nebulae and 
an estimate of ion concentration from their radiation. 
Collisions of the second kind, like all elementary proc- 
esses, are characterised by their probability, which for 
the transition 2-1 we designate as D.,. Its value for many 
atoms has now been roughly calculated using methods of 
quantum mechanics. The rate of collisions of the second 
kind per cm? per second equals ng n, Dx, where n, is the 
number of atoms in the second level and n,, the electron 
density. The magnitude of D,, depends on the electron ve- 
locity and, consequently, although not greatly, on the tem- 
perature, since both slow and fast electrons can induce 
a transition downward without radiation. On the other 
hand, the excitation probability depends greatly on tem- 
perature, since an atom can be excited only by a fast elec- 
tron whose energy is higher than that of the level, and 
the number of fast electrons depends on temperature. To 
evaluate the role of collisions of the second kind, we com- 
pare them with the number of transitions to the ground 
state accompanied by quantum radiation, n, A»,;, where 
A is the aes probability inverse to the lifetime. 


Their ratio equals ee ne Da \ __that is, it depends only on 


the properties of the oe the electron concentrations 
and, slightly, on the temperature. Thus we can calculate 
for O III (N,, No), whose A, is comparatively high (as we 
said, the transition takes about a minute),.that collisions 
of the second kind are not present up to n, = 106, which 
means that they are not present in most planetary nebulae. 
At the same time for O II they already play a role in con- 
centrations of a few hundred electrons per cm, that is, 
in all planetary nebulae. This considerably weakens the 
[O II] radiation coming from the nebula. 
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We come now to an important question related to the 
mechanism of atomic excitation. In principle, an electron 
must end up in a metastable state as a result of recom- 
binations and cascades. However, it is easy to show that 
this does not agree with observations. The radiation of 
toms by recombinations takes place in various states, in- 
cluding even fairly high ones, so that the line intensities 
(ormed by transitions from different levels are comparable. 
‘lhe Balmer hydrogen series, radiation in helium lines, etc., 
‘ire examples. 

Forbidden line radiation in nebulae acts the opposite 
way: nebular lines are the strongest, the auroral lines many 
times weaker and the forbidden lines corresponding to 
transitions from even higher states are almost never ob- 
served. 

A second objection to the recombination mechanism of 
radiation is based on data of the chemical composition of 
pas in the galaxy. Stars are almost completely made up 
of hydrogen and helium; atoms of the other clements form 
about 0.1 per cent of the total amount. The concentration 
of heavy elements, which is determined by permitted re- 
combination lines in nebulae, is close to the same value. 
Insofar as the recombination coefficients of most elements 
ire comparable in magnitude and each recombination gives 
risé to some quanta from the visible region of the spec- 
trum, the line intensities of various elements due to re- 
combination must be roughly proportional to the relative 
concentration of these elements. We can expect deviations 
in hundreds, but not in thousands, of times. Meanwhile, 
the N,, N. lines are substantially brighter than the hydro- 
pen lines—and this is incompatible with a relatively in- 
significant oxygen content. 

Starting from the fact that forbidden transitions are ob- 
served only from levels close to the ground state, I. S. Bo- 
wen (U.S.A.) proposed that excitation of ions is caused 
by electron collisions. The energy necessary to excite the 
initial state of N,, N,. radiation, for example, corresponds 
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to an average energy of particles in a gas whose tempera- 
ture is about 30,000°. However, already at 10,000-15,000° 
a Significant part of the electrons are capable of exciting 
this level, and therefore the fact that radiation is present 
still does not permit us to estimate the temperature. We 
can only say that it is higher, for example, than 5,000°. 

Compared with the second level, nearly twice as much 
energy is needed to excite the third level, from which the 
auroral lines radiate. Therefore, if the temperature is not 
very high, the number of electrons which can excite the 
third level will be relatively small. This explains the weak- 
ness of the auroral lines compared to the nebular. For the 
same reason hydrogen and helium, which have a high ex- 
citation energy in the second level, are almost never excit- 
ed by electron collisions in nebulae. A second reason for 
the weakness of the hydrogen line is the comparatively 
small number of neutral atoms of hydrogen, which is al- 
most fully ionised. 


7. Methods of Determining the Temperature 
of Nebulae 


The dependence of the relative intensity of lines on tem- 
perature led V. Ambartsumyan (U.S.S.R.) to propose a 
comparatively simple and reliable method of determining 
temperature from the relative intensities of the [O III] 
lines, 4 4,363 and N,, No. If collisions of the second 
kind are infrequent (the O III ion remains in the third 
level for a much shorter time than in the second) and 
each excitation leads to radiation of a quantum, the rela- 
tive number of quanta radiated in the lines will be almost 
exactly equal to the relative number of excitations. The 
excitation rate depends primarily on the fraction of fast 
electrons capable of exciting the level. If this were the 
only factor involved, it would be possible to estimate 
from observations the ratio of the fraction of fast elec- 
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trons which can excite the atom to the third level to 
the fraction of slower ones exciting the atom to the sec- 
ond level. From this ratio, using the thermal velocity dis- 
(ribution of the particles, it is easy to find the temperature 
of the gas. However, the excitation frequency unfortunate- 
ly depends not only on the fraction of fast electrons but 
On the excitation probability, which varies with each level. 

Calculating excitation probabilities is a complicated job. 
M. J. Seaton (England) has obtained some reliable results 
only in the last few years.* The probability of exciting 
the second level of O III roughly equals 10-16 cm2, which 
means that an electron with energy a little higher than 
(hit needed for excitation has the same probability of ex- 
citing a passing atom as of hitting a target with an area 
of 10°46 cm2, This value is called the effective cross-section. 
The excitation cross-section of the third level is roughly 
(.0°10-17 cm2. The magnitude of the cross-section falls as 
the electron velocity increases, but in most cases this is 
not significant: the number of very fast electrons is rela- 
\!lvely small and excitation is mainly produced by electrons 
with an energy just above the threshold. 

‘rom the ratios of } 4,363 and N,, N, the temperatures 
of a large number of planetary nebulae were calculated. 
They range from 9,000 to 18,000°. Some other ions besides 
() III also have both nebular and auroral lines in observable 
npectral regions. For example, the O II ion has the 
/ 3,727 and 7,325 lines, N II has the nebular doublet 
' 6,948-6,984 and an auroral line }5,755, etc. In principle, 
these lines can also be used to determine temperatures. 
llowever, the [O II] lines are not suitable for temperature 
iieferminations in nebulae because the lifetime of O II on 
(lus second level is almost 200 times longer than that of 
() Ill. Since the lifetime is so long, collisions of the second 
ina distort the relative intensities of the lines and calcu- 


* Very recently some cross-sections have been calculated in 
varlous countries with electronic computers. 
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lating them becomes harder because of our inexact values 
for electron concentration and effective cross-sections. 


The nebular lines [N II] are not weakened as much by collisions 
of the second kind; their transition is only seven times less than that 
of [O III]. Lines of [N II] and [O II] are used to determine electron 
concentrations: from [O III] we obtain the temperature and then 
calculate the ratio that the intensities of nebular and auroral lines 
for OII and NII should have at that temperature. By comparing this 
value to observations, the role of collisions of the second kind is esti- 
mated and from this we get ne . Sometimes, when collisions of the 
second kind are also important for [O III], we can find the temper- 
ature and the electron concentration simultaneously. We do this 
by recording the ratio of line intensities separately for N II and O III 
as a function of an unknown temperature and unknown ng . Substi- 
tuting the observed values in the ratio, we obtain two soluble equa- 
tions in two unknowns. Of course, we assume that the nebula is 
rather homogeneous; in any case, T and ne must be the same in the 
regions where [O III] and [N II] lines are formed. In reality, these 
lines are formed in different places, because in a region where oxy- 
gen is in the O III state, nitrogen must also be doubly ionised 
[N III]. However, in more homogeneous nebulae the method gives 
results which agree with the direct determinations of ne from the 
intensities of hydrogen lines. In a few cases the results of both 
methods can agree only by supposing that part of the matter in 
nebulae forms filaments whose density is ten times greater than 
average. The existence of such filaments is possible, although at 
present we have no idea how they could be formed. 


Recently M. J. Seaton and D. E. Osterbrock (U.S.A.) 
worked out a more reliable method of estimating electron 
concentration from the } 3,727 [O II] line. This method 
requires the use of a large telescope with a good spectro- 
graph capable of resolving the components of this line’s 
close doublet (i 3,729 and 3,726). The lowest level of both 
transitions is the same, but the upper levels are different, 
although they are very close together. In view of this prox- 
imity, the temperature influences the number of excita- 
tions in both levels equally. Their ratio depends only on 
the effective cross-section. Consequently, if after every 
excitation a quantum will radiate—that is, if collisions of 
the second kind are infrequent—the line intensity ratio 
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does not depend on temperature or density and is equal 
to the ratio of the effective cross-sections. Observations 
show that in weak rarefied nebulae, the ratio of the dou- 
blet’s components is actually the same and equal to the 
theoretical ratio. 

Collisions of the second kind begin to have an influence 
on O II when the electron condensity exceeds 10 cm-%. 
They act differently on each of the higher levels and there- 
fore the ratio of the lines alters, as the density increases. 
At a very high density (n, more than 3,000 cm’) collisions 
of the second kind become more important than downward 
transitions with radiation of a quantum. In this case a 
definite ratio among the populations of different levels is 
established. This ratio is the same as that established by 
thermodynamic equilibrium. The relative intensities of the 
doublet’s components again become fixed, independent of 
temperature and density, but they are already different 
from the original ratio. 

Between the extreme cases we have already studied, 
there is a large area of density values where both colli- 
sions of the second kind and transitions with radiation of 
a quantum are significant. In this region the relative in- 
tensity depends basically on density and, to a lesser de- 
gree, on temperature, and smoothly changes from one lim- 
iting value to another. Consequently, when a rough value 
is given for temperature, the electron concentration (the 
density of ionised gas) can be estimated from the ratio 
of the doublet’s components. We get good results from 
this method when n, is between two hundred and a few 
thousand particles per cm. This method is not suitable 
for most planetary nebulae, but it has turned out to be 
useful for many other objects. At higher densities we can 
use the same kind of a doublet in ionised sulphur 
) 6,716-6,730 [S II]. The S II ion has the same external 
electron shell as.O II (five electrons) and their spectra are 
similar. The transition probability of S II is almost ten 
times greater than that of O II; therefore, collisions of the 
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second kind play a role at higher densities. This method 
can be used to estimate n, from 103 to 3-104cm3. However, 
in planetary nebulae the lines of S II are usually weak 
due to strong ionisation. 


8. Determining the Chemical Composition of Nebulae 


If the temperature and the effective excitation cross-sec- 
tions are known, from the relative intensities of the neb- 
ular and hydrogen lines we can calculate the concentra- 
tions of their respective ions in a nebula. In effect, the 
number of excitations to the second level due to electron 


collision equals: 
Z44= nh, Ne f(T), 


where n,; is the number of ions per cm3 and f(T), a func- 
tion including the effective cross-section and the fraction 
of fast electrons capable of exciting the given ion. When 
collisions of the second kind are not important, Z,, is al- 
most equal to the number of quanta radiated by the line. 
When they are important, we must add a correction fac- 
tor. AS we saw above, radiation in the Balmer lines is pro- 
portional to n3° and depends slightly on temperature. Di- 
viding the expressions for the intensities by one another, 
we find that n;/neis proportional to the relative intensi- 
ties of the nebular and Balmer lines which can be deter- 
mined by observation. The coefficient of proportionality is 
a known function of temperature and density (the density 
enters only into the factor considering collisions of the 
second kind), and we can calculate nj/ne. 

The relative concentrations of O IIJ, O Il, N Il, S I, 
Ne III, Ne IV, Ne V, A III, A IV, A V and other ions were 
calculated this way. In some cases even auroral lines were 
used. The concentration of these ions does not give the 
chemical composition, since part of the ions might be in 
other ionisation states which do not radiate lines in the 
visible region of the spectrum. We must find a way to 
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termine the fraction of these “invisible” ions. If the 
npectrum of a star’s radiation resembled the spectrum of 
lnlack-body radiation in a wide region of the spectrum in- 
‘luding the areas responsible for the ions ionisation (from 
1,000 to 100 A), we could calculate by theory the degree 
(1. which the elements are ionised. From the concentration 
wf ane sort of ions we could determine the concentration 
i! other ions of the same element and, adding them, find 
(lu concentration of the given element in general. Unfor- 
(unutely, theoretical calculations do not give satisfactory 
tenults, mainly because stellar radiation in the ultra-violet 
leylon is very different from black-body radiation and, sec- 
imudly, because it is absorbed differently in different re- 
lous of the spectrum as it passes through the nebula. 
somewhat more reliable—although far from perfect—is 
another, semi-empirical method. It uses the assumption 
‘lit in a given nebula the degree of ionisation of different 
limi lepends only on the energy necessary to strip off the 
'lectron, We can draw a graph of this dependence using 
‘oncentration data for different ions. Among the ions 
whose concentrations are known We can choose such pairs 
uu () If and O TI, Ne III and Ne: IV, Ne IV and Ne V, etc. 
!'tam them we construct a graph whose abscissa is the 
luitvution energy of the first ion of the pair and whose or- 
(nate is the ratio of their concentrations. Each ion pair 
iikkes One point on the graph; altogether, they make a 
‘utve, Using this curve, from tlhe concentration of some 
‘ius lon we can determine the comcentrations of ions of the 
nue clement in adjacent stages of ionisation and thus 
lid the total concentration of the element. Such an analy- 
nln Wiis Curried out some time ago for a whole series of neb- 
‘thie by L. H. Aller and D. H. Menzel (U.S.A.); recently 
Allur made detailed calculations for the planetary nebula, 
'id(’ 7027, using new data of the line intensities and their 
mlective cross-sections. Below iis a logarithmic table of 
(ls relative numbers of atoms im this nebula. The average 
t lemical composition of stars hass been added for compari- 
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son. All the numbers of atoms are given in comparison to 
oxygen, whose logarithm of relative concentration is taken 
as 10.00. 


The logarithmus of relative numbers of atoms of various elements 
in NGC 7027 and in normal stars (from Aller) 


Element NGC 7027 Star Element NGC 7027 Star 
H 13.04 13.27 Ne 9.48 10.04 
He 12.0 12.0 S 9.21 8.52 
N 9.56 9.49 Cl 8.39 8.3 
O 10.00 10.00 A 8.22 9.0: 
F 6.6:* 7.7 K 6.2: 6.39 

Ca 6.6: 7.72 


Although the difference between abundances _ in 
NGC 7027 and stars seems significant in some elements, it 
never exceeds the probable error, taking into account the 
unreliability of temperature values and effective cross- 
sections, deviations of the ionisation of some elements 
from the values deduced from the average dependence, 
etc. A large increase in error results from lack of conform- 
ity in determinations of density, temperature and ionisa- 
tion in nebulae. Therefore, we can consider that differ- 
ences in the chemical composition of nebulae and stars do 
not exceed the probable inaccuracies in calculation. This 
conclusion, of course, has great significance. 


9. The Continuous Spectrum of Nebulae 


We have seen how the permitted and forbidden lines of 
hydrogen, helium, oxygen and other elements arise. Nebu- 
lae, however, have a continuous spectrum as well. Its in- 
tensity in the visible region, as measured by T. L. Page 
(U.S.A.), almost never changes with wave-length and con- 
tains roughly the same energy at 100 A as in the H 6 line. 
Beyond the Balmer limit hydrogen radiation formed by re- 
combinations to the second level is superimposed on this 
continuous spectrum. At first an attempt was made to ex- 


* The colon indicates less accurate estimates. 
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plain radiation in the visible region as the result of recom- 
binations of hydrogen atoms to the third level or of free- 
free transitions. However, the observed radiation turned 
out brighter than could be expected from this theory. It is 
also impossible to explain the continuous spectrum by con- 
sidering it as light of a star scattered by dust in the nebu- 
la, since in the visible region the radiation energy of the 
nebula is higher than that of a star. It was so difficult to 
explain this phenomenon that some people began to doubt 
that it was a continuous spectrum at all. They suspected 
that it might be a collection of lines too weak to show up 
Individually in the spectrographs with small dispersion 
and wide slit used to study nebulae. However, Otto Struve 
(U.S.A.) made special observations with a narrow-slit 
spectrograph requiring several nights’ exposure and 
showed that it really was a continuous and not a line spec- 
trum. 

The following explanation of the nature of the surplus 
strength of the continuous spectrum of nebulae was finally 
made by A. Kipper (U.S.S.R.) and a little later by Lyman 
Spitzer and Jesse Greenstein (U.S.A.). It was already 
known that some atoms can make a forbidden transition 
in which two quanta instead of one are radiated. Their 
total energy equals the energy of the transition. In particu- 
lar, the hydrogen atom can make a forbidden transition 
from one of the sublevels of the second level (2s) to the 
ground state (ls) [there is a permitted transition down- 
ward from another sublevel (2p) which forms the L, line]. 
The probability of the transition with two-quantum radia- 
tion is not so small: it takes about .12 second, compared 
to 108 for La. Consequently, every time the electron 
turns up in the 2s level as a result of recombinations and 
cascades, two quanta will be radiated. Kipper assumed 
that these two quanta given off by the 2s-,1s transition 
make up a substantial part of the continuous spectrum of 
nebulae. Actually, although the sum of the energies of 
these quanta is fixed, the energies themselves can have 
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any value, so that as a whole we obtain a continuous spec- 
trum with frequencies from zero to the frequency of Lag. 
The brightness of the radiation emitted by two-quantum 
transitions depends on the population of the 2s level which, 
like the population of other levels, is proportional to the 
number of recombinations. Therefore, the intensity of the 
continuous spectrum must be proportional to the intensity 
of the hydrogen lines and the continuous recombination 
spectrum beyond the Balmer and other limits. 

Spitzer and Greenstein, and Seaton (England) in 
greater detail, compared the intensity of the two-quantum 
radiation to other processes making up the continuous 
spectrum. They found that two-quantum transitions emit 
from 20 per cent of the over-all radiation in the green re- 
gion to 50 per cent in the violet. The rest is given off by 
recombinations of hydrogen and ionised helium and by 
free-free transitions. The calculations in general agreed 
with observations, but in some bright planetary nebulae 
the intensity of the continuous spectrum turned out to be 
somewhat lower than would be expected theoretically. It 
was necessary to take into consideration the fact that at 
high densities part of the atoms can collide and jump from 
the 2s to the 2p state. The probability that this will happen 
is very great—much larger than the probability for colli- 
sions of the second kind—since there is virtually no change 
in the atom’s energy during this process. Of course, colli- 
sions can also lead to reverse transitions from 2p to 2s, but 
these transitions are much less frequent, because the pop- 
ulation of the 2p level, which retains its electrons only 
10-8 seconds, is small. Adding the effect of the 2s-2p tran- 
sition led to a rough agreement of theory and observation 
even in bright nebulae. We must keep in mind that two- 
quantum transitions take place in other atoms too—in par- 
ticular, in helium atoms (21!S-11S) and ionised helium 
atoms similar to hydrogen. The radiation emitted in these 
transitions can also make up a part of the observed radia- 
tion from the continuous spectrum. 
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10. Thermal Balance and the Temperature of Nebulae 


Up to now we have considered the temperature of a neb- 
ula as a given value determined from observations of for- 
hidden lines. Now we must explain how nebulae are 
heated and cooled and what factors determine the temper- 
uture. This question has been explored by V. V. Sobolev 
(U.S.S.R.), L. H. Aller (U.S.A.) and some others. The 
heating source of the gas turns out to be ultra-violet radia- 
(ion from hot stars. When a hydrogen atom is ionised, the 
ejected electron has an energy equal to the difference be- 
(ween the energy of the quantum and that necessary for 
lonisation. In other words, this energy is proportional to 
the difference in frequency between the quantum and the 
l.yman series limit. Obviously, the average magnitude of 
this difference depends on the star’s temperature. The 
hotter the star, the farther its radiation maximum moves 
Into the short-wave region of the spectrum and the higher 
on the average the energy of the stripped electron be- 
comes. We can determine this average energy by dividing 
ull the energy in the ultra-violet region of the spectrum be- 
yond the Lyman limit by the number of quanta in this ra- 
diation and then deducting the ionisation energy of hydro- 
zen. The value obtained is quite high. For stars with nuclei 
us hot as those of planetary nebulae, the temperature cor- 
responds to 50,000-100,000°. Of course, we must take into 
uccount that stellar radiation is not the same as black-body 
radiation and that there are especially strong differences 
in the Lyman continuum and beyond the limit of the basic 
Ife I and He II series. This somewhat lowers the average’ 
energy of the quantum. The stripped electron quickly col- 
lides with other electrons and exchanges energy with 
them, establishing a thermal distribution. If there were no 
factors to cool the gas, the average energy of the electron 
Kas would be the same as that of the ejected electrons. 
ut observations show that the temperature of nebulae 
(oes not rise above 20,000°. Consequently, there must also 
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be processes which use up part of the energy of the elec- 
tron gas. These processes are atomic excitation by colli- 
sions and also free-free transitions in which the energy of 
the electron gas is turned into radiation quanta which es- 
cape from the nebula. Recombination radiation in hydro- 
gen lines does not lead to cooling; it takes place at the ex- 
pense of the energy binding the electron to the nucleus, 
which is chemical, not kinetic, energy. 

The expenditure of energy due to excitation depends 
strongly on the chemical composition of the nebula. If it 
contains only hydrogen and helium, the level nearest to 
the ground state is very high and an energy corresponding 
to 80,000° is needed for excitation. Therefore, at a temper- 
ature of, for example, 10,000°, only a small part of the 
electrons can excite hydrogen and the loss of energy will 
be correspondingly small. Cooling due to free-free transi- 
tions is also slow at low temperatures; therefore, the tem- 
perature must rise to some tens of thousands degrees. The 
temperature of a pure hydrogen planetary nebula (or one 
with a small amount of helium mixed in) thus must exceed 
20,000-30,000*. However, even small concentrations of 
other elements change the situation. Oxygen, nitrogen, sul- 
phur and other ions have low-lying states which can al- 
ready be excited at temperatures on the order of 10,000°. Al- 
most all these states are metastable; transitions downward 
from them are forbidden by the selection rules. If the den- 
sity were high and collisions of the second kind were fol- 
lowed by excitation of the level, much of the energy would 
return to the electron gas and only a little would escape in 
the form of quanta. 

But in a nebula the density is low and collisions of the 
second kind infrequent, so that most excitation leads to 
forbidden line radiation. Inasmuch as the probability of 
their being absorbed is small, the forbidden quanta escape 
freely from the nebula. 

Once we accept the hypothesis that the principal part 
of energy coming from hydrogen ionisation goes into the 
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excitation of forbidden lines, we can establish a state of 
equilibrium which determines the nebula’s temperature. 
The energy coming in is equal to the ionisation rate or the 
recombination rate, which are equal in a steady state, mul- 
tiplied by the average difference between the energies of 
an ejected and of a recombining electron (the energy of 
the latter determines the gas temperature). Inasmuch as 
each recombination leads to the appearance of a Balmer 
series quantum, the energy input in the last analysis will 
be proportional to the number of Balmer quanta and the 
average difference in the energy of the electrons. As the 
gas temperature rises, the incoming energy decreases, since 
both the average difference in energy of the stripped 
and the recombining electrons and the recombination rate 
decreases (the latter because fast electrons are captured 
by protons less efficiently than slow ones). On the other 
hand, expenditure of energy must rapidly increase with 
temperature, since a large part of the electrons can now 
excite the forbidden levels. Therefore, in every case some 
kind of temperature equilibrium must be established. To 
calculate it we need to know the ratio of the total intensi- 
ties of all forbidden lines to the Balmer lines and the tem- 
perature of the central star—to be more exact, the average 
energy of the ejected electron. All other properties of the 
nebula—distance, size, absolute brightness, etc.—can be 
left out, because they will be the same in the expressions 
for incoming and for outgoing energy. 

The calculation of the summed intensity of the forbid- 
den lines can be carried out theoretically for given temper- 
atures and chemical compositions. However, inasmuch as 
the composition, the excitation cross-section and the de- 
gree of ionisation have not been determined accurately, ob- 
served intensities are usually taken directly, using the 
somewhat faulty assumption that all the important lines 
are found in the visible part of the spectrum. The temper- 
ature estimated this way is different for different plane- 
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tary nebulae; its values, according to Sobolev, range from 
13,000 to 19,000°. In general, they are accurate within the 
range of probable error in observations and calculation 
and agree with the magnitude found from the intensity 
ratio of the nebular and auroral lines. This shows that our 
concepts of the processes determining the radiation and 
temperature of nebulae are basically correct. 

We must mention one more mechanism which can excite 
the radiation of some lines in nebulae. This mechanism, 
unlike recombination and excitation by collision, has no 
significance in principle; we can consider it merely as a 
curiosity, one of nature’s whims. Bowen noticed that a few 
permitted ultra-violet lines of O III are visible in the spec- 
trum of nebulae when most other permitted lines are ab- 
sent. It turned out that all these observed lines have a gen- 
eral upper level, which in the diagram of terms is sepa- 
rated from the ground state by a distance almost exactly 
the same as that between the ground state and the second 
level of He II. The plan of the terms of He II is similar to 
that of the terms of hydrogen, but on a larger scale. The 
9» 1 transition corresponds to the La line, but the wave- 
length of the quantum is four times less, 303.8 A. Just as 
each quantum absorbed by the nebula beyond the Lyman 
limit after a series of transformations gives a quantum of 
La, SO quanta beyond the limit of the He II main series 


are transformed into quanta of \ 303,8 A. The intensity of 
the radiation in this line should be quite high, especially 
since its quanta do not immediately escape from the nebu- 
la, but accumulate, being absorbed and radiated many 
times. The 303.8 A line excites O III ions up to the level 
whose height, as we said earlier, is almost exactly equal 
to the energy of the quantum. Transitions from this level 
to a lower one give the observed O III ultra-violet lines. At 
the same time, the levels next to O III are not excited and 
transitions from them are not observed. 
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Here we conclude our examination of the processes 
leading to the radiation of planetary nebulae; now we shall 
briefly discuss their dynamics and evolution. 


11. The Dynamics and Evolution of Planetary Nebulae 


Spectrograms of planetary nebulae 
show that most of them are expanding. 
‘ig. 12 is a section of a spectrogram of 
the nebula NGC 7662 taken by O. C. 
Wilson (U.S.A.) with a spectrograph 
whose slit has been replaced by a plate 
with a number of parallel slits. When 
the telescope throws an image of the 
nebula on to this plate, each slit cuts 


Its strip from the image. In the focal 
plane of the spectrograph camera each 
mmission line is made up of a number 
of these strips. In the photograph we 
nee the [Ne III] line A 3,869 A. It is 
misy to see that near the centre of the 
nebula the lines are split and at the 
«dye, fused. This shows that the nebula 


Fig. 12. Planetary 
nebula NGC 7662 
photographed in the 
\ 3.869 line [Ne III] 
with a multiple-slit 
spectrograph. The 
splitting of the line 
is caused by ex- 
pansion of the 
nebula (Palomar 
Observatory) 


is expanding: in the centre, the front 
vide moves toward us and the lines are displaced toward 
(he violet; the back side is receding and its lines are dis- 
pliced toward the red. As a result we see two components. 
At the edge of the nebula, gas moves almost perpendicu- 
lurly to the line of sight and the lines from the front and 
lick are not displaced, but fused together. The velocity 
of the expansion on the average equals 20 km/sec, al- 
though certainly not in all cases. 

l‘irst of all, we have difference inthe nebulae themselves. 
some expand with a speed of about 10 km/sec; others— 
wlthough it is true that there are only a few of them—with 
uw velocity of 25-30 km/sec or higher. More interesting are 
(he differences in expansion velocity within a single nebu- 
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la, as determined by lines of different ions. Wilson ascer- 
tained that expansion from weakly ionised atoms (O I, 
O Il, S II, N II) takes place faster than that from [Ne III], 
[O III], but the lines of still more highly ionised elements 
[Ne V] showed very little expansion velocity. The velocity 
from hydrogen is close to the average velocities from 
[Ne III] and [O III]. We might think that the different ions 
move in a single gas mass, but have different velocities 
due to the action of various forces—for example, radiation 
pressure. However, it has been proved that they should 
have almost uniform velocities because of their mutual 
friction. We must conclude that the various ions lie in 
different strata of the nebula which are expanding at dif- 
ferent velocities. This fully agrees with slitless spectro- 
graph observations (Fig. 6): multiply ionised ions in gen- 
eral radiate in regions closer to the nucleus than singly 
ionised atoms, although the regions of radiation are not 
sharply divided. The stratification of the radiation is ex- 
plained by the fact that atoms are more highly ionised 
close to the star. 

This dependence of the velocity of expansion on the 
degree of ionisation means that the interior layers of the 
nebula expand more slowly than the ones farther out—in 
other words, the velocity in the nebula increases outward. 
What causes such a velocity distribution? Before we an- 
swer this question, we must first explain why the nebula 
iS expanding at all. If we exclude the hypothesis that 
the gas got its velocity when it was expelled from a star 
(at the present time we have no way to explain such an 
expulsion), there are two forces. which could explain ex- 
pansion: gas pressure and radiation pressure. Inasmuch as 
the nebula is a comparatively hot, dense gas cloud sur- 
rounded by a much more rarefied medium, gas pressure 
must lead to an expansion of the neiula at the speed of 
sound, which is somewhat higher than the speed of atomic 
thermal motion (the velocity of hydrogen atoms at a 
T=10,000° is around 12 km/sec). This phenomenon is 
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analogous to the expansion of a hot gas cloud formed 
by explosion. If expansion takes place through the ac- 
tion of gas pressure, the expansion velocity should be 
somewhat higher in the external parts than in the interior 
layers. 

A possible second reason for expansion might be the 
pressure caused by ultra-violet quanta coming from the 
star. The quantum transmits its share of motion to the 
utom absorbing it and the atom gets a small velocity di- 
rected away from the star. A rough calculation shows 
that this effect is less important than gas pressure. 

Radiation pressure is not due only to the effect of quan- 
ta in the Lyman continuum. L, radiation must piay an 
even greater role. It should be recalled that the quanta 
lonising hydrogen are transformed by the nebula into L. 
and some other lines. Quanta of La cannot escape from 
the nebula immediately after their formation, because the 
Optical depth in the centre of the line is much greater than 
unity. If the nebula were motionless or expanded with the 
sume speed at all points, its optical depth would be 104- 
103.* As Ambartsumyan pointed out, the increase in diffu- 
sion time of L, quanta is accompanied by a corresponding 
increase in the ratio of density of La quanta to the den- 
sity of ionising quanta in Lyman continuum. Increasing 
the density of quanta would lead to an increase in their 
pressure. However, the irregular expansion of the nebula 
lessens the degree of accumulation of quanta and the ra- 
diation pressure. This was pointed out by Ambartsumyan 
and investigated in detail by Sobolev. Actually, each layer 
radiates and absorbs the line whose frequency depends on 
the velocity of the layer as a whole (the Doppler effect) 
und whose width depends on the velocity dispersion of 
the particles. If the second stratum moves relative to the 
(irst with a speed higher than the velocity dispersion, it 


* When the optical depth is close to unity, the absorption coeffi- 
clent in the centre of L g is 10,000 times higher than that beyond the 
Lyinan series limit. 
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cannot absorb radiation coming from the first layer. The 
lines of the two strata do not coincide. This effect 
decreases the optical depth a few times, since only a thin 
layer, whose velocity difference at the edges equals the 
thermal velocity dispersion, takes part in absorption. 

H. Zanstra pointed out a more important effect allowing 
La quanta to escape even from a Stationary nebula. Its es- 
sence is the following: each atom effectively absorbs and 
radiates in a narrow spectral interval with a width of 
about 10-4 A. As a result of the Doppler effect, the absorp- 
tion frequency of various atoms moving chaotically is 
displaced. As we Said earlier, in this case the width of the 
line is determined by the velocity dispersion (in nebulae it 
equals about 0.1 A). The number of atoms with high veloc- 
ities quickly falls, so that there remain only a few atoms 
which can absorb at 0.3 A from the centre of the line. Ab- 
sorption in this frequency will be insignificant and quanta 
forming the wings of the line (they are radiated by atoms 
moving rapidly along the radius) leave the nebula almost 
unhindered. Of course, these atoms are an unimportant mi- 
nority—less than 10-4 of all quanta. But the frequency of a 
quantum changes because of the Doppler effect after every 
absorption and radiation. Thus, after the first scattering, 
quanta once again appear in the wings and again escape 
from the nebula, etc. Because of this constant loss, the ac- 
cumulation of L, quanta in comparison to the quanta of 
the Lyman continuum is less significant, only some tens of 
times greater. Correspondingly, the radiation pressure of 
La will only be that much higher than the pressure of 
ionising radiation. But even this pressure can noticeably 
affect motion in the nebula. 

What is this effect? L, quanta are formed in the depths 
of the nebula and try to escape both ways—forward and 
back—toward the star, since the opposite part of the neb- 
ula lying behind the star does not hinder the motion of 
the quanta. This part is expanding to the opposite side 
and absorbing in a different frequency. Coming from the 


62 


nebula’s depths, the L, quanta accelerate the motion of 
the outer parts and slow down the inner parts. This, in 
particular, might be one of the reasons that velocity in- 
creases with the distance from the star. 

When the optical depth of the nebula beyond the Ly- 
inan limit is greater than unity and hydrogen ionisation 
falls off sharply, L, pressure will be particularly strong in 
the transition layer where the number of neutral atoms is 
increasing and absorption growing rapidly. As G. A. Gur- 
zadyan (U.S.S.R.) showed, this can lead to separation of 
the outer part of the envelope from the interior, forming 
two-envelope nebulae. We actually do see nebulae which 
have a second, weaker envelope (See Fig. 8). Gurzadyan 
considers the presence of the second envelope to be a sign 
that the optical depth of the given nebula beyond the Ly- 
man limit is close to unity. Accordingly, in small disc- 
shaped nebulae, the depth is greater than unity (they are 
surrounded by neutral gas) and in large ring-shaped nebu- 
lae, less than unity. These nebular types evidently repre- 
sent various stages of evolution. At first the nebula is 
small and compact and its optical depth is large. The den- 
sity and the number of atoms ina column of unit cross-sec- 
tion decrease as the nebula expands. The optical depth 
then decreases and the nebula becomes first double-envel- 
Oped and then ring-shaped. Of course, division into these 
types is only conditional; the nebula’s form also depends 
On other factors connected with the way in which matter 
ls ejected from the star. If the outflow is symmetrical, a 
spherical nebula is formed. If it takes place in two oppo- 
site directions, a rather extended kind of nebula consisting 
of two symmetrical masses is formed. When the outflow 
from one area of the star is continuous, it forms a stream 
which is twisted into a spiral by the star’s rotation. Com- 
paring the number of twists to the speed of rotation, Gur- 
zadyan found that the nuclei of these planetary nebulae 
evidently rotate very slowly. The series of forms of nebu- 
lue can be explained, according to E. R. Mustel (U.S.S.R. ), 
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only by assuming that the magnetic field of the star influ- 
ences the ejection of matter. 

As we see in Fig. 12, the components of the split lines in 
the central part of the nebula remain narrow, with a width 
less than the magnitude of the splitting. Accordingly, the 
dispersion of velocities of gas inside the envelope is con- 
siderably less than the speed of expansion itself; the gas 
expands, as we Say, in a “laminar” flow, without turbulent 
motion. This explains why nebulae in most cases have 
a comparatively regular border. If the internal motion 
were strong, the nebula would quickly lose its regular 
outlines. 

Now we will see how the brightness of a nebula changes 
when it expands. When the nebula is optically thick, it ab- 
sorbs nearly all the ultra-violet radiation of the star by 
converting it into visible radiation. Therefore, the general 
radiation of a nebulosity in lines depends only on the star 
and does not change with expansion. However, as the di- 
mensions of the nebulae grow, its surface brightness falls. 
As soon as the nebula’s depth in the Lyman continuum be- 
comes less than unity, it will not absorb all the radiation 
of the star and the total radiation of the nebula will begin 
to decrease. Then the surface brightness will diminish fast- 
er, so that at some fixed dimension the nebula becomes 
practically invisible. 

I. S. Shklovsky (U.S.S.R.) presented a series of reasons 
why most observed planetary nebulae appear optically thin 
to radiation beyond the Lyman limit. In particular, this is 
proved by the presence of a scattered luminous gas around 
many nebulae (perhaps the remains of the second envel- 
ope) which could not radiate if the main mass of the neb- 
ula had absorbed all the ultra-violet radiation. He showed 
that, on the contrary, the nebula must be optically thick 
in the earliest stages of expansion. We can take a typical 
nebula and find out what its past radiation would have 
been like if the nebula were always optically thin—that 
is, strongly ionised. The radiation of a unit volume of ion- 
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ised gas is proportional to the square of the density 4; 
consequently, the radiation of the whole nebula will be 


|.s092V, where V is the nebula’s volume ( 50 means pro- 


portional to). Since p V=M, the mass of the neb- 
ula (V and M refer to the ionised part), the radiation 


| sopMooM, inasmuch as pro. If the nebula were al- 
A 


ways ionised, the mass M would not change during ex- 
pansion. At the early stage where r is, for example, a hun- 
dred times smaller, the radiation would be a million times 
yreater. However, we do not observe such objects. Such 
radiation is impossible anyway, because the brightness of 
the nebula is determined by the ultra-violet radiation of 
the star and it cannot be that intense even at high tem- 
peratures of the nucleus. In other words, ultra-violet ra- 
diation from the nucleus is not enough to ionise the nebula 
as a whole, unless it has already expanded somewhat. We 
shall return to this conclusion later and, in the meantime, 
it should be noted that the dependence of radiation on the 
nebula’s dimensions permits us to determine the approxi- 
mate relative distance to optically thin nebulae. In effect, 


M2 ; “i L _ MM? . 
if Loo, the surface intensity / D0 my Os. The radius of 


the nebula r is proportional to its angular dimension ¢ 


= 2/5 
and the distance R. From this, we find that ee 


The angular dimension » and the brightness I can be deter- | 
mined from measurements, the dependence on I being so 
weak that the measurements need not be too accurate. As 
{o the values for mass, they are known very approximate- 
ly. Their estimates are based on assumed distances, so that 
they cannot be used to determine the actual distances. 
Shklovsky made the assumption that the mass of nebulae 
varies by a factor of, say, less than ten times. Then insofar 


iis M enters in the degree = the error in distance will not 
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exceed 50 per cent. We note that it is not necessary to 
know the magnitude of the mass; it is enough that it is 
roughly the same in all nebulae, since the formula for R 
already contains an unknown coefficient in which the val- 
ue for mass can be included. 

In this way we can estimate the relative distances of 
optically thin nebulae.* In order to arrive at absolute dis- 
tances we must know the distance of at least one nebula 
as determined directly from its parallax. However, plan- 
etary nebulae are far-away objects whose parallaxes can 
be estimated only roughly. Shklovsky used the average 
distance calculated by P. P. Parenago (U.S.S.R.) from anal- 
ysis of the motion of a group of nebulae. From this, the 
distances of many nebulae have been determined. Their 
average distance is almost the same as that found earlier 
by other methods, but the distances of some nebulae some- 
times differ greatly from previous estimates. The lu- 
minosities of the nuclei were calculated from the apparent 
magnitude and distance. Some of them are much fainter 
than the brightness of the sun, while the temperature of 
the nuclei is measured in tens of thousands of degrees— 
that is, a surface.unit shines very brightly. This means that 
in size the nuclei are much smaller than the sun and, if 
their masses are comparable, the nucleus must be many 
thousands of times denser than water. As we mentioned 
‘earlier, white dwarf stars have such densities. Dense nuclei 
of nebulae can, by analogy, be called blue dwarfs or super- 
heated white dwarfs. However, most nuclei have a higher 
luminosity, a correspondingly larger radius and a smaller 
density. 

Vorontsov-Velyaminov established a connection between 
the character of the spectrum of the nucleus and that of 


* We cannot determine the distance of optically thick, partially 
ionised nebulae this way because the mass of the ionised part might 
be relatively small. The method proposed by B. A. Vorontsov-Velya- 
minov in wnich it is assumed that nebulae have the same luminosity 
is more suitable for these nebulae. 
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iis planetary nebula. Small nebulae have nuclei like Wolf- 
Rayet stars with bright spectral lines, ring-shaped nebulae 
lave nuclei with a continuous spectrum and the nuclei of 
large irregular nebulae are similar in spectrum to an ordi- 
nary O star. Starting from this and some other data, 
(;urzadyan came to the conclusion that the nucleus must 
evolve simultaneously with the nebula—in other words, 
(he nucleus must substantially change during the ten to 
(wenty thousand years when the nebula is expanding and 
ut last becoming invisible. Developing this idea, by using 
(he nuclear luminosities he had calculated, Shklovsky de- 
cided that in the process of evolution the nucleus turns 
(irst into a blue dwarf. When the nebula is already dissipat- 
cd, the blue dwarf slowly cools down and becomes an 
ordinary white dwarf. This means that the star goes 
through a stage as the nucleus of a planetary nebula be- 
fore becoming a white dwarf. The number of white dwarfs 
known to us at the present time is comparatively low 
(ibout 100), but their extreme faintness, which permits us 
(o observe only close objects, could explain this. The total 
number of white dwarfs in the galaxy must be measured 
in thousands of millions. 

Is it possible for all this multitude of stars to be formed 
from the nuclei of planetary nebulae within the lifetime of 
(he galaxy? The over-all number of non-dissipated plan- 
etary nebulae in the galaxy is in the tens of thousands; their 
wpe is from 10,000-20,000 years. Consequently, each year 
‘ome nebulae must be formed and over a thousand million 
vears, a few thousand million nebulae, which compares 
well with the probable number of white dwarfs. 

The cosmological significance of planetary nebulae does 
tot end with the fact that they form white dwarfs. As we 
icntioned earlier, the gas in the galaxy has a general mass 
which makes up a few per cent of the mass of all the stars. 
The origin of this gas is not very clear. One possibility— 
ejection of material from Wolf-Rayet and other non- 
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stationary stars—was suggested by Vorontsov-Velya- 
minov. In addition, some supergiants probably eject gas 
also. 

. According to Shklovsky, one of the most powerful 
sources of gas formation might be the planetary nebulae. In 
thousands of millions of years they must eject into the gal- 
axy gas in amounts comparable to its present over-all con- 
tent. 

What can be said about the origin of planetary nebulae? 
What type of object were they before they began to expand? 
In the early stages of its expansion the nebula is optically 
thick, so that the central hot ionised part is surrounded by 
a much colder neutral hydrogen region. This envelope, 
however, can be comparatively transparent to the visible 
region of the spectrum. But even earlier, when the density 
of the non-ionised envelope was very high, the molecules 
and negative ions which absorb even in the visible region 
must have been forming, so that the envelope was opaque 
to almost the entire spectrum. Such an envelope absorbs 
all radiation coming from within and reradiates it from its 
surface. This radiation must in general be close to black- 
body radiation at the same temperature .as the envelope. 
Since the surface of the envelope is large, radiation per 
unit of surface will be small and the temperature of the 
envelope must be lower than the temperature of an ordi- 
nary star. It can still be on the order of a thousand degrees. 
The envelope in substance must appear to be a huge cold 
star of the red giant type. The presence of a hot nucleus 
inside the envelope surrounded by a zone of ionised hydro- 
gen will become apparent when the envelope, dissipating, 
becomes semi-transparent. At this time the bright hydro- 
gen lines imposed on the spectrum of the cold star may be 
visible. Forbidden lines will still be weak due to the large 
density. : 

_ We should note that there are quite a few stars among 
the red giants with bright lines of hydrogen and other ele- 
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ments in their spectrum. The RV Tauri type, so-called 
after the star of the same name, has the same distribution 
in the galaxy as planetary nebulae. It belongs to an inter- 
incdiate subsystem. The luminosity of these stars on the 
iwverage equals the luminosity of the brightest planetary 
nebulae. Shklovsky considers these stars to be the fore- 
bears of planetary nebulae. His hypothesis is not complete- 
ly worked out yet, but its development could lead to the 
solution of the important and interesting question of the 
origin of planetary nebulae. 


Chapter Two 
DIFFUSE NEBULAE 


In addition to the planetary nebulae which we have just 
discussed—small, round, rather bright formations—there 
are also the larger and fainter diffuse nebulae mentioned at 
the beginning of Chapter One. The brightest diffuse neb- 
ula, which is located in the constellation Orion, can be 
seen with the naked eye as a faint, foggy little star, but an 
overwhelming majority of these nebulae are invisible even 
in a telescope. They are usually studied by photography, 
and now by photoelectric methods as well. 

Diffuse nebulae are more irregularly shaped than plane- 
tary ones, although they have well-determined structural 
characteristics. Usually there is one or several hot stars of 
class O or BO inside the nebula or close to it. The nuclei of 
planetary nebulae are very unusual stars; the stars exciting 
the radiation of diffuse nebulae are ordinary hot stars 
which are found even where there are no nebulae. Their 
mass is ten times that of the sun and their radius a few 
times as large. They have a surface temperature of from 
29,000 to 50,000°, somewhat lower than that of planetary 
nebulae nuclei. 

Due to the lower surface brightness, the spectrum of 
diffuse nebulae has been studied less than that of planetary 
nebulae. Usually, besides the Balmer series, the nebular 
lines [O III], [O It), [S I), [N If] can be observed. [O III] 
does not stand out brighter than the rest and the lines of 
the singly ionised elements are relatively strong. The low 
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depree of ionisation characteristic of diffuse nebulae is 
tainly accounted for by the lower temperature of the stars 
which excite it. If we consider absorption in interstellar 
space and in the nebula itself, the Balmer lines have the 
usual relative intensities. They are formed through recom- 
hinations. The forbidden lines of ions are excited by elec- 
(ron collision, just as in planetary nebulae. Collisions of 
the second kind play a smaller role—even, in most cases, 
for [O II]—because of the lower density in diffuse nebu- 
luc. In general, considering the physics of processes lead- 
Ing to quantum radiation, the differences between diffuse 
ind planetary nebulae are minor. 


12. The Temperature of Diffuse Nebulae 


Attempts to determine the gas temperature of diffuse 
nebulae by comparing the auroral and nebular lines usu- 
nily are not successful. Because of the low brightness and 
the lower temperature and ionisation, the) 4,363 [O II]] 
oxygen line is observed only in the Orion nebula. We need 
some other methods. Lyman Spitzer (U.S.A.) developed 
aun energy balance method of measuring temperatures in 
ionised regions of interstellar gas. In principle, it is the 
same as that for planetary nebulae described above. Heat- 
ing of the gas takes place through ionisation of hydrogen 
atoms; cooling, through excitation of metastabie states of 
ions of oxygen and other elements by electron collision. 
Assuming that radiation of an 09 star corresponds to a 
temperature of 30,000° and that the quantity of protons 
und oxygen ions per cm? equals one and 10-3 respectively, 
Spitzer calculated that the gas temperature should be 
uround 8,000°. He makes the assumption that the chief 
cooling agent is oxygen, whose radiation, which depends 
on temperature, has been calculated theoretically from ef- 
fective cross-sections. In this way, in contrast to planetary 
nebulae, where the intensities of the forbidden lines are 
taken directly from observation, the radiation of the more 
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rarefied interstellar gas is calculated theoretically, because 
of the difficulty in observing it. Radiation in forbidden 
lines increases rapidly as the temperature goes up. There- 
fore, possible inaccuracies in calculating the energy intake 
and output can change the temperature value only by a 
maximum of 1,000-2,000°. 

Not long ago, V. I. Pronik (U.S.S.R.) investigated the 
temperature of diffuse nebulae in more detail. He proposed 
a method of estimating their temperatures based on the in- 
tensities of the [O It] and [O III] lines. This method is es- 
sentially as follows: if the effective cross-sections of exci- 
tation and the temperature are known, from the relative 
intensities of the [O II] and Hg lines we can find the rela- 
tive concentration of O II ions in comparison with hydro- 
gen. The concentration of O III ions can be calculated the 
same way. In diffuse nebulae, oxygen is mainly in these 
two states of ionisation; there are relatively few OI and 
O IV ions. Therefore, we can set up an equation—the O II 
concentration (expressed by relative intensity of the line 
and temperature) plus the same relative concentration of 
O III equals the oxygen concentration. The concentration 
will have some more or less constant magnitude. If the 
concentration is known, this equation can be used to deter- 
mine the temperature from the relative intensities of 
[O II] and [O III]. Solution of the equation is complicated, 
but a specially constructed figure called a nomogram 
makes it possible to find the temperature graphically. 

Unfortunately, the concentrations of oxygen are known 
only approximately; therefore, the temperature we get by 
calculation differs somewhat from the true temperature. 
However, with this method we can trace temperature 
changes from point to point or from nebula to nebula, if 
their chemical compositions are taken to be identical. Its 
use in a few nebulae showed that the temperature is usu- 
ally a little higher (by 1,000-2,000°) near the illuminating 
star than some distance away. Closer to the periphery the 
temperature remains roughly constant and equals to 
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8.000°. The energy balance method, based on the observed 
intensities of forbidden lines, was adapted to these nebu- 
lae. The value of the energy input from photo-ionisation 
of hydrogen and helium was more accurately calculated 
this way, since the actual distribution of radiation in the 
ultra-violet region of the star’s spectrum, which somewhat 
differs from its distribution in a black body, could be taken 
into consideration. In the parts of the nebulae close to the 
star, the value for temperature calculated from energy bal- 
ance coincided quite well with that calculated from the in- 
tensities. In this region, therefore, the basic cooling proc- 
ess must really be connected with radiation from the ob- 
served forbidden lines. However, in the outer parts of the 
nebula the balance method gives a higher temperature. 
Consequently, there must be another source of cooling 
which, when taken into account, will lower the tempera- 
ture found from energy balance. 

This source of cooling proved to be doubly ionised sul- 
phur. S III ions have an infra-red doublet, } 9,069-9,532. 
The excitation energy in this region is small (low-frequen- 
cy infra-red quanta); therefore, this level can be excited 
by relatively slow electrons. Excitation takes place fre- 
quently and carries away much energy. Recently Aller ob- 
served that the [S III] lines in the Orion nebula are strong. 
The ionisation energy of S III is roughly the same as that 
of O II. Thus, in regions where O II is ionised and becomes 
O III (close to the star), S III must become S IV, which 
gives no strong lines. Near the star, there will be less cool- 
ing and the temperature will remain higher, at a value cor- 
responding to that calculated from the balance equation, 
since there are no strong invisible lines. At some distance 
from the star O II and S III begin to dominate, cooling be- 
comes more rapid due to [S III] and the temperature goes 
down. The temperature here only agrees with the balance- 
method temperature when the infra-red [S III] line is in- 
cluded. 
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13. The Mass of Diffuse Nebulae 


An important and popular method of studying nebulae, 
first widely used by G. A. Shajn and V. F. Gaze at the Cri- 
mean Astrophysical Observatory, is to photograph them 
through a filter which singles out a narrow strip of the 
spectrum near strong lines. Since each of these lines makes 
up a noticeable part of the radiation of the nebula, its 
brightness decreases much less than the brightness of stars 
and of the sky when a narrow band is cut from their spec- 
trum. Therefore, the nebula stands out more against the 
sky background and by increasing the exposure time we 
can obtain a more distinct photograph. The photographs 
in Fig. 9, 14, etc., were taken in the light of H,. By this 
method, many new nebulae, invisible in ordinary photos, 
were discovered at the Crimean Observatory’s Station in 
Simeiz. In the last ten years, photography through a filter 
has been carried out by many observatories. The structure 
of nebulae can be studied in greater detail from H, pho- 
tos. It is also nossible to determine their radiation intensity 
by taking an extra-focal picture of a star with intensity 
comparable to that of the nebula’s image with the same 
camera through the same filter. Knowing the star’s magni- 
tude and spectral class, we can calculate the energy com- 
ing from it and thereby estimate the brightness of the 
nebula. 

Adapting the method described in the preceding chapter, 
we can use the brightness to find the emission measure, 
n, *l, of the nebula, which is proportional to it. The 
length / of the nebula along the line of sight is expressed 
in parsecs. By assuming | to be the average visible dimen- 
sion of the nebula (we find this from the vaiue for its dis- 
tance) we can determine n,, or the density of the gas. 
Most diffuse nebulae, according to measurements made by 
Shajn, Gaze and a few other authors, have a few tens of 
protons per cm:. The concentration can be as high as 100 
in the densest nebulosities and 300 in the Orion neby- 
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la. The masses of individual nebulae can be from 0.1 to as 
much as thousands of times the solar mass. Consequently, 
the masses of large and bright diffuse nebulae must exceed 
the masses of the stars illuminating them. This is a very 
important conclusion: it shows that diffuse nebulae are not 
phenomena secondary in importance to their illuminating 
stars. In particular, diffuse, in contrast to planetary, nebu- 
lae cannot be considered to be gas ejected by the stars. 


14. The Presence of Dust in Nebu‘ae. 
Relationships Between Stars and Nebulae 


The so-called reflection nebulosities, which have a con- 
tinuous spectrum with absorption lines, are frequently 
considered to be diffuse nebulae. A typical example is the 
nebulae in the Pleiades (see Fig. 11). Their spectrum is like 
that of the illuminating stars and their luminosity a few 
tens of times lower. Their surface brightness is considera- 
bly fainter than that of the dense emission nebulae. It was 
cStablished long ago that the reflection nebulae contain 
dust which shines with reflected light. Stars illuminating 
these nebulae as a rule are members of subclasses Bl- 
B9; they are hot giants whose temperature, however, is 
lower than that of the O and BO stars lighting emission 
nebulae. Now and then dust nebulae are illuminated by su- 
pergiants of the late spectral classes. 

There are even some dust nebulae which are not lit by 
stars. We see them as darker spots in the background of 
lizht nebulae or behind stars of the Milky Way (see Fig. 
10). The question arises: should we consider the combina- 
tion of dust clouds and stars to light them an accident, or 
does it have a genetic significance connected with the con- 
ditions under which the nebulae or stars are formed? 
V. A. Ambartsumyan and S. G. Gordeladze (U.S.S.R.) used 
the following method to investigate this problem. The dis- 
(since can be calculated within which a star of given lumi- 
nosity will still light a nebula strongly enough so that the 
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latter can be observed. Thus, for example, a star with an 
absolute magnitude of zero can illuminate a nebula which 
lies within a volume of about a cubic parsec. The distance 
from the nebula to the observer is not important up to the 
limit at which the absorption of light in interstellar space 
begins to play a role since, when there is no absorption, 
surface brightness does not depend on distance. The nebu- 
la will grow smaller but not fainter with distance. If the 
distribution of stars relative to nebulae is accidental, the 
number of observed nebulae lit by stars of a given spectral 
class must be proportional to the number of such stars and 
to the volume one star of this class will illuminate. 

The calculation, later confirmed by other methods, 
shows that the conclusion that the relation is accidental 
agrees reasonably well with observational data. In partic- 
ular, Bl and B9 stars really must have the most effective 
illuminating power. Thus it was proved that dust nebulae 
are lit whenever there happens to be a bright star near by. 

The fraction of the volume illuminated by all stars close 
to the galactic plane is about one two-thousandth. At the 
present time, about 250 light nebulae are known to us in 
a layer 200 parsecs thick within a region about the sun lim- 
ited by interstellar absorption and of radius about 1,500 
parsecs. (These numbers and the following account are 
slightly different from those of Ambartsumyan and Gorde- 
ladze. P. P. Parenago revised them to agree with more con- 
temporary data.) Consequently, altogether in this volume 
there are about 500,000 dust nebulae, so that on the aver- 
age there is one nebula for every cube 14 parsecs on a side. 
The line of sight toward the galactic plane intersects seven 
nebulae in a length of 1,000 parsecs. This figure will be 
used later. 

The character of the. connection between emission neb- 
ulae and hot O and BO stars was studied by Shajn and 
Gaze from hundreds of H~ photographs taken by them. 
About half of the O, BO and Wolf-Rayet stars illuminate 
emission nebulae. Many of these stars are found in the 
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central parts of nebulae. Individual nebulosities are often 
“ssociated not with one star, but with afew or even a 
whole group of stars. Both hot stars and nebulae show a 
strong tendency to cluster together and form individual 
‘roups. Most groups of hot stars are connected with 
proups of nebulae. From analysis of the probabilities for an 
iccidental coincidence of stars and nebulae and, mainly, 
from the tendency for nebulae to associate with groups of 
hot stars rather than individual stars, we reach the con- 
clusion that this connection is not accidental, but genetic. 


15. The Relation Between Emission 
and Reflection Nebulae 


To what degree can we talk about emission and reflec- 
tion nebulae as different objects? In emission nebulae we 
observe radiation of gas excited by the ultra-violet emis- 
sion of a hot star. In reflection nebulae we see the light of 
a colder star scattered by dust. But cannot these different 
nebulae be the same kind of objects by nature and contain 
both gas and dust? In this case, whether gas in such a neb- 
ula radiates or not might depend on the temperature of 
the illuminating star. This assumption is supported by the 
fact that there are no reflection nebulae lit by O and BO 
stars. These stars, in addition to powerful ultra-violet ra- 
diation, have a luminosity higher than that of B1-B9 stars 
even in visible regions of the spectrum. If there were areas 
in the sky containing only dust, an O star by chancé lying 
near by could turn them into reflection nebulae. Also, the 
few reflection nebulae whose spectra show weak emission 
lines with a background of a comparatively strong contin- 
uous spectrum are evidence of the fact that gas and dust 
formations cannot be sharply divided. These nebulae usu- 
ally are illuminated by Bl stars. We must also explain the 
nature of the continuous spectrum we observe in emission 
nebulae. Does it have a purely gaseous origin (recombina- 
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Mp | tions and two-quantum 
4 : transitions) or does it 
partially come from the 
star’s light scattered by 
dust? 

Shajn, Gaze and Pi- 
kelner took a series of 
photographs through a 
filter of nebulae in H , 
and in the continuous 
spectrum near H, . The 
3456789 0 1 12 13 surface brightnesses 

™ shown in Fig. 13 were 
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Fig. 13. Comparison of the brightness determined by compar 

of a nebula in theHaline and in the SON with stars. Each 
continuous spectrum nebula is represented by 


a point whose abscissa 
is the brightness in He and whose ordinate, the bright- 
ness in the continuous spectrum.* Almost all the points 
are grouped along a Straight line inclined at 45°, which 
shows the proportion of brightness in H, and in the con- 
tinuous spectrum. The graph shows the relationship of al- 
most all the diffuse nebulae studied and the three plane- 
tary nebulae measured. If radiation in the continuous spec- 
trum is proportional to radiation in lines, it must be formed 
not by scattered light from dust but, like the radiation 
of planetary nebulae, from an atomic mechanism. In ef- 
fect, the calculation showed that the brightness of a dust 
nebula depends only weakly on the density of the dust and 
quickly fades as the distance from the star increases, 
while the brightness of emission is proportional to the 
square of the gas density and does not depend on the dis- 
tance from the star. Therefore, the distribution of bright- 


* The brightness is expressed in stellar magnitudes per square 
minute, meaning that an area of the nebula with a side of 1’ shines 
like a star of the given magnitude. 
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ness of reflected and emitted light should be substantially 
different. The continuous spectrum of emission nebulae, 
whose brightness in one angstrom, as in planetary nebulae, 
is about 0.01 Hs, is evidently formed by two-quantum 
transitions and recombinations of hydrogen and helium. 
Consequently, the presence of a continuous spectrum still 
is not sufficient basis to call these gas-dust nebulae. 

The continuous spectrum arising from two-quantum 
transitions must extend even into the ultra-violet wave- 
lengths up to L,. A group of American scientists made 
some interesting rocket observations studying this. In- 
struments registering radiation in wave-lengths from 1,225 
A to 1,250 A were used in rockets launched at night to a 
height of 150 km. The instruments covered a wide sky 
area as the rocket rotated. In this area, seven bright 
sources of ultra-violet radiation with dimensions of 10° or 
more were detected. One of the sources coincides with a re- 
gion around the Orion nebula where there is comparatively 
weak radiation in H, and another, with an H II region 
around the O-star y Carinae, which is relatively close to 
us. No gas nebulosities were observed near the other 
sources. In the indicated region of the Spectrum there 
should be no other strong lines of nebulae. Proceeding from 
the brightness in H, in nebulae and its upper limit in areas 
where it is not observed, Shklovsky, Pikelner and G. S. 
Ivanov-Kholodny estimated the possible intensity of the 
ultra-violet radiation in a continuous spectrum. It proved 
(o be 20-30 times less than that observed. Inasmuch as 
there are no other known processes giving such a strong 
continuous spectrum, Shklovsky suggested that the radia- 
(ion might be a highly displaced and broadened L, line. He 
connects its origin with outbursts of supernovae. The ex- 
panding envelope strongly heats the interstellar gas and 
forms particles with velocities of thousands of km/sec. Af- 
ter the expansion of the envelope slows down, part of the 
corpuscles go into the surrounding interstellar medium and 
interact with hydrogen atoms to create L, quanta. 
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The atomic character of the continuous spectrum does 
not mean that there is no dust in nebulae. It will be re- 
membered that the luminosity of emission nebulae is pro- 
duced by the ultra-violet radiation of their star and ex- 
ceeds the luminosity of the star in the visible region of the 
spectrum. On the other hand, the luminosity of the reflect- 
ing nebula is several magnitudes less than that of the cen- 
tral star. Even after we consider that the continuous spec- 
trum makes up only part of over-all emission and that the 
dimensions of emission nebulae on the average are larger 
than those of reflection nebulae, so that the total radiation 
is distributed over a larger area, the brightness of the con- 
tinuous spectrum of emission nebulae must still be a few 
magnitudes larger than the brightness of reflection nebulae. 
This can also be confirmed by direct observations. The 
average brightness of reflection nebulae, according to the 
same authors, is about 12™-5 per square minute and the 
brightness of the continuous spectrum of emission nebulae, 
as is evident from Fig. 13, usually a few magnitudes higher. 
Consequently, even if there were dust in the nebula, the 
light scattered by it would still be imperceptible against the 
bright background of the continuous spectrum of the gas. 

However, in weak emission nebulae the fraction of light 
caused by dust may already be visible. Let us look back at 
Fig. 13. In regions of strong brightness, the points lie well 
along a straight line, but at the right end of the graph we 
see noticeable deviation. Even if we leave out the three 
little squares representing nebulae with a mixed spectrum 
(weak lines on the background of the continuous spec- 
trum), the systematic bending of the points to the right is 
still apparent. Consequently, the continuous spectrum in 
these nebulae must be relatively strengthened; the bright- 
ness of the extra radiation is roughly equal to the bright- 
ness of ordinary reflection nebulae. This suggests the pres- 
ence of dust in those nebulae where it might be detected. 
The presence of dust in the brightest nebula, that of Orion, 
can be judged from the reddening of the multiple system 
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of stars, the Trapezium, illuminating it. The reddening of 
these stars is much greater than that of nearby stars; it 
corresponds to an absorption of about 2™. If the Trapezium 
is considered to be at the centre of the nebula (0.2 parsecs 
from the leading edge), the average absorption will be 
bout ten magnitudes per parsec. This is a large absorp- 
tion corresponding to a high dust density. Shajn 
und Pikelner obtained the same absorption value in this 
nebula by another method based on the non-homogeneity 
of the surface brightness of the nebula. Evidently there is 
dust in both faint and bright nebulae. At the same time 
some bright nebulae contain so little dust that stars inside 
(them are only slightly redder than the surrounding stars. 

Sometimes one part of a nebula is of an emission and 
another, of a reflection type. All this suggests that there 
ure the most highly varied relative amounts and distribu- 
tions of both gas and dust in emission nebulae. 

Another aspect of the question of similarities between 
emission and reflection nebulae is whether there is gas in 
the latter. The absence of emission in nebulae illuminated 
by B1-B9 stars does not mean that there is no gas, since a 
relatively cold star might be unable to ionise all the hy- 
drogen in the nebula. If, for example, the concentration of 
hydrogen is less than 50 atoms per cm, a Bd star can ion- 
ise a region with an emission measure of less than 1,000, 
so that the ordinary instruments will not be able to detect 
the hydrogen radiation. A concentration n=50 cm-3 is high; 
most emission nebulae contain only 20-30 atoms per cm%. 

Consequently, the absence of emission in reflection nebu- 
lae containing Bd and later classes of stars does not estab- 
lish the absence of gas. In B2-B3 stars emission can al- 
ready be detected at a density of 30 cm-3. If we use a spec- 
trograph instead of an Ha filter, emission around these 
stars can be seen at n=10-15 cm-3. These are normal con- 
centrations and therefore the absence of emission, for ex- 
ample, in the Pleiades, where no lines are visible even with 
ii spectrograph, indicates that most reflection nebulae con- 
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tain less gas than emission nebulae. It is possible that the 
difference is due to the conditions under which the nebu- 
lae were formed. The fact mentioned earlier that there is 
not one single pure reflection nebula lit by an O or BO 
star is most remarkable. We still do not know why. On the 
one hand, it is possiblesthat, since there are relatively few 
O and BO stars, they are farther away than most observed 
reflection nebulae. At a great distance a reflection nebulae 
will seem faint, partly because its brightness falls with dis- 
tance from a star and partly because of interstellar ab- 
sorption. 

However, this effect alone is evidently not sufficient. 
Perhaps the absence of purely reflection nebulae near an 
O star means that in every dust nebula there is a small 
amount of gas which radiates whenever there is a hot star 
near by. More investigation is necessary in order to solve 
this riddle. 

We should mention that in the nebulae with a mixed 
Spectrum designated in Fig. 13 by little squares (B2, B3 
and BO stars), the gas concentration must be about 60 
cm-3, Thus we see that there is apparently gas in reflection 
nebulae as a rule, but its concentration varies widely— 
from 10 to 60 or.-more atoms/cm. Summing up, we can 
say that the differences between emission and reflection 
nebulae are not as great as they may appear at first glance, 
but their average compositions nevertheless cannot be 
the same. 


16. The Distribution of Nebulae in the Galaxy 


We can easily see from a sky map that diffuse emission 
nebulae are situated along the Milky Way. This means that 
they form a plane subsystem (see the Introduction), that 
is, their distance from the galactic plane is less than 100- 
150 parsecs. 

However, we must bear in mind that hot stars also form 
a plane subsystem, so that even if there were nebulae at 
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great distances from the galaxy, they would be invisible, 
since there would be no hot stars to light them. 

The problem of the distribution of nebulae in the galac- 
tic plane is an interesting one. At the beginning of the 
book we said that hot stars form a spiral substructure. 
This structure is especially noticeable in other galaxies, 
but it also shgws up in ours if we lay out on a chart the 
direction of a hot star and its distance. To determine the 
position of the spiral arms this way, we must know the 
distances, which can be calculated from comparison of ap- 
parent and absolute magnitudes of the stars, taking ab- 
sorption into account. Recently, methods of accurate photo- 
electric determination of the colour of stars have been de- 
veloped and W. W. Morgan, P. C. Keenan (U.S.A.) and 
others have introduced precise criteria for assigning accu- 
rate absolute magnitudes. Due to these new methods, the 
position of the spiral arms near the sun has been more or 
less definitely fixed. The distances to nebulae are difficult 
to determine directly; they are found by estimating the dis- 
tance to the illuminating stars. Therefore, the same spiral 
structure that is typical of hot giant stars has been attri- 
buted to nebulae. . 

That nebulae really are distributed in spiral arms can be 
easily seen by studying nearby galaxies. Separate photo- 
graphs of them are taken through red, violet and yellow 
filters. Through the first two, the nebulae are comparative- 
ly bright (H, and [O II] lines) and through the yellow 
filter, faint (only the continuous spectrum). They differ in 
this way from hot star clusters which are quite visible 
even in the yellow rays. Within the spiral arms, the nebu- 
lae are also irregularly distributed. They form more or less 
close groups, and sometimes whole systems stretching 
over hundreds of parsecs. 

The large nebular group in the constellation Cygnus 
(Fig. 14) is one example. In essence, the arm itself can be 
considered a giant system of diffuse emission nebulae. 


Chapter Three 
INTERSTELLAR GAS 


Diffuse nebulae are not isolated and well-determined 
formations. Alongside the compact bright nebulae we ob- 
serve weaker, extended objects, which frequently are con- 
nected with the broad, very faint hydrogen fields first de- 
tected by O. Struve and C. T. Elvey (U.S.A.) with a nebu- 
lar spectrograph. At the present time it has been proved 
that there are weak H, lines near all O stars less than 300 
parsecs away from the galactic plane. In addition, there is 
a weak, irregular emission background almost everywhere 
in the Milky Way. In Fig. 14 we also see how a nebula 
gradually leads into a more extended gas cloud. This 
indicates that among nebulae there is a more rarefied 
gas with concentrations of less than 10 particles per 
cm*, The presence of gas of still lower density, whose 
emission is too weak to be observed by usual methods, 
can be anticipated. 


17. Interstellar Absorption Lines 


There are strong absorption lines of ionised calcium and 
weaker ones from sodium in the spectra of most stars. 
As the temperature rises, at first Na I and then Ca II are 
ionised and in the spectra of the hottest stars, their lines 
disappear. In particular, Ca II lines are weak in the spec- 
tra of class B stars and are entirely absent in the spectra 
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of class O stars. These lines have special characteris- 
tics all their own. For example, their intensity depends not 
on the spectral subclass, but on the distance to the star; 
they are stronger in more distant stars. Observations of 
spectroscopic binary stars prove with certainty that these 
lines do not belong to the star, but are formed in a gase- 


Fig. 15. Components of the Ca II interstellar line 
(Palomar Observatory) 


ous medium lying somewhere between it and the observer. 
Spectroscopic binary is the name given to pairs of stars so 
close together that we cannot see them individually even 
through a telescope. Their duality is determined from their 
spectrum. Revolving around a common centre of gravity, 
each of the two stars now approaches and now recedes 
from us; its lines are displaced now to the violet, now to 
the red end of the spectrum. But the Ca II lines take no part 
in these oscillations. Such lines, called interstellar lines, 
proved the existence of gas in space. Other interstellar 
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lines, due to atoms of Ca I, K I, Ti II, Fe II and molecules 
of CN, CH, CH II, etc., have since been discovered. All 
these lines are formed, as we might expect, from absorp- 
tion from the ground state, since excited atoms and mo- 
Iecules in interstellar space are rare. Detailed investiga- 
tion of the interstellar lines of Ca II was undertaken by 
W. S. Adams with the 100-inch Mt. Wilson _ reflector. 
Adams took about a thousand spectra of hot stars and 
determined the displacement, form and intensity of the 
lines. It turned out that the form of the lines is not sym- 
metrical; they are made up usually of a few narrower 
lines of various intensities (Fig. 15). As a rule, strong com- 
ponents have a low velocity along the line of sight, from 
7 to 10 km/sec and are fused into one line. The weaker 
components sometimes show a large displacement corres- 
ponding to a velocity of a few tens of km/sec. The split- 
ting of the interstellar lines indicates that the gas medium 
might be made up of individual clouds moving at differ- 
ent velocities. The speed of the denser, massive clouds 
producing the strong components is not high (on the ave- 
rage, 6-8 km/sec), but the speed of the smaller, rarefied 
clouds can be considerable. 

The number of components and the over-all intensity of 
the absorption in the central part of the line, where a few 
“slow’’ components merge, on the average increases with 
the distance to the star, although in isolated cases we ob- 
serve significant deviations. From analysis of observation- 
al data, B. Strémgren (Denmark) constructed a rough 
picture of the structure of interstellar gas. He found that 
a line of sight 1,000 parsecs in length along the plane of 
the galaxy intersects an average of ten clouds with a dia- 
meter on the order of 10 parsecs. Thus, the clouds oc- 
cupy about 5 per cent of the volume. The average den- 
sity of clouds, determined by the radiation lines of their 
hydrogen field, is close to ten atoms (ions) of hydro- 
gen per cm3, Between clouds, insofar as can be judged 
from the intensity of the weakest observable lines of inter- 
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stellar calcium (considering the relative concentration of 
calcium as known), the density does not exceed 0.1 hydro- 
gen atom per cm%, 

The small velocity dispersion of the basic mass of inter- 
stellar gas clouds leads to the conclusion that they are 
concentrated in a very fine layer with a thickness of approx: 
imately 250 parsecs around the plane of the galaxy. 
However, individual clouds moving more rapidly can rise 
to a great heigAt. This is confirmed by the observations of 
G. Miinch (U.S.A.) who photographed with the 200-inch 
Mt. Palomar reflector the spectra of the infrequent hot 
stars found far away from the Milky Way—at 30° or high- 
er. The light of these stars usually does not go through 
the cloud layer. Nonetheless, the interstellar lines are ob- 
served in their spectra, usually moving at rather high veloc- 
ities. There are too many line components for them all to 
be formed in the last section where the line of sight goes 
into the gas layer near the plane of the galaxy. In addition, 
the number of components on the average increases with 
the distance to the star, so that we can only interpret the 
observations as meaning that some of the faster clouds rise 
to a height of a few hundred parsecs above the galactic 
plane. 

From the intensities of the interstellar lines, Stro6mgren 
estimated the electron concentration in clouds, which 
helps us to judge the degree of hydrogen ionisation in 
them. The principle of one of the methods used is the fol- 
lowing. Using the lines of those atoms and molecules 
which are observed in two ionisation states—for example, 
Ca I and Ca II or CH I and CH JJ—we can estimate their 
relative concentrations, that is, the degree to which the 
given atom or molecule is ionised. The degree of ionisation 
determines the balance between ionisation and recombina- 
tion. Ionisation is produced by the radiation of stars and 
the rate at which it takes place can be calculated because 
we know at least roughly the number of stars of different 
Classes and the energy distribution in their spectra. 
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Kaplan (U.S.S.R.) and H Lambrecht and H. Zimmermann 
(G.D.R.) have recently carried out such calculations. The 
recombination rate itself depends on the concentration of 
free electrons, which can be calculated in the same way. 
In an average cloud, it turns out to be roughly equal to 
0.005 electrons per cm3. Since there are about ten hydro- 
gen atoms per cm? in such a cloud, this means that hydro- 
gen in typical interstellar clouds is not ionised. 

This picture of the motion and distribution in space of 
clouds, of course, is very rough. In particular, it shows no 
apparent connection between clouds and the spiral arms 
which, as we shall see, determine the gas distribution. 


18, Ionisation of Interstellar Hydrogen 


Let us examine in more detail the ionisation state of 
hydrogen, the fundamental element of the _ interstellar 
medium. This problem was studied by B. Strémgren. Ear- 
lier we mentioned that around hot stars hydrogen is mainly 
ionised and, quite far away, neutral. In particular, inters- 
tellar absorption lines show that hydrogen in typical clouds 
is not ionised. The degree of ionisation of hydrogen around 
hot stars is very high. In Chapter One we calculated that 
in planetary nebulae the number of protons is a thousand 
times greater than the number of neutral hydrogen atoms. 
A similar calculation can be carried out for diffuse nebulae. 
Nebulae as large as a few parsecs in diameter, containing 
about ten atoms per cm3 have been observed. The number 
of protons in a column with cross-section of one cm? and 
length equal to the radius of the nebula roughly equals 
1020, The number of neutral atoms cannot be much more 
than 1017, since the optical depth beyond the Lyman limit 
cannot be much higher than unity. 

Consequently, the mean number of atoms in the radiat- 
ing part of the nebula is a few hundreds of times less than 
the number of ions. 
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Let us see qualitatively how ionisation in a homogeneous 
medium with concentration n changes with distance from 
the star. From the condition that the ionisation rate, which 
is proportional to n,I (n,—the concentration of neutral 
atoms; IJ—the flux of ionising radiation), equals the recom- 
bination rate, proportional to n,n, we can find the de- 
gree of ionisation n,/n,, which is proportional to I/n,. In 
a homogeneous rgedium where hydrogen is highly ionised, 
n, can be taken as constant, so that ionisation is directly 
proportional to I. The radiation flux is inversely propor- 
tional to the square of the distance from the star and in ad- 
dition is weakened by absorption, which becomes impor- 
tant when the optical depth is equal to unity. Thus, inside 
the nebula the ionisation, which is strong around the star, 
gradually weakens proportionally to the radiation inten- 
sity. The number of neutral atoms increases, but since the 
optical depth is still low, absorption is not very significant. 
The fraction of neutral atoms increases as the border of 
the radiating part of the nebula is approached and at last 
may become noticeable. Let us assume, for example, that 
at a given distance from the star n,=0.1n, , so that if 
n;~ 10 (an ordinary cloud), nj =.1. The layer containing 
one neutral atom per cm? will have an optical depth equal 
to unity if the thickness of the layer is a little greater than 
10!” cm. Such a thickness is very low compared to the ra- 
dius of the radiating part of the cloud measured in parsecs 
{1 parsec=3-101!8cm). However, this comparatively thin 
layer lowers the radiation flux and, consequently, ionisa- 
tion, by 2.7 times. In this way, in the next layer there will 
be about two neutral atoms per cm? (here it is already 
necessary to consider the effect of n, on the ionisation 
state). The thickness of this next layer, which has an op- 
tical depth of unity, will be roughly equal to 0.6-101’cm, 
or 0.02 parsecs. The radiation flux passing through this 
second layer is weakened again by 2.7 times, so that the 
concentration of neutral atoms in the third layer will al- 
ready be about foyr per cm? and the thickness of the third 
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layer will be about 0.01 parsecs. Carrying these calcula- 
tions further, we come to the conclusion that already at 
0.02-0.03 parsecs, hydrogen will be almost fully neutral. 
To sum up, we can say that the star almost completely 
ionises the hydrogen around it up to a known distance 
called the radius of the zone of ionised hydrogen (the H II 
zone). At the border of the H II zone, hydrogen ionisation 
quickly falls to zero, so that the transition layer where the 
number of ions and neutral atoms are comparable is very 
thin and from here outward we have a neutral hydrogen, 
H I, region where no more ionising radiation penetrates. 
If all hydrogen were neutral, a layer with an optical depth 
equal to unity would have a thickness of 10!7/n cm. The 
thickness of the transition layer is a few times larger than 
this value. It is interesting that it does not depend on the 
star’s properties or the radius of the ionisation zone, but 
is determined only by density. 

Now we will see how the radius of the ionisation zone 
of hydrogen s depends on the density of the gas, and also 
the temperature and dimensions of the star. For this, we 
must recall how hydrogen line radiation is produced. Ul- 
tra-violet quanta from a star ionise hydrogen atoms, after 
which free electrons recombine, emitting among other 
quanta one quantum of the Balmer series. Consequently, 
the total number of recombinations (and the Balmer quanta 
radiated) in the entire H II zone in one second equals the 
number of ionising quanta emitted by the star. The recom- 
bination rate per cm? is proportional to n2 and since the 
medium is assumed to be homogeneous, the total number 
of recombinations in the entire volume is proportional to 
n2s3, For a given star the total number of ionising quanta 
is constant; consequently, n2s3 is constant and s is propor- 
tional to n—’*/s. In other words, the radius of the ionisa- 
tion zone decreases as the density of the gas increases. 
The full mass of ionised gas is proportional to ns, that 
is, ni. 
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Thus, the higher the density, the lower the mass of gas 
that a given star can ionise. Physically, this is explained 
by the fact that at a high density, recombination takes 
place more often and a large number of quanta are neces- 
sary to keep hydrogen in an ionised state. 

However, notwithstanding the smaller gas mass, radia- 
tion of the H II zone is easier to see at high density. In re- 
ality, the surface brightness, on which the possibility of 
picking out the nebula against the sky background de- 
pends, is proportional to the emission measure—that is, it 
is proportional to n2sxs2. This means that the surface 
brightness is inversely proportional to the square of the 
radius of the H II zone or its area. This result can be more 
graphically seen from other considerations. The total ra- 
diation of the H II zone is determined only by radiation 
of the star and does not depend on the density of the me- 
dium. This radiation is distributed over the entire area of 
the zone; the amount of energy going into one cm? is in- 
versely proportional to the over-all area. From this it fol- 
lows that if the gas density around a star of a given class 
is low, so that the radius of the ionisation zone is large, 
gas emission is distributed over a very large area and 
might be invisible to observations. 

Now we Can investigate how the radius of the ionisa- 
tion zone depends on the star’s properties. If a star’s sur- 
face is increased N times without change in temperature, 
or it is assumed that instead of one star there is a group 
of N stars of the same temperature, the number of ionis- 
ing quanta, aS well as the number of recombinations 
(=. n?s3), will be increased N times. At the same density, s 


will increase n/*times and the volume of the zone N 
times. This is all very natural. The only remaining ques- 
tion is how the radius of the ionisation zone is related to 
the star’s temperature. If the star’s dimensions are the 
same, the radius must be proportional to the cube root of 
the number of ionising quanta (beyond the Lyman limit) 
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radiated by a surface unit. This value grows rapidly with 
(emperature, so that, for example, the volume of the zone 
lonised by an 05 star (with a temperature of about 45,000°) 
is a few million times larger than the volume ionised by 
un AO star. Calculation shows that in a medium contain- 
ing one atom/cm2, the radius of the ionisation zone for an 
(5 star roughly equals 70 parsecs, for BO stars, 20 parsecs 
und for AO stars, 0.5 parsecs. The emission measure even 
for an 05 star will equal 140, much less than can be detect- 
cd by the usual observation methods. When the density of 
the medium is higher, the value of s is correspondingly 
lower. For example, if n = 10, the radius of the H II zone 
round an 05 star will be 15 parsecs and the emission meas- 
ure, equal to 3,000, so that the radiation will be easy to 
observe. The emission of the H II zone around a BO star 
will be extremely weak. From these calculations, it is 
clear why hydrogen fields with a concentration of less than 
five particles per cm? are not observed. 

Although there are few hot stars compared to the usual 
stars of classes A, F, G, etc., the general volume of the H II 
zone created by them is larger than for these other 
stars. Therefore, hydrogen ionisation in the galaxy is pro- 
duced entirely by the hot stars, mainly O stars. Knowing 
the number of these stars, we can roughly calculate the 
fraction of interstellar hydrogen all of them together 
ionise. It turns out that H II zones make up about 10 per 
cent of the volume of clouds. This agrees with the fact 
that an average cloud is not ionised. The more rarefied 
gas between clouds must be basically non-ionised (H. Zir- 
in, G. Miinch, U.S.A.). Quanta with an energy almost twice 
as great as that needed for hydrogen ionisation are neces- 
sary to ionise helium, the element second in abundance. 
Therefore, there must be fewer ionisation zones of helium 
than of H II. Radiation lines of He are observed only in 
the central regions of a few of the brightest diffuse neb- 
ulae. The weakness of lines of helium is partly connected 
also with the fact that its concentration is lower than 
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that of hydrogen and, besides, the visible region of the 
spectrum corresponds to transitions only among high 
terms which even in hydrogen give weaker lines. 


19. The Temperature of Interstellar Gas 


Hydrogen is the most common element and its ionisa- 
tion state mus@ determine physical conditions in a gas. 
We can therefore decide that conditions in the H I and H II 
zones are radically different. L. Spitzer (U.S.A.) showed 
that temperatures above all differ sharply. He calculated 
the temperature in H I and H II regions, using the energy 
balance method like that used for nebulae. 

In H II regions the energy input is determined by hydro- 
gen ionisation: the ejected electron takes on the surplus 
energy of the quantum and then distributes it among a 
few other electrons through collisions. It must be empha- 
sised that hydrogen ionisation is possible only because re- 
combinations take place also; otherwise, hydrogen would 
be fully ionised and further heating would cease. The high- 
er the recombination rate per unit of volume, the higher 
the ionisation rate will be and the more energy will be 
communicated to the electron gas. It will be recalled that 
recombination is proportional to density squared. 

Cooling of the gas takes place when ions of S IJ, N I 
and, chiefly, of O II are excited. Intensities of the corre- 
sponding lines are calculated theoretically since they are 
too weak to be easily observed. If collisions of the second 
kind do not play an important role, the resultant value for 
temperature depends only slightly on the density, since 
both heating and cooling are proportional to n2, which is 
cancelled out in the balance equation. Inasmuch as radiat- 
ing stars in H II regions are just the same as those in dif- 
fuse nebulae, the temperatures of these regions must be 
similar also, from 7,000-10,000°, depending on the star’s 
subclass. This temperature estimate is supported by ob- 
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servations of the [O I] line. An ultra-violet line cannot 
be excited at temperatures lower than 7,000-8,000°. 

In H I regions, hydrogen is not ionised. Radiation with 
a wave-length lower than the Lyman limit does not pen- 
etrate. Oxygen and nitrogen cannot be ionised either, since 
their ionisation energy is larger than that of hydrogen. 
Among the relatively abundant elements, only carbon, sil- 
icon, sulphur and iron can be in an ionised state, since their 
ionisation can be produced by quanta with a frequency 
lower than the Lyman limit. The radiation ionising these 
atoms is not from such short wave-lengths as the radia- 
tion ionising hydrogen (the ionisation. limit of carbon 
equals 1,105 A); it is rather intense even in the spectra 
of the numerous colder stars of classes B1-B5, which 
play the same role here as O and BO stars play for hydro- 
gen. Since C, Si and the other atoms are a thousand times 
scarcer than hydrogen, the radiation absorbed by them is 
not very important and there should be no sharply divided 
zones of, say, C I and C II, etc. The absorption by 
dust from which zones of C I and other elements could 
arise inside dense gas-dust clouds is more important. 

Since electrons in H I regions are produced by ionisa- 
tion of carbon and other elements, whose relative concen- 
trations are thousands of times less than that of hydrogen, 
the number of electrons in H I regions is thousands of 
times less than in H II at the same gas density. 

These figures agree with Strémgren’s data (mentioned 
earlier) for the electron concentration in clouds, which 
were obtained by comparing interstellar absorption lines. 
Due to the small electron concentration, recombinations 
in H I regions take place less frequently than in H II re- 
gions. From this we come to the interesting conclusion 
that the degree of ionisation of metals, C, Si and other 
similar elements is higher in H I than in H II regions, not- 
withstanding the absence of short-wave radiation. 

Let us investigate the temperature of H I regions. Gas 
heating is- produced when C, Si, S and metals, first of all, 
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Fe, are ionised. But, because of the small amount of these 
elements and the low electron concentrations, the recom- 
bination rate, and thus the ionisation rate, is very low. 
The energy input from photoionisation per cms is many 
thousands of times less than in the H II region (that the 
recombination probability increases at low temperatures 
must be taken into account). Inasmuch as the energy ar- 
riving is low, we must explore all possible heating and 
cooling mechanisms, even those which seem secondary, 
since, when compared to the small photoionisation input, 
these mechanisms might play an important role. 

Cosmic rays could be one of the additional factors in 
heating. We shall talk in detail about them in the follow- 
ing chapter. Meanwhile, it is enough to know that until 
a cosmic ray hits the earth’s atmosphere, it consists of the 
protons and nuclei of other atoms, and also electrons 
moving through interstellar space with enormous energies 
which exceed the energy of the thermal motion of parti- 


such a particle ionises the atoms in its path. The 
electron gets a rather substantial energy, which i 
utes to the gas by collisions with other electrons. More 
important is the ionisation of hydrogen atorffs. The con- 
centration of cosmic rays around the earth is known. Us- 
ing the hypothesis that it is the same throughout the gal- 
axy (this hypothesis has now been confirmed by radio- 
astronomy data, as we shall see in Chapter Four), Spitzer 
calculated that heating by cosmic rays is about 10 per cent 
of the heating by photoionisation of atoms in ordinary H I 
clouds. Thus, the role of cosmic rays in these clouds is 
insignificant. However, in the denser complexes of gas- 
dust clouds, where stellar radiation penetrates only weak- 
ly, cosmic rays could be the basic source of ionisation and 
heating. 

Cooling in H I zones, as in H II regions, takes place bas- 
ically through excitation of atoms by electron collision. 
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The number of ions which can be excited by collision and 
cool the gas is comparable to the density of C, Si, etc., the 
lonisation of which heats the gas. As a result the temper- 
uture of the gas turns out to be much lower than in the 
H II region where cooling ions are thousands of times few- 
er than heating ones (hydrogen). At a low temperature, 
electrons cannot excite a level whose downward transi- 
tions give lines in the visible region of the spectrum 
({O II], [N II], etc.). Therefore, if the atoms had only such 
levels, the temperature would go down to about 3,000°, 
after which cooling would decrease thousands of times, 
thus establishing an energy balance. However, in many 
atoms and ions, the ground state, which up to now we 
have considered as a single entity, is really split; it consists 
of two or three sublevels. The split sublevels are 100-300 
times closer together than the distance from the ground 
state to the second level of the ions radiating the usual 
forbidden lines. The wave-lengths emitted through forbid- 
den transitions between sublevels can best be measured 
In microns (1 » == 10-4 cm or 104 A) rather than angstroms. 
Among the more numerous ions in H I regions, such long- 
wave lines are found in C II (the transition between the 
first excited level and the ground sublevel gives a line with 
a wave-length of 156». or 0.15 mm), in O I (63,.), in Si 
II (35), in Fe II (26), etc. Excitation of the low sublev- 
cls of N II, C II and other ions takes place in H II regions 
ulso, but, since each excitation carries off very little en- 
ergy, its effect on the temperature of these regions is in- 
significant. 

The longer the wave-length of the line, the slower the 
electron which can excite it. At a relatively high tempera- 
ture, for example, 200-300° K,* the excitation of Fe II will 
use up much energy. At a temperature of less than 200° K, 
cooling by iron ions decreases, establishing equilibrium, 
but silicon ions are still somewhat excited and the temper- 


* Kelvin indicates absolute temperature, calculated from —273°C. 
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ature continues to drop. The lowest temperature limit is 
established by the lowest of the sublevels enumerated 
above, that of C II. If the principal part of carbon atoms 
are in the C II state, the equilibrium temperature will be 
22° K by Spitzer’s calculation.* However, observational 
data which we shall go into in detail suggest that the tem- 
perature is higher. In addition, from theoretical considera- 
tions, we find that carbon in the H I zone could hardly 
be in a free state. Parts of it go into the composition of 
CH, CN and other molecules. Also, atoms of carbon are 
easily adsorbed by dust particles; therefore, in gas-dust 
clouds part of the carbon must go in atomic or molecular 
form into the make-up of the particles. The process by 
which the particles grow is still not very well understood 
and therefore it is hard to say how significant a role it 
plays in adsorbing matter. Some indications show that in 
denser clouds the Ca content relative to Na is somewhat 
less than usual. This was explained by the fact that Ca 
in these cases is adsorbed by the dust particles. If carbon 
behaves this way also, the concentration of free Carbon 
will also decrease a few times. The basic “heating” ele- 
ment will become Si I and the basic cooling elements, 
O I and Si II, which have a somewhat higher excitation po- 
tential than C II. In this case, the temperature’ would be 
higher, for example, 40-50° K. Error in temperature can- 
not be too great here, since the excitation rate depends 
strongly on temperature: changing it by 107 changes the 
cooling speed two-three times. Inaccuracies in estimating 
the relative concentrations of elements, effective cross- 
sections, etc., could change the temperature only by 20-30°. 

Let us now look at other processes leading to cooling. 
One such process might be the collision of atoms and dust 
particles.** In collisions a considerable fraction of the ki- 
netic energy of the atom jumps to the atoms of the cold 


* New calculations give a figure of 18° K. 
** In interstellar gas, just as in nebulae, dust on the average has 


200 times less mass than gas. 
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particles which begin to move faster; in other words, the 
juirticle is heated and the energy of the atom is decreased 
hy the collision. To illustrate the role of this process, 
Spitzer studied a dense gas-dust cloud in which the aver- 
ze concentration of dust particles was ten times higher 
than in interstellar gas. It was assumed that photoionisa- 
tlon is insignificant due to the absorption of light by the 
cloud, and that heating and ionisation are caused by cos- 
mic rays. Then, if the gas were cooled only by dust parti- 
cles—that is, without excitation of ions—its temperature 
would be established at about 70° K. Since the presence 
in such a cloud of C I and other atoms with very low levels 
(the wave-length of the C I line equals 610» ) lowers the 
temperature to a value of less than 20°, cooling due to 
collisions with dust particles will not be significant, unless 
we consider the cloud to be anomalously dense and rich in 
dust. 

Cooling of interstellar gas can also be connected with 
the presence of hydrogen molecules in it. Dissociation 
of these molecules into atoms (one of which will be excit- 
ed) can be produced only by radiation with a wave-length 
lower than 850 A, which is already in the Lyman contin- 
uum. Consequently, dissociation can take place only in 
Ii II regions. The reverse process—the union of two free 
hydrogen atoms to form a molecule—can only happen 
when one of the atoms is excited or when the collision en- 
ergy of the atoms is much higher than the excitation en- 
ergy. Since the number of excited hydrogen atoms in in- 
terstellar space is extremely small, molecules cannot be 
formed this way. But if a hydrogen atom approaches ano- 
ther atom lying on the surface of a dust particle, they 
can form a molecule without preliminary excitation; the 
dust acts like a catalyst to stimulate the chemical reac- 
tion. In addition, dust can play an analogous role in recom- 
binations—if the ion is on the surface of the dust particle, 
the probability that an electron flying past will recombine 
with it is much larger than the recombination probability 
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with a free ion. In this way, the presence of dust decreasés 
the degree of ionisation in the gas. 

When two atoms of hydrogen unite to form a molecule, 
the binding energy is given off in the same way that en- 
ergy is released in recombinations. If the reaction takes 
place on the surface of the dust particle, the energy given 
off is transformed into heat, and the part of the particle 
lying next to the molecule, as A. A. Lebedinsky (U.S.S.R.) 
has shown, is heated and partially evaporated. The mole- 
cule itself detaches from the particle and turns into gas. 
This means that there must be molecular hydrogen in 
dense clouds containing quite a bit of dust. Molecules, like 
atoms, have many levels. In the atom the levels correspond 
to energy values of the electron. There are three kinds of 
energy in the molecule: electron energy, energy caused by 
oscillation, of the nuclei making up its atoms around their 
average position and the rotational energy of the whole 
molecule. Each of these forms of energy can take only 
determinate values. Changes in the electron energy are 
usually great; ‘they correspond to transitions which radi- 
ate quanta in the visible, or nearby, regions of the spec- 
trum. The electrons cannot be excited at low tempera- 
tures. The smallest\energy changes correspond to the rota- 
tional motion. Usually a molecule in interstellar space has 
the lowest energy value of all three kinds: electron, oscilla- 
tion and rotational energy. Collisions with neutral atoms 
of hydrogen increase the rotational energy and excite the 
corresponding sublevels. In the reverse transition, long- 
wave quanta are radiated, carrying away part of the en- 
ergy of the gas. This process resembles the cooling of a 
gas by excitation of atomic sublevels. At temperatures of 
less than 40° K, excitation of molecules is practically non- 
existent. When the temperature goes up to 50°, cooling in- 
creases sharply and keeps on growing rapidly. This means 
that the temperature of a gas inside dense clouds where 
there is molecular hydrogen cannot be higher than 50-55°. 
However, other factors effective in dense clouds lead to 
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still lower temperatures, so that excitation of the molecules 
evidently cannot play a substantial role. But it can be- 
come a basic factor in cooling if for some reason the tem- 
perature of the cloud rises for a time. 

Here we can sum up. We do not have good values for 
temperatures due to insufficient data on physical condi- 
tions in H I regions—on the concentration of various ele- 
ments, mainly free carbon, and the amount of dust, mole- 
cules of H., etc. However, we can consider the fact that 
temperatures of H I and H II regions differ sharply as 
proved. In stationary states the temperature of neutral hy- 
drogen evidently does not exceed 60-70° K at an average 
density and 40-50° K in dense clouds. Why emphasise the 
stationary state and its significance? Because most proc- 
esses cooling a gas work comparatively slowly; they can 
change the temperature noticeably only over many thou- 
sands of years and sometimes only over millions of years. 
Consequently, to reach the temperature values estimated 
above, all external factors must have changed very little 
over millions of years. This condition is not always ful- 
filled. Hot stars can be formed inside clouds, approach 
them and recede from them, a nova can erupt near a cloud, 
etc. Finally, the clouds themselves are in constant motion; 
they collide and become deformed, thereby transforming 
part of their kinetic energy into heat. Temperature de- 
pends not only on factors which heat and cool gas, but 
on the whole history of the given gas mass. We shall come 
back to this question after we look over observations 
which help us to estimate the temperature of the interstel- 
lar medium. 


20. Radio-Emission of Interstellar Gas 


Up to this point we have talked about observations ob- 
tained only in the visible regions and the ultra-violet and 
infra-red adjacent to them. This is explained partially by 
the fact that our radiation receivers (photoplates, photoele- 
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ments) are basically sensitive to these rays. But the main 
reason is that the earth’s atmosphere absorbs electromag- 
netic radiation over a considerable part of the spectrum. 
In particular, it absorbs ultra-violet radiation with wave- 
lengths below 2,900 A. With rockets to lift instruments 
up to 100 km and beyond, where absorption is very low, 
the spectrum of the sun and a few other objects in the far 
ultra-violet region have now been investigated. In the in- 
fra-red region with a wave-length higher than 104 A (1 yp), 
absorption in bands of water molecules* begins to have an 
effect, so that radiation on wave-lengths higher than 13 » 
does not pass through the atmosphere at all. From 1 to 
13 pw it gets\ through only in separate, rather narrow 
“gaps” between the bands. 

Absorption| by water molecules (water vapours) and 
oxygen O, is limportant right up to the 1 cm wave-length. 
Beginning with 1.25 cm and up to 13 metres, electromag- 
netic oscillations are not absorbed by the atmosphere to 
any appreciable\degree. At higher wave-lengths, the action 
of the ionosphere, the upper layer of the atmosphere 
where part of the\ atoms are ionised, begins to tell. The 
ionosphere is a conductor of electricity and reflects, par- 
tially absorbing, wave-lengths longer than 13-30 metres 
(the permitted limit depends on the state of the ionosphere 
and the inclination of the ray). Short-wave radio communi- 
cation is based on this; radiation from the transmitter is 
bounced off the ionosphere and returns to the earth’s sur- 
face some distance away. It continues being reflected up 
and down in this way, thus covering a large part of the 
globe. 

So the atmosphere has another transparent “‘window’”’, 
besides the optical one, in the ultra-short radio wave- 
lengths. Highly sensitive receivers, originally developed 


* Molecules absorb not in individual lines, like atoms, but in 
whole bands, due to the large number of oscillating and rotating 
levels. 


102 


for radar, register radiation in this region. The antenna 
ls usually either a metallic paraboloid focussing light on 
i) dipole, which is similar to that used in television, or on 
i whole system of such dipoles set up at fixed distances. 

Astrophysical investigations became much broader in 
scope when radio methods were adapted to them. It would 
be useless to attempt to summarise all the results of radio- 
wstronomy here, since Shklovsky’s popular book tells all 
ubout them.* We shall study only those data which help us 
(o understand the physical conditions of the interstellar 
medium. 

Observations on wave-lengths from 1-10 m show that 
radio-emission is radiated from almost every point of the 
sky. A comparatively small part comes from the sun. The 
rest is formed in the galaxy and partially in metagalactic 
space. Analysis of observational data of the spectrum from 
different regions of the sky led Shklovsky to divide galac- 
lic radiation into two basic parts. The first is emitted by 
a thin layer (400-500 parsecs) near the galactic plane; the 
second comes from a spherical subsystem with a radius 
larger than 10,000 parsecs. In addition, radio-emission is 
strengthened noticeably near the centre of the galaxy—in 
i region 300 parsecs in diameter and 150 parsecs thick. It 
is 50-100 times stronger than in the plane stratum (G. Wes- 
terhout, Holland). 

Within the plane component there are individual bright- 
cr regions—in the constellations Cygnus, Vela, etc. The 
intensity of their radiation is almost completely independ- 
ent of frequency. The intensity of the spherical compon- 
ent, the centre and the numerous small radio sources in var- 
ious parts of the sky grows with wave-length. Therefore, 
at shorter wave-lengths (up to 1-3 m) the brighter regions 
stand out more. 

Radiation from sources whose intensities do not depend 


* I. S. Shklovsky, Radioastronomy, Russ. ed., Gostekhizdat Pub- 
lishing House, Moscow, 1957. 
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on frequency has a thermal nature and originates in ion- 
ised interstellar gas—that is, in H II regions. When we sur- 
veyed the different mechanisms exciting the continuous 
spectrum (in section 2), we spoke about radiation by free- 
free transitions arising when electrons pass near ions. The 
energy of the quanta emitted is much less than the energy 
of the electron; gas at a temperature of about 10,000° 
must radiate in the infra-red and even longer radio wave- 
lengths of the spectrum. Calculations show that while the 
layer remains optically thin—that is, while absorption in 
the layer is small—the radiation intensity should not de- 
pend on frequency. If the layer becomes optically thick, 
its radiation will be like that of a black body having the 
gas temperature. 

Thus, radiation intensity of an optically thin layer must 
be lower than that of a black body at the same tempera- 
ture. The radiation of a gas layer by free-free transitions 
is proportional to n,;n,1 = nl, or the emission measure 
with a coefficient proportional to temperature and wave- 
length. On the other hand, radiation in the Balmer lines 
ional to the emission measure. We come 
to the important, conclusion that, as long as a layer is 
optically thin, its thermal radio-emission is proportional 
to radiation in hydrogen lines. 

With increase in wave-length, the absorption coefficient 
grows, so that nebulae which are bright enough (those 
with a large emission measure) will already be opaque to 
the 15-20 m wave-lengths. Their radiation intensity will 
coincide with black-body radiation, permitting us to de- 
termine the gas temperature directly. 

Observations agree well with theory. The basic sources 
of radio-emission whose intensity is independent of fre- 
quency actually turn out to be emission nebulae and large 
H II regions. Their brightness in H, , when a correction for 
interstellar absorption is included, is really proportional 
to the radio-intensity. When the optical depth is large, the 
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radio-intensity corresponds to black-body radiation at a 
temperature of about 10,000°. 

The maximums in the constellations Cygnus and Vela, 
which lie in opposite regions of the sky, have a “‘gas’’ spec- 
trum. They were explained by Shklovsky as radiation of 
ionised gas concentrated in a spiral arms. There are a large 
number of nebulae (see Fig. 14) in this arm, some of 
which are not visible in Habecause of strong interstellar 
absorption. Their radiations blend together. The source in 
the constellation Monoceros is evidently ionised gas in a 
spiral arm farther away from the sun. It is harder to find 
out whether the bright band along the galactic equator has 
a gaseous nature, since hydrogen radiation in far-away 
H II regions is absorbed by dust and cannot be compared 
to the radio-emission. B. Y. Mills (Australia) found another 
possible test. In longer wave-lengths in the observed fre- 
quency range, the radiation of the spherical component is 
more intensive than black-body radiation at 10,000°. In this 
case, the gas absorbs more energy from this radiation than 
it emits itself and in these wave-lengths we should ob- 
serve a relatively dark band instead of a light one. Experi- 
ments of this type carried out recently in Australia (G. A. 
Shajn) suggest that much of the radiation of the bright 
band is not formed by gas, but has a non-thermal nature. 
The absorption is seen not as a continuous band, but as 
“darker’”’ individual spots along the equator, with rather 
strong radiation between them. Comparing radio-emission 
at ‘the 22-cm wave-length where the H II region mostly 
radiates and at the 3.5-m wave-length where it mostly 
absorbs, Westerhout (Holland) was able to determine the 
position of the main H II regions and their hydrogen con- 
centrations. In regions near the sun, typical H II regions 
contain 5-10 protons per cm and their diameters are from 
5-30 parsecs, which agrees with the results of optical ob- 
servations. 

More interesting is the information about regions far- 
ther away from the sun which is unobtainable by other 
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methods. In the galactic nucleus right up to 2,000 parsecs 
from the centre, there is almost no ionised gas. Then the 
gas density begins to increase. At a distance of 3,000-3,500 
parsecs, it reaches an important magnitude (n,~0.2 per 
cm3), seven times greater than the average concentration 
near the sun and then falls off. Evidently in this ring there 
are a large number of hot stars which ionise hydrogen. It 
is true, as V. I. Pronik pointed out, that the observed max- 
imum of thermal radiation might be caused not by this 
far-away ring of gas, but by the comparatively close gas 
complex (evidently partially ionised) which we observe in 
the same direction. At the centre of the galaxy there is a 
dense H II zone, essentially a giant nebula, with a dia- 
meter of about 80 parsecs, a thickness of 35 parsecs and a 
concentration of about 100 particles/cm?. The mass of this 
nebulosity is about 300,000 solar masses. 

Y. N. Pariysky (U.S.S.R.) studied the centre of this re- 
gion in the 10-cm wave-length with the large Pulkovo ra- 
diotelescope,| which shows up even fine structure. At the 
edge of this nebula, he found a still denser formation with 
a diameter of about seven parsecs and a concentration of 
about 500 particles/cm’. F. Drake (U.S.A.) at 3 cm ob- 
served a central nebula and a non-thermal radiation ring 
(perhaps a double spiral) around it. Thus, observations of 
radio-emission of a “‘gas’’ nature support the picture of the 
condition of gas in H II regions. 

The spherical component of radio-emission cannot be ra- 
diation of interstellar gas for the simple reason that it has 
very high temperatures; at wave-lengths of about 30 m 
the radio-intensity of the central part of the galaxy corre- 
sponds to a temperature of about a million degrees. Even if 
there were gas in the galaxy at such a temperature, it 
would be transparent. As temperature increases, absorp- 
tion falls rapidly and its radiation would still be much 
weaker than black-body radiation at a temperature of a 
million degrees. Besides, the radiation of such a layer 
would not depend on wave-length. In Chapter Four we 
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shall talk more about the radiation mechanisms of the 
spherical component and individual sources with a similar 
spectrum. 


21. Hydrogen Radio-Emission in the 21-cm Line 


The thermal radio-emission of a gas allows us to study 
the properties of ionised hydrogen regions. In particular, 
it helps us pick out these regions even when their radia- 
tion in H, and other lines is absorbed in the interstellar 
medium. However, the H I regions are even more interest- 
ing, inasmuch as, first, they contain most interstellar gas 
and, second, optical methods give us only the most meagre 
information about them. Since hydrogen is the most abun- 
dant element, it would be extremely important to be able 
to observe it. Earlier we said that in H I regions hydrogen 
does not radiate, because all its atoms are in the ground 
state. Actually, although hydrogen atoms are really not ex- 
cited, they radiate anyway. The ground state of the hydro- 
gen atom, in contrast to that of C II, O I and other ions, 
has no fine structure, resulting from the fact that the 
electron acts as if it were a magnet and has rotational and 
magnetic moment—“spin”. The terms of hydrogen, like 
those of most other atoms, do have a hyperfine structure, 
with splitting roughly a thousand times less than normal 
fine-structure splitting. The hyperfine structure exists be- 
cause the nuclei of most atoms have, like electrons, a mag- 
netic moment. It is a thousand times smaller than the elec- 
tron spin. The nuclear spin and the magnetic moment of 
the electron interact like two magnets which attract or re- 
pulse each other. Depending on their relative orientations, 
the hyperfine levels will be displaced either to one side or 
the other. There are two possible orientations in hydrogen 
atoms: the nuclear spin is parallel or anti-parallel to the 
full moment of the electron. This corresponds to two ener- 
gy levels with such a close splitting that transitions be- 
tween them give 21l-cm radiation, which is in the radio 
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wave-lengths. The radio-emission of neutral hydrogen 
differs from that of the HII regions described above in that 
it is concentrated in lines, while H II regions give a contin- 
uous spectrum (free-free transitions). Neutral hydrogen 
can be compared to a radio-station emitting in a fixed nar- 
row frequency band and H II regions, to a lightning dis- 
charge creating radio-noise on all wave-lengths. In 1945 
H. C. van de Hulst (Holland) pointed out the astronomical 
significance of neutral hydrogen radiation and proposed 
that interstellar atoms might radiate this line. However, he 
was unable to estimate the quantities involved closely 
enough to decide whether this radiation was observable by 
modern methods, since at that time the properties of the 
given transition (mainly, its probability) were unknown. 
Shklovsky investigated in more detail the possibility of ob- 
serving the 2l-cm line. Using quantum mechanical meth- 
ods, he calculated that the average lifetime of a hydro- 
gen atom! in the upper sublevel equals eleven million years 
—a monstrously long time even by comparison with the 
long lifetimes found in ordinary metastable levels. He 
showed by these calculations that the 21-cm line could be 
observed wn proposed various ways of using it in astro- 
physical résearch. What excites the hydrogen atom to the 
upper sublevel? In contrast to electron collisions, exciting 
radiation of the usual forbidden lines, collisions among 
neutral atoms here play a greater role. Usually a heavy 
particle is not very effective for excitation because it can 
transmit only a small part of its energy to the electron. 
However, in this case it is not necessary to transmit much 
energy since the thermal energy of atoms in H I regions 
exceeds that of the upper sublevel by a thousand times. 
Consequently, almost every atomic collision can lead to 
excitation. This excitation itself differs somewhat from the 
usual process. The relative orientation of the nuclear and 
electron spins is changed by jumps from one sublevel to 
the other. This does not happen through collision; the elec- 
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tron cannot simply ‘flip over’’.* Actually, the colliding 
atoms exchange electrons. If the new electron has a spin 
in the opposite direction, the atom jumps from one sublev- 
el to the other (excitation or collision of the second kind). 
Changes in the atom’s energy are compensated for by 
changes in the relative kinetic energy. If the new electron 
has the same spin direction as the previous one, the atom- 
ic state does not change. Excitation of ordinary forbidden 
lines by electron collision also takes place with exchange 
of electrons. 

There is a high probability that electrons will be ex- 
changed: the effective cross-section is somewhat greater 
than the cross-section determining the mean free path of 
the atom [E. M. Purcell and G. B. Field (U.S.A.)]. There- 
fore, excitations and collisions of the second kind take 
place rather frequently: under average conditions in the 
cloud the atom jumps from one state to another every ten 
years or so, while transitions with quantum radiation hap- 
fen only once in eleven million years. Consequently, in 
contrast to most optically forbidden lines, collisions of the 
second kind dominate here. The atom jumps upward and 
downward due to collisions of the first and second kind 
and in rare cases a 2l-cm line quantum is emitted. Since 
the excitation energy is so small that practically every 
atom can exchange electrons by collision, the distribution 
of atoms in the sublevels is independent of temperature 
and invariable. Three-fourths of the atoms are on the sec- 
ond sublevel and one-fourth on the first. The second sub- 
level has a larger population because it in turn consists of 
three fused sublevels. They are indistinguishable under or- 
dinary conditions, but when the atom is in a magnetic 
field, the energy of these three sublevels becomes a little 
different. The splitting increases as the field gets stronger. 


* For this a strong magnetic field acting on the magnetic mo- 
ment like coupled forces (deflection of a compass needle) is needed. 
The forces which arise from particle collisions have a principally 
electrostatic character. 
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In principle, this allows us to measure the intensity of the 
interstellar field. 

In calculating radiation in the 21-cm line, it is not im- 
portant to know when each given atom jumps to the first, 
or to the second sublevel. Three-fourths of the atoms are 
always in an excited state and radiate quanta from time 
to time. Consequently, while the layer remains optically 
thin, the radiation intensity is simply proportional to the 
number of atoms in the line of sight and independent of 
temperature. When the layer becomes optically dense, the 
intensity approaches its upper limit—the radiation intensi- 
ty of a black body at the gas temperature found in H I re- 
gions. Since 21-cm radiation is thermal, it is excited by the 
kinetic energy of the atoms. Consequently, from the ra- 
diation of an optically thin layer, the number of atoms in 
the line of sight (the amount of non-ionised hydrogen) can 
ined. From radiation of an opaque layer, we can 
find out/ the temperature. Both methods are used in astro- 
physics; We shall further note that in a few cases the 
21-cm line is observed in absorption* when radio-emission 
from a rather strong source passes through the gas. 

Each atom absorbs and radiates in a narrow wave-length 
interval. As a result of the Doppler effect, this interval is 
displaced to one side or the other, depending on the radial 
velocity of the atom** relative to the observer. If the gas 
as whole is stationary, the dispersion of radial 
velocity is determined by thermal motion and the line pro- 
file, that is, the dependence of its intensity on frequency, 
has a form like that depicted in Fig. 16a. The width of the 
profile in this case depends on the gas temperature. If 
there are currents or systematic motions in the gas the 
profile might be more complicated—for example, like that 
in Fig. 16b. Atoms with a fixed radial velocity radiate and 


* The magnetic field of radio-emission “flips over’ the electron 
so that a quantum is absorbed and the energy of the atom is in- 
creased correspondingly. 

** The speed at which it approaches or recedes. 
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absorb in each given frequency. Inasmuch as the displace- 
ment of the frequency is proportional to velocity, when the 
optical depth of the gas is low, the line profile simply de- 
picts the number: of atoms in a line of sight with different 
radial velocities. From Fig. 16b, for example, it can be con- 
cluded that there are two basic streams approaching us 
and that the slower one contains more gas than the faster. 
The currents have considerable velocity dispersion. There 
are fewer atoms with intermediate speeds than atoms in 
the basic currents. 


a b 
Fig. 16. Two types of 2l-cm line profile 

Thus the 2l-cm radio-line helps us study the motions 
of interstellar gas. The advantage of this method over the 
one based on the Ca II lines, etc., is: first, that the contour 
of the radio-line can be obtained for any section of the 
sky, while absorption lines are visible only in those direc- 
tions where there are hot stars; and, second, radio-emis- 
sion is not absorbed by dust and reaches us from the far- 
thest parts of the galaxy, while the optical lines can be ob- 
served in the galactic plane only from clouds lying less 
than 1,000-2,000 parsecs away. 

The total number of hydrogen atoms in the line of sight 
equals the sum of atoms of all velocities; if the depth is 
not great, it is determined simply by the area under the 
profile. The problem arises of how to determine the distri- 
bution in space of this hydrogen, how to find out how far 
away the radiating atoms actually are. This problem too 
can be solved if we have the 21-cm profile. 
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22. The Distribution of Hydrogen in the Galaxy 


In section one, we explained how the plane and inter- 
mediate subsystems of the galaxy rotate. The innermost 
parts, with the exception of a small region around the cen- 
tre, rotate with a roughly constant angular velocity like 
that of a solid body and in the outer strata the angular 
velocity falls with distance from the centre. The interstel- 
lar gas also takes part in this rotation. The change in an- 
gular velocity with dis- 
tance, called the differ- | t 
ential rotation, can be 4 D Ft 
detected from the radi- 
al velocities of the 
stars and gas masses. 

To explain this, let us 
look at Fig. 17, which 8 
depicts the velocity of 
rotation of stars in the 
region around the sun 
C 


{ Gf 


(the sun is shown as the 


little circle). The centre a nt 
: 3 Fig. 17. Differential rotation of the 
sed aea caeasend pho galaxy. The circle designates the sun. 


Stars of the first series (A, B, C) are passing the sun. Star 
A is receding from the sun, star C is coming toward it and 
the relative radial velocity of star B is zero. Similarly, star 
K is receding, F approaching and the distance to G, DandE 
does not change. Thus, in four directions separated by 90°, 
the radial velocity caused by the rotation of the galaxy is 
equal to zero and in four directions it is maximal in abso- 
lute magnitude, attaining 20 km/sec for stars 1,000 parsecs 
from the sun. For each given direction the radial velocity 
is proportional to distance. This method enables us to es- 
timate the distances to stars by their radial velocities. It 
is true that the random velocity of the star relative to its 
neighbours causes error, but it is not very important for 
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far-away stars whose systematic component velocity is 
greater than random velocity. Comparatively reliable re- 
sults can be obtained if the method is used not for individ- 
ual stars, but for whole groups. The random components 
on the average are cancelled out and the distance to the 
group can be determined with greater certainty. Adams’ 
data confirm that the radial velocities of strong compo- 
nents of the interstellar lines 
follow the law of differential 
rotation, at least qualitative- 
ly, since exact distances to 
clouds are unknown. 

Radio data can be adapted 
to study of the distribution 
of interstellar hydrogen if we 
assume that the law of differ- 
ential rotation deduced from Fig. 18. Determination of the 

: rotational velocity of a gas 

observations of nearby stars 

of the plane subsystem will be true not only qualitatively 
but also quantitatively in the interstellar gas. However, 
for large distances the law of galactic rotation is poorly 
known since distant stars are too faint for us to determine 
their radial velocity with sufficient accuracy. Even their 
distances are not well known. This is especially true of the 
interior parts of the galaxy, where concentrations of mass 
are larger and it is harder to calculate the law of rotation 
theoretically. 

Luckily, radio observations themselves permit determin- 
ation of the velocity of rotation in the interior of the gal- 
axy. Let us look at Fig. 18 to see how it is done. The ra- 
dial velocity relative to point O (near the sun) at first 
grows with increase in the distance along the line of sight 
OA. At point A, closest to the centre of the galaxy, it 
reaches maximum and then diminishes again.* The speed 


of 


Pa 


* This is true of the region where the angular velocity decreases 
with distance from the centre. 
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of rotation at point A is directly equal to the maximal] ra- 
dial velocity of the gas observed in the given direction. 
Observing in different directions (in the galactic plane) we 
can determine the rotational velocity at various distances 
from the centre. In particular, we can find out how the 
masses determining the galactic gravitational field (main- 
ly stars) are distributed in the galaxy, since the rotational 
velocity shows directly what the acceleration of gravity is 
at a given point. 

Once the law of galactic rotation is known, we can de- 
termine the distance of the object from the known radial 
velocity, if the random velocity is small compared to sys- 
tematic. Therefore, the profile of the 21-cm line showing 
what fractions of the atoms have various radial velocities 
can be used to determine how the density of hydrogen 
changes with distance. Some difficulties arise from the fact 
that in the inner parts of the galaxy the given radial veloc- 
ity corresponds to two values of distance—up to and 
beyond point A. However, this can be corrected by using 
the circumstance that the gas layer will seem thinner at 
a point farther away. The axis of the ordinate in Fig. 16b 
canbe considered as a density scale, since hydrogen ra- 
diation depends-.only on the number of atoms. It is neces- 
sary to be sure that the galaxy is optically thin in the given 
direction. 

Observations show that in those directions where dif- 
ferential rotation affects radial velocity, the contours ac- 
tually appear as they are depicted in Fig. 16b. This means 
that at certain distances the hydrogen density increases, 
then lessens, then increases again, etc. Dutch and Austral- 
ian astronomers studied the distribution of hydrogen in 
the northern and southern parts of the Milky Way, respec- 
tively. A schematic map summarising distribution in the 
galactic plane is shown in Fig. 19. There is no doubt that 
hydrogen forms a spiral structure, although the individual 
arms are hard to follow through a few rotations. The 
thickness of the arms is 200-250 parsecs and decreases 
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with distance from the centre of the galaxy. The average 
concentration of hydrogen in them is about one atom per 
cur, Between arms the concentration is roughly ten times 


Fig. 19. Hydrogen distribution in the galactic plane as deter- 
mined from 21-cm radio-emission . 


less. That gas forms arms was recently confirmed by op- 
tical method. G. Miinch (U.S.A.) detected in the spectrum 
of relatively distant stars two systems of interstellar lines 
whose radial velocities differed by 30 km/sec. These sys- 
tems are formed in two different arms and the difference 
in speeds corresponds to the differential rotation at such 
a distance. 
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In the centre of the galaxy in a region whose thickness 
is about 130 and radius about 400 parsecs, Dutch scientists 
discovered individual gas arms rotating with speeds up 
to 200 km/sec. Such a large velocity suggests that there is 
a great cluster containing tens of millions of stars in an 
over-all radius of ten parsecs. The stellar density falls 
with distance from the centre. At a distance of about 3,000 
parsecs, there is a spiral arm receding from the centre at 
a speed of 54 km/sec (shown by arrows in Fig. 19). 

If we average the hydrogen density by “wiping out” the 
spiral structure, we find that in the central parts of the 
galaxy there are about 4 atoms per 10 cm:2. This value in- 
creases, reaching one atom per cm? at a distance of about 
6,000 parsecs and then slowly falls off. On the other hand, 
the concentration of stars constantly decreases with dis- 
tance from the centre. Therefore, in the centre, hydrogen 
makes up an insignificant fraction of the over-all density 
of matter; on the periphery it is an appreciable part (up 
to 15 per cent. In all, the gas of the galaxy constitutes 
less than 2 per cent of its mass, which is mainly distrib- 
uted in the stars of the spherical and intermediate sub- 
systems. More than 90 per cent of interstellar hydrogen 
is in a neutral state. 

Besides our Milky Way, other nearby galaxies, especial- 
ly the Andromedae nebula, were studied. The concentra- 
tion of neutral hydrogen in its branches was determined. 
Some of its arms are so far from its centre that we can- 
not detect optical (stellar) radiation in them. The law of 
rotation of the Andromedae nebula was fixed and the dis- 
tribution of its mass calculated. The fraction of interstellar 
gas in this galaxy is somewhat smaller than in ours, about 
one per cent of the total mass. In the centre of the Andro- 
medae nebula, from the [O II] lines, Miinch detected an 
expanding ring of ionised hydrogen. At a distance of 250 
parsecs from the centre, the electron concentration is on 
the order of 50/cm? and the expansion, velocity about 
60 km/sec. This means that in a year about one solar mass 
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(laws out from the centre of this region. Roughly the same 
umount flows from the centre of our galaxy, but it is in 
(he form of neutral hydrogen and at a distance of 3,000 
juursecs from the centre. Modern radio telescopes have not 
vet succeeded in discovering whether there is expanding 
neutral hydrogen in the Andromedae nebula. 


23. The Temperature of Neutral Hydrogen 


Now let us go back to the question of the temperature 
of H I regions. It is known that the thermal emission of an 
optically deep layer is like black-body radiation; its temper- 
ture can be determined from this similarity. The radiating 
stratum must be rather opaque before we can determine 
{(emperature in neutral hydrogen regions from the 2l-cm 
line intensities. 

Each atom absorbs in a narrow wave-length interval 
whose frequency depends on radial velocity. Absorption in 
ii given wave-length depends not on the number of atoms in 
the ground state along the line of sight, but on the number 
which can absorb that frequency. Consequently, absorption 
depends on the band-width of the frequency in which it 
takes place, on the difference in velocities. It is clear that 
in cases like the one shown in Fig. 16b, absorption is not 
too great in every wave-length, since the frequencies of 
various gas layers do not coincide. On the other hand, in 
Fig. 16a almost all the atoms are bunched together in a 
narrow spectral interval and absorption is higher. 

Differential galactic rotation “clarifies” the galaxy— 
makes it seem more transparent in those directions where 
the rotation substantially affects the radial velocity. This 
makes it possible to study the structure of these parts of 
the galaxy. In directions toward the centre and anti-centre, 
rotation does not affect relative radial velocity. There the 
line profile has an almost symmetrical form; its width is 
determined by the random velocities of the clouds—about 
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8 km/sec. This means that absorption must be higher in 
these directions. 

But is it so high that the layer becomes opaque? If the 
optical depth were less than unity, the radiation intensity 
would depend only on the number of hydrogen atoms in 
the line of sight. Hydrogen is concentrated in a fine layer 
with a thickness of about 200 parsecs. At the same time, 
the distance to the centre of the galaxy is about 8,000 par- 
secs. The line of sight lying exactly in the galactic plane 
penetrates this entire distance, but if it deviates from the 
plane by even 1-2°, it leaves the layer at a point nearer to 
us and the radiation intensity will be lower. Observations 
show that this is incorrect: the intensity close to the centre 
and anti-centre decreases slowly with distance from the 
galactic plane. 

This means that radiation coming from these directions 
is formed by a layer of gas which is not too tenuous—that 
is, absorption is high. In this case the radiation intensity 
should correspond to temperature. It turns out that radia- 
tion temperature is roughly equal to 125°K. This value is 
too high; Spitzer’s calculations give a magnitude of less 
than half. There is no known acceptable change in chemical 
composition or other parameters by which these values 
can be reconciled, since cooling quickly grows with tem- 
perature and at 125° it should exceed heating by 100 times. 
To explain the radio observations, we must find a supple- 
mental source of heating of H I regions more powerful 
than ionisation of C, Si and other elements. 

In connection with this, F. D. Kahn (England) pointed 
out that collisions of gas clouds must heat them up. If the 
collisions are fully inelastic—that is, if all the kinetic ener- 
gy of the colliding masses becomes heat—the temperature 
of two clouds moving at average speeds must rise to 3,000- 
4,000° when they collide. The final fate of heated clouds 
was calculated by Seaton. The gas will be cooled by ex- 
cited ions of Fe II and then, when the temperature has been 
lowered two-three times, by S II ions. Excitation of C If is 
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lmmportant only at temperatures under 125°K. At a high 
(cmperature, more intense cooling takes place and the tem- 
perature falls faster at first than at later stages. Thus, 
virious clouds colliding at different times have at each 
wiven moment a very different temperature—anywhere 
from 3,000 to 25°K, so that our understanding of the tem- 
perature of H I regions becomes somewhat vague. It can 
ln calculated that clouds will collide on the average once 
ln ten million years. During this interval denser clouds can 
‘ool to equilibrium temperature, but in less dense clouds, 
collision will raise the temperature again before the cooling 
»rocess has been completed. 

Therefore, in the line of sight there will be many clouds 
of varying temperatures. Relatively few of them will be 
hot, since the first phase of cooling takes place compara- 
tively fast. Now we must determine the average intensity 
(or temperature) of the radiation coming from such a multi- 
layered, generally opaque cloud. Since atomic radiation 
(loes not depend on temperature, the task is reduced to 
dletermining the number of atoms in the line of sight in a 
layer whose optical depth equals unity. 

The degree to which a gas is transparent depends on 
more than the number of absorbing atoms in the line of 
sight. Transitions downward with quantum radiation can be 
produced either spontaneously or through action of radia- 
tion of the same frequency (earlier we noted that the pres- 
ence of such radiation speeds up transitions). As a result of 
the induced transition, a quantum is radiated in the direction 
in which the passing quanta move. Consequently, the action 
of these transitions is opposite to the action of absorption: 
in absorption, part of the quanta move away from the 
beam; in forced radiation, they are added to the beam. In 
both cases the change is proportional to the intensity. There- 
fore, this induced emission is called negative absorption. 
It can formally be taken into account simply by lessening 
the absorption coefficient. A gas layer becomes more 
transparent when negative absorption takes place. This 
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effect is important to us, because negative absorption is 
strongest when long-wave radiation passes through a me- 
dium in which there are many excited atoms (it will be 
remembered that three-fourths of the hydrogen atoms are 
in the upper level). Under these conditions, the absorption 
coefficient and, consequently, the optical depth are in- 
versely proportional to temperature. In a hotter gas where 
there is less absorption, there are more atoms in the layer 
from which radiation reaches us and that radiation is more 
intense. Strictly speaking, the process in this case leads to 
fulfilment of a law of physics: thermal radiation of a homo- 
geneous opaque layer is black-body radiation. Negative ab- 
sorption ensures that the thickness of the transparent part 
and its radiation will depend on temperature. 

We can now determine the radiation coming from a gas 
with different layers at different temperatures. Let these 
temperatures equal T,, T., T;. The number of atoms in each 
of these layers in the line of sight will be N,, No, Ns. 
The optical depth of each layer will be proportional to 
Ni Na 
T; ; T, ; 
proportional to the total number of atoms up to the point 
where the optical depth reaches unity. This number 
N=N,+N,+TNs. From observations we determine first of all 


this number. The temperature T is found by assuming that 
the optical depth of a layer with N atoms in the line of sight 
will equal unity\This condition gives us the ratio for de- 


termining T. 


aD The temperature of the escaping radiation is 
3 


N Ny Ne Na 
Cae Tit 7,7 T, ° 
The relative values N,, No, Ns are determined by the speed 
of cooling at the given temperature. In this way, Seaton 
calculated that the escaping radiation must be close in 
intensity to that observed (T-~125°). We should note that 
T is by no means the arithmetical mean temperature of the 
clouds. In a formula of this type, low temperature values 
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uffect the average more than high ones. A simple numerical 
example proves this: for example, if T,=1,000°, T,=100° 
ind T,;=10°, and N,;=N,=N,, then radio observations give 
T =27°, while the arithmetical mean value for temperature 
equals 370°. In the case studied by Seaton, the arithmetical 
mean temperature value is close to 1,000°. If heating of 
clouds by collisions and cooling afterwards actually takes 
place, the mean (in the usual sense) temperature of H I 
regions is not as low as we thought until recently. This 
means that the basic source maintaining the temperature of 
interstellar gas in H I regions is its motion and not radiation 
of stars. In such a case, gas emits radiation at the expense 
of the processes maintaining its motion. If we could suc- 
ceed in finding a way to determine the average tempera- 
ture of clouds without using the 21l-cm line, it would be a 
good confirmation of the hypothesis of the role of colli- 
sions. 

Not long ago more detailed observations of the 21-cm 
line were carried out in separate, dense, dark nebulae situ- 
ated in those directions where rotation does not “clarify” 
the gas. It turned out that the radio temperature in these 
regions is lower than in other, opaque directions. 
This agrees with theoretical calculations giving a lower 
temperature for dense, dark regions. 

The 21-cm line radiation, generally speaking, is a cooling 
factor like radiation from C II and other ions. Therefore, it 
must be included in the energy balance. However, radiation 
takes place so rarely and the energy of the quanta carrying 
off energy is so low that, notwithstanding the overwhelm- 
ing predominance of hydrogen, its role in cooling the gas 
is still insignificant. 


24. Interstellar Dust 


The methods we have talked about up to this point for 
studying the interstellar medium by the Balmer lines, by 
interstellar absorption lines and by the 21-cm emission 
enable us to study its gas component. In addition to gas, 
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there is dust in interstellar space. We discussed this dust 
in connection with absorption and reflection nebulae; now 
we will talk about its properties in more detail. Dense dust 
clouds are easily seen as dark patches on the bright back- 
ground of emission nebulae or the Milky Way. More exact 
observations, based on calculations of the number of stars 
up to a given magnitude which are visible in different are- 
as, show that there is dust almost everywhere near the 
galactic plane. Another method of investigating absorption, 
used by R. J. Trumpler (U.S.A.), was based on the study of 
the so-called open star clusters—groups containing a few 
hundred stars. The Pleiades, Hyades, Praesepe, etc., are 
examples of such clusters. With the assumption that there 
is no absorption, the distances of clusters were calculated 
by comparing the visible magnitude of the stars to their ab- 
solute magnitude. From the distances, the diameters of the 
clusters were determined. It turned out that the diame- 
ter increases with the distance to the cluster. This result 
shows that the distances must have been overestimated, 
particularly so for more distant clusters. This was the 
first positive proof of the presence of a general absorp- 
tion of light in the galaxy and the first estimate of its mag- 
nitude. 

The over-all absorption of light by dust lying along the 
galactic plane accounts for the so-called zone of exclusion, 
a strip’8-10° wide along the Milky Way in which extraga- 
lactic nebulae are almost completely invisible. Bifurcation of 
the Miky Way (Fg20 is also the result of irregular absorp- 
tion by a dust layer. In spiral galaxies dust, rather like the 
dust in the Milky Way band, forming a dark strip along 
the equator is seen (Fig. 21). W. Baade (U.S.A.) studied 
absorption in the Andromeda nebula and a few other near- 
by galaxies in more detail. It turns out that absorption in the 
spiral arms is quite high, but between the arms, far-away 
galaxies and globular clusters lying partially on the other 
side of the plane of the Andromeda nebula are visible. This 
Suggests that dust ig concentrated mainly in spiral arms. 
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l'rom the absorption produced by them, we can trace the 
arms almost into the nucleus of the galaxy. 

A very important property of interstellar absorption is 
its selectivity. This term characterises the dependence of 


Fig. £0. Photograph of the Milky Way. The dark band 
caused by absorbing matter is visible 


the magnitude of the absorption on the wave-length of the 
light absorbed. The Russian astronomer, G. A. Tikhov, first 
noticed this selective absorption in 1909. Interstellar ab- 

sorption increases toward the blue end of the spectrum. 
Therefore, distant stars will seem redder than nearby ones 
of the same class; the blue part of their spectrum is weak- 
ened more than the red. From comparison of the colour 
of stars of one class with different distances and different 
absorptions, it was found that the magnitude of the absorp- 
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tion in stellar magnitudes is proportional to the frequency 
of the light—that is, inversely proportional to the wave- 
length. We should emphasise that this law applies only to 
visible wave-lengths. Even in the near ultra-violet and 
infra-red regions of the spectrum, deviations are observed 
und in the far regions, the law is generally inapplicable. 
Absorption is much lower in the infra-red region than in 
the visible. V. B. Nikonov, A. A. Kalinyak and V. I. Krasov- 
sky (U.S.S.R.) used this to study the central region of the 
palaxy, which is hidden by absorbing clouds. Using spe- 
cial apparatus, these scientists succeeded in getting pho- 
(ographs of it in infra-red rays. But the dense cluster at 
the very centre remained invisible. V. I. Moroz (U.S.S.R.) 
has recently attempted to detect this cluster in the far 
infra-red where absorption should be extremely weak. But 
the attempt failed. This means that absorption in the infra- 
red region decreases with the wave-length but slightly (if 
at all). Consequently, this absorption is not due to the dust 
that absorbs in the visible region of the spectrum. 

We can determine the magnitude of the absorption from 
the reddening of the star. The colour of the star is charac- 
terised as the difference of stellar magnitudes measured 
in two regions of the spectrum, for example, in the red and 
the blue. This difference is called the colour index. The 
higher it is, the redder the star. The measured colour index 
is compared with its normal value for stars of the same 
class without absorption. The difference, called the colour 
excess, is proportional to the magnitude of the total absorp- 
tion. The constant of proportionality can be calculated. . 

Many studies to determine absorption in various stars 
have established that close to the galactic plane absorp- 
tion in the visible region of the spectrum on the average 
is equal to one stellar magnitude per thousand parsecs. 
Absorption falls off rapidly as distance from the plane in- 
creases. This means that dust is concentrated in a fine 
layer about 200 parsecs thick. Parenago showed that even 
within the limits of this stratum, absorption decreases by 
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two-three on with height—that is, strictly within the 
galactic plane, absorption is higher than 2” per thousand 
parsecs. Therefore, absorption cannot be considered con- 
stant even within the boundaries of the Milky Way. The 
magnitude of absorption changes strongly from place to 
place. There \are regions, for example, in the constellation 
Taurus, where absorption is several times higher than aver- 
age and, on the other hand, there are transparent windows 
in the Milky ‘Way through which we see other galaxies, 
even though the line of sight passes a thousand parsecs 
along the galactic plane. 

It is interesting to study the character of the dust dis- 
tribution which produces the over-all light absorption in the 
galaxy. Is the dust distributed as a continuous medium 
with smoothly changing densities or does it form individu- 
al clouds like gas does? To solve this problem, Ambartsu- 
myan used fluctuations of the number of galaxies at a giv- 
en galactic latitude. If dust is distributed evenly, the 
galaxies will be distributed more or less evenly also) with 
an accuracy within random deviation, if, of course, clusters 
of galaxies are not counted. If the dust is concentrated in 
a few denser nebulae, fluctuations in the number of galax- 
ies will be significant. Deviations in the number of galaxies 
from the mean and the size of the regions where the devia- 
tions are observed give us the statistical properties of the 
dust medium. It turns out that dust is concentrated in 
clouds, each of which on the average absorbs about 20 per. 
cent of the passing light (0.2 stellar magnitude). The size 
of such a cloud is about five parsecs. More work on this 
problem was done by other scientists, particularly by 
S. Chandrasekhar and G. Miinch (U.S.A.). They studied the 
fluctuations of various characteristics: the number of stars, 
the colours of stars and galaxies, the brightness of the Milky 
Way, etc. Their results are roughly the same. The average 
number of absorbing clouds in the line of sight within the 
limits of the spiral arms turned out equal to eight per thou- 
sand parsecs. It will be remembered that approximately 
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(he same number of dust clouds were found from the 
imalysis of the relation between reflection nebulae and 
stars. Thus, clouds observed under normal conditions as 
bright nebulae are evidently the typical dust clouds which 
cause absorption of light in the galaxy. 

Are these dust clouds identical with the gas clouds we 
studied earlier? They are just as numerous and have rough- 
ly the same dimensions, but this, of course, is not 
enough evidence to consider them the same. An attempt 
was made to find a relationship between the reddening of 
the star and the intensity of the interstellar calcium lines 
in its spectrum. There is some dependence between these 
values, but it is completely indeterminate. Of course, we 
cannot expect good agreement, even if the amount of gas 
and dust is proportional, since total absorption is propor- 
tional to the amount of dust, but the line, if it is not weak, 
depends in a more complicated way on the number of 
atoms. In addition, the degree of calcium ionisation also 
varies in different clouds. Theoretically, we would expect 
the dust and gas to be related. First of all, dust is carried 
away by the gas motion, so that if the gas forms a density 
fluctuation, dust in the same region should thicken. Second, 
dust evidently forms from gas. Of course, the fact that both 
concentrate in spiral arms indicates a tie between them. 

To explain this relationship, B. Bok (U.S.A.) and a few of 
his co-workers undertook detailed study of the relative 
distribution of gas and dust. The distribution of gas was 
determined from the intensity of the 21-cm line and that 
of dust, from the decrease in the number of galaxies visible 
in a given direction and from the number of visible stars. 
Comparison gives good qualitative agreement: increase in 
the gas density always leads to increase in absorption. 
However, in denser dust complexes and especially in com- 
pact dark nebulae, the proportionality is not maintained. 
While in complexes, absorption per:parsec increases ten 
times or more and in dense nebulae, hundreds of times, 
hydrogen radiation increases in the former only a_ few 
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times and in\the nebulae only ten times. However, this still 
does not mean that there is relatively little hydrogen in 
these objects. At high dust densities, hydrogen easily 
converts into molecular form and hydrogen molecules do 
not emit radio) lines. Besides, the temperature in dense 
complexes must be much lower and should reach an inten- 
sity limit (black-body radiation) restricting further increase 
in radiation at higher hydrogen densities. Just the same, 
comparing various data, K. Schmidt (F.R.G.) came to the 
conclusion that there is relatively more dust in denser 
clouds (its density on the average is proportional to the gas 
density by the ratio 1.5). This fact might be related to the 
conditions under which the dust is formed. From radio- 
emission data, the over-all mass of hydrogen (not includ- 
ing molecules) in large complexes is estimated to be tens 
of thousands of times greater than the solar mass. Such a 
large value, as we will see later, has great significance in 
theories of star and nebula formation. 

The density of the dust can be estimated quantitatively 
from the magnitude of the absorption. Let us see in detail 
how it is done: the theory of the absorption and scattering 
of light by tiny particles was worked out for some of the 
simpler cases long ago. The character of the absorption 
depends on the matter of the particles (dielectric or electri- 
cal conductor) and on the ratio between the size of the dust 
and the wave-length of the light. 

Very small particles, significantly smaller than the wave- 
length, hardly stop the light, which is diffracted (the light 
streams past the particles) and weakly scattered. In this 
case, the amount of scattering is inversely proportional to 
the fourth power of the wave-length. If the dust particles 
are larger than the wave-length, they simply block out the 
light. Its weakening is determined only by the geometrical 
cross-section of the dust independent of wave-length. 
If the particles are the same size or slightly smaller than 
the wave-length, their effect on the light depends both on 
the wave-length and on the material. Dielectric particles 
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ncatter light to dl sides and metallic ones absorb it, turn- 
inp it into heat The electrical field of the light wave 
forces the free electrons of the metal into movement 
by heating it, jist as the current in an electric hot plate 
heats the spiralcoil. Both metallic and die:ectric particles 
of a fixed size @n weaken the light to a degree inversely 
proportional to the wave-length, in accordance with the 
Observed law of interstellar absorption. This size for die- 
lectric particles s roughly equal to the wave-length and for 
inetallic ones, tefl times smailer. Consequently, we cannot 
decide from thelaw of absorption alone whether particles 
are metallic or dielectric. We need supplementary obser- 
vational data. 

Investigation of the dark regions in the Milky Way 
showed that they are not completely black; there is scattered 
light in them. From this, van de Hulst (Holland) reached 
the conc.usion tiat their particles do not absorb but scat- 
ler light—in otler words, they are dielectric, rather than 
metallic. This conclusion is supported by the fact that there 
is not much meval in the cosmos and if the dust particles 
were metallic, the per cent of metals in the interstellar 
medium (dust plus gas) would be much higher than, for 
example, in the stars. But this consideration is not a deci- 
sive One and we Cannot consider the hypothesis that parti- 
cles have a mecallic composition as conclusively refuted. 
Taking into account the fact that interstellar absorption is 
proportional to a frequency with an interval from 0.35 p 
(3,900 A) to 1 » (10,000 A), van de Hulst estimated the 
average size of the particles, considering them to be dielec- 
tric. This size should be about 0.8 pz, including, of course, 
many particles either larger or smaller than average. 

Now we can estimate the mass of the dust. In the middie 
part of the visible region of the spectrum, a typical dust 
particle intercepts roughly twice as much light as it should 
from its geometrical dimensions. Therefore such a dust 
particle acts on light like an area 10-8cm2. If in a column 
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of 1 cm? cross-section, there are N particles along the line 
, the optical depth equals 10-8N. The optical depth 
can be determined from the reddening of stars. Numericaily 
the depth differs little from the absorption expressed in stel- 
lar magnitudes. Thus, from the reddening we can determine 
N directly and, once we know the mass of one particle (its 
specific \gravity is about unity), we can find the mass of the 
dust. If absorption is equal to one magnitude, the dust 
mass in a column to the given star is roughly 3°10-5 gr/cm?2. 
This means that if the average absorption in spiral arms 
makes up one-two magnitudes per thousand parsecs, the 
average density of the dust is roughly 10-26 gr/cm3, At the 
same time, the mean density of gas in the spiral arms is 
about one hydrogen atom per cm: or, counting in the ad- 
mixture of other elements, 2-10-24 gr/cm3, Thus, there is 
about 200 times less dust than gas in interstellar space. 
This magnitude, however, varies in different regions. It is 
interesting that this ratio in the Orion emission nebula is 
about 100, from data by Shajn and Pikelner. Calculations 
have not yet been carried out for other nebulae. 

What are dust particles made of and how are they 
formed? As yet we have no definite information based on 
direct observations. However, a few theoretical ideas have 
been suggested (by D. Ter Haar, H. A. Kramers and H. C. 
van de Hulst). Evidently, particles form as a result of con- 
densations of interstellar molecules. This process is espe- 
cially probable if there is already a condensation nucleus— 
tinier particles, perhaps metallic—to which molecules stick 
by collisions. In much the same way, the hard particles 
making up smoke are formed from the gas-like products of 
combustion. Since in interstellar conditions, most molecules 
belong to the H,O, NH;, CH, type (the combinations, some- 
times partially dissociated, of the more abundant elements 
with hydrogen), dust, irrespective of the make-up of the 
condensation nucleus, must basically consist of these 
molecules—that is, it must essentially be formed from ice- 
crystals of water, ammonia, methane, etc. Practically all 
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inolecules and atoms can stick to the particles, except hy- 
ivoven and helium, which are easily evaporated from the 
surface. The speed of growth of the particles depends 
.trongly on the gas density: in a more rarefied gas, colli- 
sions are less probable and they grow slowly. Under the 
conditions in a normal cloud, particles can grow to their ob- 
served size in a hundred million years. Since the galaxy is 
much older, there must be an inverse process of evapora- 
(ion or destruction of particles to establish some sort of 
«quilibrium. This process, according to J. H. Oort (Holland), 
might be coliisions of particles in two colliding gas clouds. 
At a relative velocity measured in kilometres per second, 
(he particles should almost entirely evaporate. Partial 
evaporation could also be the result of collisions with fast 
toms or photo-dissociations, the stripping of an atom from 
the particle during absorption of an ultra-violet quantum. 
As A. I. Lebedinsky (U.S.S.R.) pointed out, formation of 
If If molecules on the surface leads to partial evapora- 
(ion of a dust particle, due to the heat given off by this 
process. 

From the point of view of the hypotheses of growth and 
evaporation of particles, it is hard to explain why their 
sizes are almost the same in different regions of the galaxy 
(interstellar absorption almost everywhere is inversely 
proportional to wave-length). Deviations are observed only 
in a few objects and a few regions in the sky. For example, 
in the Orion nebula absorption is somewhat less dependent 
on wave-length, and in the direction along the spiral arm 
in the constellation Cygnus, somewhat more dependent. 
But these deviations are not very significant. The uniform 
average size of the particles suggests that clouds succeed 
in intermixing in a time interval smaller than the time of 
yrowth of the particles or that dust grows and is destroyed 
only under fixed conditions which lead to its standard 
properties. 

The temperature of the particle is determined by equilib- 
rium between heating from the light of stars and from col- 
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lisions with atoms and cooling due to radiation. In contrast 
to atoms and moiecules, a particle can radiate all the time 
(its ground state is reached at absolute zero); therefore, 
its temperature must generally be low, since the density 
of stellar radiation and the concentration of atoms in in 
terstellar gas are both low. If the particle radiates like /a 
black body, its temperature should be about 3° K. The pa 
ticle at this temperature absorbs comparatively short-wave 
light of the stars and emits infra-red radiation with a wave- 
length much exceeding its own size. Small particles are 
poor absorbers of such long wave-lengths. And singe the 
emission and absorption of radiation by a body at a/ given 
temperature are proportional, the radiation of a small par- 
ticle at these wave-lengths is likewise poor. Since the 
emissivity of particles in the infra-red region is low, their 
cooling is not so great as in a large black body and the 
temperature of particles of average size should be about 
10-30° K. Unfortunately, at the present time there is no 
method of directly determining dust particle temperature 
from observations. | 

In conclusion we will talk briefly about another possible 
explanation of interstellar absorption suggested first by 
J. R. Platt and B. D. Donn (U.S.A.). All the foregoing cal- 
culations of the sizes and, consequently, of the masses of 
particies are based on the use of classical electrodynamic 
investigations of the way a wave passes over a body. How- 
ever, quantum mechanics shows that conglomerates of mol- 
ecules, much smaller than dust particles (10-’—5'10-7 cm), 
which are bound more probably by chemical than by 
mechanical forces, may absorb light with wave-lengths 
several hundreds of times greater than their size. The ab- 
sorption mechanism in this case reminds us of molecular 
absorption: the particle has a large number of unfilled 
energy levels. If a fixed distribution of particles by size is 
assumed, the law of interstellar absorption can be ex- 
plained. Such particles can be formed in the way we dis- 
cussed earlier—by condensation of molecules. If this hypo- 
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(hesis is correct and all particles are actually small, the con- 
centration of dust by mass should be hundreds of times 
lower. At the same time the possibility of quantitative cal- 
culations is eliminated, since the optical properties of such 
particles have not yet been studied. It is hard to say which 
point of view will prove to be closer to the truth; supple- 
mentary data are needed. It is possible that there are both 
large and small dust particles. 


25. The Dynamics of Interstellar Gas and Nebulae 


We shall now explore the motion of interstellar gas in 
more detail. Earlier we said that the mean dispersion of 
radial velocities of clouds, as determined both by interstel- 
lar absorption lines and by the 2l-cm line, is on the 
average 8 km/sec. In a few cases it is possible to observe 
the motion of individual clouds by using the 21-cm line. We 
find that it is split into components like those of the inter- 
stellar Ca II lines observed in the same direction. From 
such observations, the width of the individual line compo- 
nents—that is, the velocity dispersions inside the cloud— 
can be determined. It turns out equal to 2.5-3 km/sec which 
roughly coincides with the width of the optical components. 
The fact that the velocity dispersions of heavy calcium 
ions and light hydrogen atoms turned out to be nearly iden- 
tical proves that these motions are hydrodynamic rather 
than thermal; in other words, inside the H I cloud there are 
moving gas masses with superthermal velocities. The ve- 
locities of the internal motions in H II clouds, measured 
from line widths, are much higher, up to 10-15 km/sec. 
The thermal velocity of hydrogen atoms in these regions 
is approximately the same. 

Does the motion of interstellar gas have general similar- 
ities to air or water motions? From experiments, it is well 
known that fluid or gas motions have two qualitatively 
different forms—laminar and turbulent. Laminar flow is the 
quiet flow, when particles of a liquid move by parallel 
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paths along a current like, for example, water in a narrow 
chute at low velocity. Turbulent motion is characterised by 
orderless, chaotic displacement of individual masses. Al- 
though they all move in general along the current, their 
relative velocities are confused. This makes the liquid mix 
rapidly. Turbulent motion develops when the liquid/(gas) 
has a low viscosity or large-scale motions and velocity. In 
the latter two cases (as in the first), viscosity does not play 
much of a role, inasmuch as its action depends not only on 
the coefficient of viscosity, but also on changes in velocity 
over a unit of length, and on a large scale, this/ change is 
small. This can be illustrated by a simple example. A vis- 
cous liquid will flow out through a small opening much 
slower than water, but if the hole is enlarged (increasing 
the scale of the motion) the velocity of outflow will be al- 
most the same as that of water. Thus, it can be said that the 
natural motion of a liquid is turbulent, but viscosity ex- 
tinguishes turbulence and transforms the motion into lam- 
inar flow. 

Notwithstanding the seeming disorder, turbulent motion 
has its own laws, but they are statistical. They relate to 
the mean magnitudes and not to each given point of liquid 
separately. An analogous picture can be seen in the motion 
of gas molecules. Each molecule moves chaotically and it 
is impossible to predict, for example, its future velocity, its 
free path from collision to collision, etc. However, average 
magnitudes for all molecules are known. They are deter- 
mined by such characteristics of the gas as temperature, 
density, etc. In exactly the same way, the relative velocity 
of two points, or the difference in pressure at two points, 
is changed irregularly by turbulent motions. But, as 
A. N. Kolmogorov and A. M. Obukhov (U.S.S.R.) showed, 
independently of one another, the average values of these 
magnitudes are determined by general characteristics of 
motion, principally the velocity of transformation of tur- 
bulent energy into heat. This transformation takes place in 
the smallest eddies where viscous friction noticeably slows 
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motion, since the velocity differences are comparatively 
higeh. 

One of the basic regularities concerns the mean relative 
velocity at two points: with increase in the distance be- 
(ween points, the average relative velocity grows propor- 
(lonally as the cube root of the distance. S. A. Kaplan 
(U.S.S.R.) tried to test whether this principle holds good for 
velocities of interstellar clouds. From Adams’ catalogue he 
chose stars in whose spectrum two components of inter- 
stellar absorption lines are observed. The splitting of the 
components gives the relative radial velocity of the clouds 
und the distance between clouds is taken as equal on the 
uverage to one-third the distance to the star. In addition, 
unother method was used: among the stars in whose spec- 
{rum only one line is observed, he chose pairs lying in the 
same sky region. The velocity difference of clouds seen 
ugainst these two stars is compared with the angular dis- 
(ance between them. These and similar methods show that 
velocity difference grows with increase in distances among 
clouds roughly in agreement with theory. The dependence 
(disappears when the distance increases to 60 parsecs. This 
means that the size of massive turbulent cells roughly 
equals 60 parsecs. Thus, motions of interstellar clouds have 
i character somewhat similar to turbulent motions. How- 
ever, this motion cannot be simply identified with turbulent 
motion of winds or currents in an aerodynamic tunnel. It 
is enough to indicate the following important differences: 
ir iS a continuous medium and clouds are separated by a 
much more extended gas; ordinary turbulent motions cqgn- 
form to the law of turbulence at velocities lower than 
the speed of sound and the velocity of clouds is higher 
than the velocity of sound in them. There is still another 
difference about which we shall talk more in the next 
chapter. 

Several methods of finding out if there is turbulent mo- 
(ion in emission nebulae have been tried. They are based on 
differences in radial velocities at various points in the 
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nebula, on fluctuations in brishtness (turbulent motion cre- 
ates density fluctuations, and since brightness depends on 
density, variations in brightness appear also), etc. In gene- 
ral these methods were used on Orion, the brightest nebula. 
It was found that motions in this nebula have a character 
similar to turbulence when the distances are not too great 
and, evidently, when they are not too small either. In other 
words. the mean variation in velocities increases wit dis- 
tance within these limits. 

When there is turbulent motion, energy is esnGnually 
transformed into heat. Collisions between clouds, oe 
a sharp rise in their temperatures, also lead to larg¢ expen- 
ditures of kinetic energy. It has been calculated/that the 
kinetic energy in clouds should all be ransformed into heat 
in some ten million years. This means that thére must be 
some fsctor maintaining the motion of the interstellar gas. 
The differential rotation of the galaxy has been explored as 
one possible way. At first glance, it appears that changes in 
velocity with distance from the centre of the galaxy could 
lead to the appearance of turbulent motion, just as these 
motions appear in a river, where the velocity increases with 
distance from the banks. However, as V. S. Safronov and 
E. L. Rouskol (U.S.S.R.) pointed out, the analogy is not 
exact. since in the galaxy velocity variations come from 
the gravitational pull toward the centre and when gas 
masses are displaced radially, their velocity changes accord- 
ingly. The question is still not clear, but it may be that 
this effect considerably slows the process leading to cha- 
otic motion. Besides this, velocities in the galaxy change so 
slowly that this could not give much energy under any 
circumstances. 

Another possible factor maintaining motion is the radia- 
tion of hot stars, both direct and converted into quanta of 
L,. It has been estimated that hot stars radiate more ener- 
gy than that necessary to maintain motion. However, in 
accordance with the laws of mechanics, radiation pressure 
cannot directly transmit to the cloud all its radiation in 
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Fig. 22. Nebulae IC 1 795 and ! 805 in the constellation 
Cassiopeia with matter scattered around the periphery 
(Crimean Observatory) 


the form of Kinetic energy. It transfers only a small part 
equal to the ratio between the velocity of recession of the 
cloud and the speed of light, because the quantum trans- 
mits its momentum, rather than its energy. The rest of 
the energy is used up in ionisation and heating of the gas, 
and finally most of it is re-radiated in the form of various 
lines. 

The radiation energy of stars going into heating and 
ionisation might be partially turned into kinetic energy 
when the hot gas expands through the action of its pres- 
sure. Therefore, we might expect to find expansion in diffuse 
nebulae and H II regions and the conclusign that stellar 
radiation energy is great enough to maintain motion would 
still be significant. Shajn studied the motions inside diffuse 
nebulae. He paid particular attention to the fact that these 
nebulae are not amorphous formations, /but have well- 
determined structural characteristics. In particular, many 
nebulae have a special distribution of matter along their 
periphery (Fig. 22). Others have a similar phenomenon, 
envelopes. These peculiarities can be interpreted as the 
result of the outward motion of matter. 

The presence in individual diffuse nebulae of a few en- 
velopes suggests a féw successive expansions of gas from 
the centre over various periods of time. Another proof of 
expansion is the fact that the radial velocity of nebulae, 
when it is known, usually varies from the radial velocity of 
their stars by 15-20 km/sec. The nebula moves away from 
its star toward the observer. If we consider that the nebula 
to some degree contains dust and is therefore opaque, so 
that essentially we see only its front side, we can conclude 
that the variation in velocities is caused by the nebula’s ex- 
pansion. 

The many groups of nebulae, from those hardly resolv- 
able in a telescope (Fig. 23) to the large clusters of nebu- 
lae which often cover a considerable area of the sky, also 
suggest that expansion and disintegration are taking place. 
It has been calculated that the relative velocities of nebu- 
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lue are higher than would be necessary to overcome their 
mutual gravitational attraction. Therefore, nebulae should 
wradually disperse and their groups scatter. Simultaneously 
individual nebulae mak- 
ing up the groups will 
be dissipated. From all 
this, Shajn reached the 
important general con- 
clusion that emission 
nebulae start out as 
dense, small formations 
and then expand and 
dissipate. Insofar as ne- 
bulae are connected 
with hot stars exciting 
their radiation (and this 
connection is not accid- 
Viz. 23. A group of disintegrating ental), the formation of 
Nspurae SOE cenimean stars and diffuse emis- 

sion nebulae must be in- 
vestigated together. Therefore, let us discuss a few facts 
related to the formation of stars. 


26. The Formation of Hot Stars 
and Gas Acceleration 


V. A. Ambartsumyan (U.S.S.R.) made important contri- 
hutions to solving the problem of star formation. Investi- 
ating the distribution of hot stars, he decided that the 
observed groups in which individual stars are not as close 
together as in clusters could not be held together by mu- 
tual gravitational force. The same thing is true of the 
proups of dwarf stars with bright lines in their spectrum 
(the so-called T-Tauri type). Such scattered groups of stars 
with similar spectral characteristics are called associations. 
The spatial density of stars in associations is much higher 
than the mean concentration of stars of the same type in 
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the galaxy, but much lower than the concentration in space 
of all stars in general. The gravitational pull of the galactic 
nucleus (tidal forces) must destroy associations in some 
ten million years. This means that the associations now in 
existence, those not yet disintegrated, were formed less 
than ten million years ago. Thus, the process of stellar for- 
mation must be going on even now. Still earlier, another 
indication of the youth of the hot giant stars had been de- 
duced from their high luminosity. The expenditure of ener- 
gy in these stars is so great that even nuclear reactions 
could not maintain it for more than a few million years. A 
hot bright star must quickiy turn into something humbler; 
consequently, the giants must have been formed compara- 
tively recently. 

Ambartsumyan found still another proof of the youth of 
those giant stars forming multiple systems which have 
roughly the same distances between the individual com- 
ponents. 

An example of such a system is the Trapezium, the cen- 
tral four stars in the constellation Orion. All multiple stars 
with equal distances between their components are called 
Trapezium-type systems. These systems make up an indi- 

: Oe : ; 
vidual group first-ef all because multiple systems of ordi- 
nary stars have an entirely different-relative distribution. 
Two characteristic examples of usual systems are shown 
in Fig. 24: a pair of very close stars, a star or pair much 
farther away, then another star at an even greater distance, 
etc. In such systems the components of the pair are hardly 
subjected to disturbing forces from the other stars. The 
relative motion of the pair and the third star (or other pair) 
is the same simple revolution around a general centre of 
gravity that goes on inside the pair. These systems are sta- 
ble; they can exist for a very long time. 

On the other hand, systems of the Trapezium type, which 
are usuaily made up of rather bright giant stars of classes 
O and B are not stable. Since there are only a few stars and 
their distances are comparable, each star affects another 
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(«9 degree comparable to the effect of the whole system on 
the same star. All the stars are moving in a single region of 
npiice. The distances between them are constantly changing 
und even an ‘insignificant approach is enough to make the 
force exerted by one star stronger than the effect of all the 
others. In this case, the energy of the star could increase 
sO much at the expense of another that it could escape 


Fig. 24. Plan of stable multiple stars 


from the system. Calculations show that partial disintegra- 
tion of such a system demands less than two-three milion 
years. Consequently, the stars in the Trapezium cannot be 
older than this, even if their entire energy at first was neg- 
ative* and gravity held them together. Ambartsumyan 
came to the conclusion that the system had a positive 
energy from the beginning—that is, the stars had a high 
velocity and scattered in every direction all at once. The 
basis for this conclusion is as follows: if the system had a 
negative energy at first, it would have been destroyed 
gradually, losing one star at a time. Therefore, we should 
observe stars of the same class which had been ejected 


* That is, the kinetic energy of the system was less than its po- 
tential energy. 
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earlier at various distances around old systems. Besides, old 
Trapezium-type systems with large distances between the 
stars maintain their characteristic form. All the distances 
are comparable; they look as if they were expanding simul- 
taneously. If the Trapezium-type systems actually have 
positive energy, they should disintegrate in less than a 
million years—in other words, their stars must be the 
youngest ones. It is interesting that old Trapezium-type 
systems are made up of B Stars rather than O. This fact 
should be very important to the theory of evolution. 

Trapezium-type systems are often seen in associations, 
sometimes simultaneously in various parts of them. This 
suggests that the formation of stars takes place in multiple 
systems and clusters in a few places simultaneously rather 
than in a single region of the association. After it was dis- 
covered that associations are young formations, interest in 
them increased sharply. Investigation of their motions 
shows that in some cases the stars of the association actu- 
ally are spreading out in all directions. In addition, it,was 
found that their velocity of expansion was greater than 
that expected theoretically—15-20 km/sec. This means 
that the associations do not simply fall apart due to the 
effect of tidal forces, but that their stars have had great 
velocities from the time of formation and the systems as a 
whole have.always had positive energy. Knowing the speed 
of expansion, we can calculate the age of the association. 
It turns out to be from two to ten million years. 

Now we can compare what is known about associations 
and about emission nebulae. Both start out in compact 
forms and then disperse. Expansion velocities in both attain 
15-20 km/sec. Finally, studies by Shajn and Gaze showed 
that compact associations are usually connected with com- 
pact groups of nebulae and their centres almost coincide. 
More diffuse associations are connected with more diffuse 
groups. Very extended associations show no connection 
with nebulae: the nebulae have evidently so far disintegrat- 
ed that they are invisible. 
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Shajn reached a very significant conclusion from this 
comparison: hot stars and emission nebulae are formed to- 
ether in a single process, perhaps from the cold gas-dust 
medium. A single cause has given both stars and nebulae 
velocities on the order of 15-20 km/sec. 

The idea that stars are formed from cold gas developed 
even earlier. In connection with this, in 1947 B. Bok and 
I. F. Reilly (U.S.A.) had pointed out the importance of 
lobules: small, round, very dense clots which are often 
visible in the background of nebulae (Fig. 25; see also Fig. 
‘) and 27). The size of globules is from one one-hundredth 
(o a few tenths of a parsec. They have an absorption of from 
two to five stellar magnitudes; in the largest globules, 
absorption is smaller, down to one magnitude. The dust 
density of compact globules is tens of thousands of times 
preater than its average density in spiral arms, but the mass 
of dust is less than 0.1 solar mass. However, if the globule 
contains a nearly average gas concentration, its mass can 
be a few times that of the sun and large globules may have 
a mass a few tens of solar masses. D. A. Rozhkovsky 
(U.S.S.R.) discovered that globules are observed mainly in 
emission nebulae, especially in those where the presence 
of dark absorbing matter is evident ( not in the form of 
globules). He concluded that it is not by accident that glob- 
ules are projected on nebulae, but are physically related to 
them. It is true that afterwards globules of another type, 
usually larger in size, were discovered. These are visible 
directly on the sky background, on the background of light 
scattered by the interstellar medium. However, at the pres- 
ent time the relation between most globules and emission 
nebulae is firmly established. 

Globules are often regarded as possible embryonic stars. 
However, explaining the formation of stars even from such 
relatively dense clots is very difficult. E. L. Rouskol 
(U.S.S.R.) investigated the compression of globules by 
their own gravitational force. She calculated that a globule 
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Fig. 25. Nebula IC 1 396 in the constellation Cepheus, showing 
dark globules 


whose mass equals a few solar masses will compress only 
when its beginning density exceeds 10-19 gr/cm’, This val- 
uc is high (n~105cm-3) and we need to find forces which 
could initially create such density. One of the possible 
‘.ources is stellar radiation pressure (F. L. Whipple, U.S.A.). 
l.ight falls on the globules from all sides, pressing on the 
ubsorbing dust and driving it toward the centre. However, 
this is an extraordinarily slow process, demanding about a 
thousand million years to make a globule out of an ordi- 
nary tenuous nebula. 

Another possible method of preliminary compression of 
lobules, pointed out first by A. I. Lebedinsky, is based on 
(he large temperature difference between ionised and neu- 
(ral gas. Hot ionised gas whose pressure, proportional to 
(emperature, is relatively high, can squeeze cold globules 
(o comparatively high densities. We shall talk more about 
this process and its basic significance. Now we shall ana- 
lyse another difficulty in the theory that stars form in asso- 
ciations from gas. For gas to compress, its total energy— 
kinetic, thermal and gravitational—must be negative. If 
nergy is positive, gravity cannot control the gas: it ex- 
pands and dissipates. But the total energy of a confined 
system, which has no exchange with the outside world, 
does not change. In effect, this is the law of conservation 
of energy. If part of the thermal energy changes into radia- 
tion and escapes from the gas, the total energy decreases 
even more. Thus, as a result of compression, a system with 
negative energy should be obtained, while association 
energy is positive. This consideration seemed so serious to 
Ambartsumyan that he suggested that associations are not 
formed from gas and proposed instead that stars come 
from some form of matter different from stars or nebulae. 
The volume of such proto-stars originating in the space 
umong multiple-system stars could be on the order of one- 
tenth of a cubic parsec. Since proto-stars having positive 
energy were not yet dissipated in past epochs, Ambartsu- 
myan considers them the product of the division of a com- 
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pact, more massive body which included the mass of all the 
stars in the association. 

Oort and Spitzer attempted to overcome the difficulties 
in theories of star formation another way. They outlined a 
way in which associations could originate from gas. Briefly, 
with a few additions, it can be summarised in the follow- 
ing manner: it is assumed that inside a large cold gas-dust 
complex with a mass a few tens of thousand times solar 
mass, a hot star capable of ionising hydrogen is formed. 
At first, while the density is high, the ionisation zone 
around it will be small. Hydrogen ionisation leads to a tem- 
perature rise from 30-50° (in a dense cloud) to 10,000°. The 
pressure correspondingly suddenly increases hundreds of 
times and the ionised gas begins to expand, carrying away 
the surrounding cold masses. This phenomenon is analo- 
gous to a bomb explosion. The density and optical depth of 
the ionised gas fall as the star expands. Ultra-violet radia- 
tion penetrates farther and ionises new gas layers which 
in their turn begin to expand and speed up the surrounding 
masses. This causes the cold gas on the edge to condense. 
The process of expansion cannot always be uniform. In 
denser condensations, ionisation takes place slowly and the 
ionisation zone, expanding, will flow around them. Such a 
picture can be seen, for example, in Fig. 26 and 27 where 
in the first photo the border between different sections is 
somewhat deformed and, in the second, a long projection 
called an “elephant trunk” has formed. The bright masses 
flowing around the trunk press on it from the sides. As a 
result, it condenses and breaks up into a series of globules 
like those shown in the photographs. Hot gas condenses 
the globules quickly and effectively. The rapid compression 
ceases when the density of the globules increases hundreds 
of times, equalising the exterior and interior pressures. Two 
circumstances promote further condensation: first, the in- 
terior part of the globule, where stellar light does not pen- 
etrate, must cool to a still lower temperature, since long- 
-wave radiation of cold gas and dust freely moves outward. 
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Fig. 26. Nebula NGC 6188. The border between bright and 
dark masses and bright rims are visible 


Second, ionisation of the dense gas of the globule from the 
surface forms also a dense, but hot gas whose pressure is 
correspondingly high. At last the globule can evidently 
become so dense that gravitational force becomes substan- 
tial and squeezes it even further.* When it becomes opaque 
even to long-wave radiation, the internal temperature will 
begin to rise from pressure until a nuclear reaction giving 
off energy begins. After this, equilibrium will be estab- 


* Lebedinsky pointed out that a star in the globule under cer- 
tain conditions could help compression, by acting as a condensation 
nucleus. 
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lished. Pressure of the hot gas inside will become strong 
enough to almost completely check further compression 
and the globule will turn into a normal star. If its mass ex- 
ceeds that of the sun by ten times or more, the star should 
become a hot giant. This newly-formed star in its turn be- 
gins to ionise gas, which leads to further spreading of the 
ionisation zone and to the formation of new hot stars. 


Fig. 27. A detail of nebula M 16, photographed with the Palomar 
200” reflector. An elephant trunk, globules and bright rims are visible 


Part of the condensed mass of cold gas will be ionised 
and turn into dense emission nebulae. Non-ionised gas ‘sur- 
rounding the H II zone is accelerated by the hot gas flowing 
out (the rocket éffect) and reaches velocities up to 15-20 
km/sec. Therefore, the stars and nebulae formed from it 
keep this velocity and scatter outward from the centre of the 
association. Finally, the condensed neutral gas. surround- 
ing the H II region also attains a velocity of about 15-20 
km/sec and, breaking up and expanding, forms interstellar 
clouds. These clouds at first move rather fast, transferring 
part of their energy to other clouds. Gradually their veloc- 
ity decreases from collisions. At last they are dissipated. 
Part of them at low velocities will again assemble in large 
complexes and the whole process starts over again from 
the beginning. In this way, Oort and Spitzer explain why 
clouds are in motion, notwithstanding their energy loss due 
to collisions. Radiation of young hot stars ionising inter- 
stellar hydrogen serves as the source of their energy. The 
positive energy of the association results from the release 
of a large amount of nuclear energy, which finally turns 
into kinetic energy. The rocket effect can communicate 
high speeds up to 70 km/sec to the small remaining bits 
of clouds. Such clouds exist: weak components of the in- 
terstellar lines often have a large displacement, correspond- 
ing to a velocity of 50-70 km/sec or more. 

This hypothesis of Oort and Spitzer is very attractive. 
Observations confirm it in many respects. It explains the 
expansion of associations* and groups of nebulae, the pres- 
ence of “elephant trunks” and globules, the comparatively 


* We should note that this hypothesis cannot explain the pres- 
ence of very fast stars receding from the association at velocities 
up to 100 km/sec. In addition, it does not explain the origin of the 
first star. 

According to A. Blaawu fast O stars originate as a result of the 
disintegration of a fast revolving pair following the eruption of one 
of the stars accompanied by a substantial loss of mass. In the proc- 
ess, the mass of the stellar systems is reduced and their over-all 
energy may be changed from negative to positive. The process may 
also result in the expansion of stellar associations (I. Shklovsky). 
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slow movements of massive clouds and the quick motions 
of light ones. Fast clouds can rise to a great height over 
the galactic plane, which explains the presence of inter- 
stellar lines in the spectrum of stars far away from the 
Milky Way. In addition, the hypothesis is confirmed by other 
observational data which show the expansion of gas around 
H II zones. L. Searle (Canada) investigated the weak com- 
ponents of lines with high velocities. It turned out that in 
most normal class B stars, in whose spectrum these com- 
ponents are observed, their velocities are directed from the 
star to the observer. This cannot be accidental. It indicates 
that part of the fast components are formed by gas expand- 
ing from the star. These components are called circumstel- 
lar, to distinguish them from the interstellar lines. Investi- 
gation of interstellar lines near far-away associations (by 
Miinch) also show that gas around them is expanding 
with a velocity of about 20 km/sec. Even more _inter- 
esting data were obtained by T. K. Menon (U.S.A.) 
and others from 2l-cm observations. The region of the 
Orion association is surrounded by an _ extended en- 
velope of neutral hydrogen which is denser than the 
ionised gas inside. In agreement with theory, this envelope 
is expanding with a velocity on the order of 10 km/sec. 
However, more detailed comparisons of the distribution 
of hot stars and neutral and ionised hydrogen do not 
agree with the Oort-Spitzer hypothesis. In particular, by the 
hypothesis, stars should form on the periphery of the H II 
region, but in Orion young stars lie inside a large ring of 
ionised hydrogen observed around the association. Ambar- 
tsumyan pointed out an analogous discrepancy: stars of the 
Trapezium-type, which are the youngest, are almost always 
in the centre of large bright nebulae, rather than on their 
periphery. 

Evidently, although the Oort-Spitzer hypothesis was a 
big step forward toward understanding the process of for- 
mation of clouds and stars from cold gas and their accel- 
eration, stellar formation is not that simple. New ideas and 
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observational data are needed for further elaboration of 
this exceedingly important and interesting problem. 

KF. D. Kahn investigated ionisation of a cloud by stellar 
radiation. Using his results, S. R. Pottasch (U.S.A.) worked 
out quantitatively the formation of the bright borders 
which rim globules, elephant trunks, and the dark masses 
fucing the star (see Fig. 25, 26 and 27). The illuminated side 
of the dense formation is ionised, and the hot gas, expand- 
Ing, spreads. As a result, its absorption decreases and new 
layers of the dense gas are ionised. The bright border rep- 
resents the current of spreading dense ionised gas. At a 
preat distance, its density falls and radiation becomes in- 
visible against the nebular background. The long thin fila- 
ments seen in many nebulae seem to have the same nature. 
They are the ionised edges of dense cold gas masses which, 
as a result of ionisation, expand and flow, gradually weaken- 
ing, toward the star. Hydrodynamic phenomena in such 
ionisation fronts were investigated by S. A. Kaplan and a 
number of other authors. The velocity of the compressed 
cold gas turned out to be insignificant; it is not high enough 
to explain the expansion of the association. R. E. Gersh- 
berg (U.S.S.R.) showed that compression and the follow- 
ing outflow of gas can explain the formation of nebulae 
with concentrations of matter on their peripheries. 

The star-like objects found in many associations, which 
are surrounded by a dense gas-like envelope giving off 
emission lines, are of great interest in connection with the 
question of stellar origin. They are called Herbig-Haro 
objects and evidently represent newly-forming stars. They 
are usually found in groups. The envelopes surrounding 
them could be remains of the gas from which they were 
formed or perhaps matter expelled from the star as a re- 
sult of its high-speed rotation. 


Chapter Four 
MAGNETIC FIELDS IN THE GALAXY 


27. Theoretical Premises 


Up to this point we have not mentioned an important 
characteristic of interstellar gas, its electrical conductivity. 
The ionised atoms, present to some degree even in H I re- 
gions, and the free electrons resulting from ionisation, make 
interstellar gas a good conductor of electricity, somewhat 
less efficient than metals but comparable to them, especial- 
ly in H II regions. Consequently, currents can flow in the 
gas and create magnetic fields. 

How can currents be formed in interstellar space where 
the usual sources of electrodynamic forces are not present? 
One of the possible processes is analogous to an ordinary 
dynamo, where the mechanical energy of a rotating arma- 
ture in the magnetic field of a stator is transformed into 
the energy of an electric current or, in other words, into 
the magnetic energy of the field around this current. The 
energy of the field thus formed can be much higher than the 
original magnetic energy of the field of the stator. In exact- 
ly the same way, when a conducting gas is in motion in a 
weak magnetic field, currents should appear with a field 
which can be stronger than the initial one. Motion in this 
stronger field can create even more current and the field 
will continue to grow. Coming back to the example of the 
dynamo, this effect can be compared to its self-excitation. 
If the electromagnets of the stator are fed by part of the 
current generated by the rotor, at first, until the rotor be- 
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gins to turn, their field is very weak. It is determined by the 
magnetisation of the cores. Rotation of the rotor in a weak 
field produces a weak current, which slightly increases the 
field of the stator: This leads to strengthening of the cur- 
rent, which in its turn increases the field, etc. 

The strengthening of the current and, hence, of the field 
of the stator should, it would seem, go on endlessly. How- 
ever, there is a limit determined by the force in'the mag- 
netic field of the stator acting on the armature with the 
current to try to stop its rotation (this force in another case 
turns the armature of the electromotor). Its existence is 
inescapably fixed by the law of conservation of energy: the 
rotation of the armature of the dynamo generates a current 
carrying energy and, consequently, the same energy must 
be expended on the rotation. It increases with the current. 
When the resistance of the rotation is equal to the force 
setting the generator in motion, an equilibrium is estab- 
lished. The current will not get any stronger. In order for 
the current in general to increase and reach the upper limit, 
the whole electric circuit—the armature and the coils of the 
stator—must be made of rather good conductors. If the 
conductors are poor, with high resistance, the energy of the 
current will basically be turned into heat. The stator field 
will be strengthened very little and the current not at all. 

The possibility that a field in ionised gas can be in- 
creased by such a method (which was called the “dynamo” 
mechanism) was suggested by S. Lundquist (Sweden) and 
T. G. Cowling (Britain) and independently worked out and 
developed in 1946 by L. E. Gurevich and A. I. Lebedinsky 
(U.S.S.R.). This method attempts to explain the formation 
of the magnetic field of sun-spots. Later, these ideas were 
further developed in works by H. Alfven (Sweden), 
T. G. Cowling, G. K. Batchelor (Britain) and others. For our 
purposes, we need only to point out that the dynamo mech- 
anism can strengthen a field, but not create it; it de- 
mands the presence of an initial weak field. L. Biermann 
and A. Schltiter (F.R.G.) pointed out a possible way in 


158 


which a field could be formed from the beginning. It is 
based on the large difference in mass between electrons 
and ions. The thermal velocity of electrons is much higher 
than that of ions and their diffusion takes place faster. 
When a condensation forms in the gas, the electrons will 
“spread out” faster than the ions and outstrip them. The 
motion of the electrons relative to the ions is an electric 
current. In the case described, this current will soon stop. 
The current of electrons flowing from the condensation in 
all directions soon creates a positive charge in it and the 
electrostatic attraction of the charge stops any further 
outward current of electrons. However, if besides the dif- 
ference in density there is a difference in the temperature 
and if the surfaces on which the temperature is constant 
(isotherms) do not coincide with the surfaces of constant 
density, the field of the charge can stop only part of the 
current. The other part will have a vortical character: the 
current will flow as if in a closed circuit without creating 
a volume charge. Such currents in principle can flow indef- 
initely. They create a magnetic field at the expense of the 
thermal energy of the gas (energy of the motion of elec- 
trons and ions). 

However, a field-created this way must be very weak, 
due to what is called self-inductance. It acts in the follow- 
ing way. When a source of electrodynamic force is plugged 
into a circuit, the current will not immediately reach its 
normal magnitude, but will grow gradually. Similarly, when 
the source is unplugged from a circuit where current is 
flowing, leaving a closed circuit, the current decreases grad- 
ually instead of stopping immediately. The physical reason 
for self-inductance is that there is magnetic energy con- 
nected with the current. The density of the magnetic ener- 
gy—that is, the amount of energy contained in one 


cm3—equals = H2, where H is the intensity of the field in 
oersteds. The intensity of the earth’s field is roughly 0.3 
oersteds, so that the density of magnetic energy there is 
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3.6:10-3ergs/cm3. The magnetic energy of the current equals 
the energy of the entire field created by this current; 
consequently, to set up a current in the circuit means to 
create a field with fixed energy in the space around it. 
This energy accumulates at the expense of the work of the 
current’s source. It should accumulate for a definite time 
interval, since the power of the source is finite. When the 
current is cut off, the inverse process takes place: the ener- 
gy of the field does not disappear suddenly, but by de- 
grees, turning into heat (the current, passing through a con- 
ductor, heats it). The less heat given off by the current, 
that is, the smaller the resistance of the circuit, which de- 
pends on the conductivity of its material and on its cross- 
section, the longer the slow fading and the relative 
strengthening of the current will continue. 

Cowling calculated that the time needed to change a 
magnetic current substantially is proportional to the con- 
ductivity and cross-section of the conductor. In a laborato- 
ry transformer, the time needed to establish a field is less 
than a second. In cosmic conditions, conductivity is thou- 
sands of times less than that of copper and in H I regions, 
millions of times less. However, the dimensions are so 
great that, for example, the time required to change the 
magnetic field of a sun-spot is measured in hundreds of 
years*; for clouds of interstellar gas, it exceeds the age of 
the galaxy. Consequently, the field in interstellar space can 
exist without supporting sources practically indefinitely. 
At the same time, the current caused by difference in tem- 
perature and density attains, for the time the difference 
exists, only an insignificant part of its stationary value and 
the field created by it will be extremely weak. However, 
even such a weak field can be strengthened in the long run 
by motions of the conducting gas. 

The mechanism of this strengthening and the character 


*Therefore, it is considered that when a spot disappears, its field 
goes into the depths of the sun, but does not completely disappear. 
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of the forming field can be better illustrated if we use a 
conception of magnetic lines of force whose direction coin- 
cides with the direction of the intensity of the field and 
whose density is proportional to the magnitude of the in- 
tensity. Let us imagine a solenoid—a long coil with cur- 
rent flowing through it. The field inside can be pictured 
as a beam of lines of force. If the time of field change is 
sufficiently long, a current will flow, notwithstanding the 
fact that its source is disconnected. If the solenoid is dis- 
placed, the field will shift with it. The solenoid can be 
curved or compressed; in all cases, the field inside it will be 
curved or compressed also, but the number of lines of 
force inside, the full magnetic current, does not change. 
The thinner the cross-section of the tube, the denser the 
lines of force and the higher the intensity. 

We can transfer these concepts to interstellar gas, where 
each beam of the lines of force—the tube of force—can 
be considered as a solenoid. The lines of force cannot 
escape the limits of the tube in the conducting medium, 
just as they cannot leave the spirals of the solenoid. Every 
motion and deformation of the medium leads to corre- 
sponding motions and deformations in the field. It can be 
said that the lines of force are “frozen” in matter and 
move together with it, so that if some line is passing 
through a series of gas masses, it will still be there a 
million years later. If the motion of gas masses is disor- 
dered, the lines of force must be confused by it, take on 
a very complicated form and stretch out, since the length 
of the line going through a chain of gas masses increases 
if the individual links are shifting in a chaotic way. This 
leads to increase in the intensity of the field, to condensa- 
tion of the lines of force, although their over-all number 
does not change. As an example, let us look at a gas mass 
which had an initial regular field. If this mass is dissected 
by a plane, each line of force crosses it once. If the gas 
has a chaotic motion, after some time the lines of force 
will be “‘tangled”’ and each of them will intersect the plane 
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many times in both directions. As a result, the total num- 
ber of points of intersection, that is, the density of the lines 
of force and the intensity of the field, will increase. 

When motions are confused, the process of entangle- 
ment could go on infinitely and, consequently, the inten- 
sity of the field, its energy, could grow without limit. How- 
ever, this contradicts the law of conservation of energy, 
therefore, there must be a limit determined by the capac- 
ity of the motion which strengthens the field, just as there 
is in the dynamo. 

The limitation to the growth of the field is determined 
by its property analogous to elasticity. The field acts on 
the conducting medium with a force which can be de- 
scribed as the tension of the lines of force and their attempt 
to separate from each other. In a homogeneous field where 
the lines are straight and their density is uniform, al- 
though the elastic property remains, it does not manifest 
itself, since the forces acting on the element of volume 
from various sides are mutually balanced. If the lines of 
force are distorted, the tension tends to straighten them 
out, just as the tension on a bow-string straightens it. 
The transverse pressure of the lines of force has an effect 
when the density of the lines is not the same. It tries to 
spread the dense tubes of force. Both tension and trans- 


verse pressure are equal to x H?2 dynes/cm*—that is, 


they are numerically equal to the density of the energy 
of the field and grow as it becomes entangled. 

The magnetic forces resist the entanglement of the 
field. They slow down those motions which strengthen the 
field and speed up those straightening it out. This follows 
from the law of conservation of energy: if the energy of 
the field increases, the moving masses of gas perform work 
against the magnetic forces. While the energy of the 


field is less than the kinetic energy > pv2, the magnetic 
forces cannot substantially change the motion of the 
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medium. It remains chaotic, the lines are confused and the 
field grows. When the average energy of the field becomes 
equal to the kinetic energy, the resistance of the magnet- 
ic forces to further entanglement becomes important. 
Movement will no longer be completely orderless. It is 
as if dynamic equilibrium between the field and the motion 
of matter had been established. At individual points the 
intensity of the field rises to a magnitude higher than the 
mean. Then the magnetic forces direct the motion of the 
gas, the lines of force straighten out somewhat and the 
intensity of the field decreases. At each point, the inten- 
sity changes chaotically with time in magnitude and direc- 
tion, but its mean value depends only on the mean kine- 
tic energy of the chaotic motions of the gas. The original 
value of the intensity of the field from which the streng- 
thening began is unimportant. Only the time needed to 
attain the described stationary state will be somewhat 
longer in a weak field. 

The strengthening of the field by tangling is essentially 
the same process we investigated earlier in the example 
of the dynamo with self-inductance. Gas masses move in 
a weak field and a current is induced in them which 
strengthens the field. Movement in this field gives a still 
stronger field, etc., until the resistance of the field begins 
to have a substantial effect on the motion. Describing lines 
of force is more graphic and allows us to visualise quali- 
tatively the character of field changes caused by motion 
in the medium without using mathematics. 

Up to now we have talked about a weak field which is 
strengthened by the motion of the medium. If the regular 
field were relatively strong from the beginning—that is, 
if its energy were higher than kinetic energy—the mo- 
tions would be controlled by the field. Displacement along 
the field does not excite magnetic forces and takes place 
without hindrance, but displacement transverse to the 
field distorts the lines of force and is slowed down. Thus, 
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the conducting gas in a strong field can move only along 
the lines of force. 

We can now sum up. From general considerations, 
knowing that in the interstellar medium there are fluctua- 
tions in density and temperature, we can expect the ap- 
pearance of a very weak field excited by electron diffu- 
sion. Since the gas is moving and the damping time of the 
field is very long, the field should keep being tangled and 
strengthened until its mean energy becomes comparable 
to the kinetic energy of the gas. If the concentration in 
the cloud equals 20 atoms per cm? and the velocity dis- 
persion inside it, 3 km/sec, the presence of a field with an 
intensity of about 6:10-6 oersteds can be expected. This 
value is 50,000 times smaller than the intensity of the 
earth’s field, but it is not small in the interstellar medium, 
since it has a substantial influence on motion. 

Astrophysics, like any other natural science, cannot be 
satisfied with general considerations; it must start from 
observations. One direct method of studying magnetic 
fields, used for example on sun-spots, is the Zeeman 
effect—the splitting of spectral lines in the field. We spoke 
earlier about the possibility of observing splitting of the 
2l1-cm radio line. Such observations have been carried 
out, but they are not conclusive because of the huge ex- 
perimental difficulties involved. Therefore, we are forced 
to resort to indirect methods. Any one of them alone can- 
not give a comprehensive answer, but relatively good re- 
sults can be obtained from their aggregate. 


28. Cosmic Rays 


The first evidence of the existence of an interstellar 
magnetic field was obtained through study of cosmic 
rays. (E. Fermi, Italy; E. Teller, U.S.A.). The primary cos- 
mic rays are protons, the nuclei of atoms of helium and 
other elements, moving in interstellar space with huge 
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energies, from 108 to 1018 electron-volts.* Hitting the at- 
mosphere, they collide with the nuclei of air atoms, there- 
by creating new particles. The intensity of the cosmic 
rays is almost completely independent of the time of day. 
This means that they bombard the earth from all sides, i.e., 
cosmic radiation is isotropic. If the particles move in a 
straight line, as light does, this would mean that cosmic 
radiation is isotropic everywhere in space and is distrib- 
uted with equal density both inside and outside the gal- 
axy. If they do not, we would be forced to assume that 
the sources of cosmic rays surround the solar system 
symmetrically on all sides. This is highly unlikely, when 
it is considered that the galaxy has a flattened shape and 
the sun lies far from the centre (the total intensity of star- 
light, for example, increases strongly toward the Milky 
Way and the centre of the galaxy). 

The energy density of cosmic rays at the earth roughly 
equals that of the light of stars and is thousands of times 
greater than the density of light energy in intergalactic 
space. If cosmic rays are actually distributed uniformly in 
space, their total energy is thousands of times greater 
than the energy of starlight in this same huge volume. 
Since light and cosmic rays are propagated almost with 
the same velocity, this should mean that thousands of 
times more energy is given off in the form of cosmic rays 
than of light. But light energy forms through nuclear re- 
actions in the depths of stars. At the present time there 
is no known energy source thousands of times more pow- 
erful which could act in intergalactic space. 

We can overcome this difficulty only by considering the 
basic assumption that cosmic rays travel in a straight 
line as invalid and assuming that their trajectories are 
complex and tangled and do not go beyond the limits of 
the galaxy. Then the intensity of cosmic rays coming from 


* An electron-volt (ev) is a unit of energy equal to the average 
energy of particles at a temperature of 8,000°. 
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all directions will be almost identical. Since they cannot 
escape freely from it, the density of cosmic rays will grow 
until their input is equal to the decrease caused by colli- 
sions with nuclei of interstellar atoms and loss of part of 
the rays from the galaxy. This loss is not very great. The 
average lifetime of a cosmic proton until collision with a 
nucleus is on the order of a thousand million years. There- 
fore, the density of cosmic rays is significant, even 
though the rate at which they are formed may also be 
low. 

Only a magnetic field acting with a force perpendicular 
to the velocity could distort the trajectory of the fast, 
charged particles. A particle will move in a spiral whose 
radius iS proportional to its momentum and inversely pro- 
portional to the intensity of the field. This intensity must 
be higher than 10-6 oersteds in order to contain the most 
energetic cosmic rays. This agrees with the figure given 
above for clouds, which was based on the density of ki- 
netic energy. However, such a field must fill the entire gal- 
axy: it must be both in the clouds and between them, or 
else the particles would escape through the gaps. If we 
assume that the field holding back the cosmic rays is formed 
by the chaotic motions of the gas, the kinetic energy 
density should everywhere be high enough to create the 
necessary intensity. Pikelner used this circumstance to 
make a few deductions about the properties of the rare- 
fied gas outside clouds and particularly outside the spiral 
arms. The gas is hundreds of times more tenuous than in 
the clouds and the density of kinetic energy in it must 
also be hundreds of times less. We must assume from this 
that the velocity dispersion in a rarefied gas is measured 
in tens of kilometres per second. Rapid objects are more 
weakly concentrated toward the galactic plane, so that the 
thickness of the layer is roughly proportional to the veloc- 
ity dispersion squared. Therefore, rarefied gas must form 
a spherical subsystem with a thickness of a few thousand 
parsecs, rather than forming a plane one like the clouds. 
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The properties of the spherical gas subsystem will be ex- 
plored in more detail below. Now we shall talk about ra- 
dio-astronomical data which also indicate the presence of 
the magnetic field of the galaxy. 


29. Non-Thermal Galactic Radio-Emission 


As we Said in Chapter Three, part of the radio-emission 
of the galaxy whose intensity does not depend on wave- 
length is formed in H II regions by free-free transitions. 
However, the intensity of the basic part of the radiation 
grows with the wave-length, corresponding, at frequencies 
of ten metres or higher, to a temperature of 100,000° or 
more. This emission cannot be the result of thermal mo- 
tions of the particles and therefore it is called non-ther- 
mal. Non-thermal radiation has an almost spherical dis- 
tribution in space. As we discovered from observations of 
our own and other galaxies, much of the non-thermal ra- 
diation is formed in a spherical subsystem which stretches, 
gradually becoming weaker, for tens of thousands of par- 
secs, much farther than the spherical subsystem of stars. 
In addition, non-thermal radio-emission is some tens of 
times stronger in a layer 500 parsecs thick around the ga- 
lactic plane. In a central region with a diameter of 300 
and a thickness of 150 parsecs, a unit of volume radiates 
100 times more energy than in the plane layer. 

Besides general non-thermal radiation, there are a se- 
ries of comparatively small sources in the galaxy with 
about the same spectrum. They are nebulae formed as a 
result of eruption of the so-called supernovae. The super- 
novae are grandiose phenomena: one of them radiates for 
a few months almost as much light as the galaxy as a 
whole. During its eruption, the star ejects an envelope 
which expands with a velocity of about 1,000 km/sec in 
the brighter type I supernovae and up to 7,000 km/sec in 
type II supernovae, which are fainter and concentrated 
toward the galactic plane. Many extragalactic nebulae are 
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also sources of non-thermal radiation. Some of them, for 
example, the Andromeda nebula, are ordinary galaxies and 
their radiation is formed in a spherical subsystem whose 
dimensions and radio-intensity are roughly the same as 
those of our galaxy. However, among the extragalactic 
sources, there are many so-called radio-galaxies, whose 
radiation is thousands, and sometimes millions,. of times 
greater than that of ordinary galaxies. Some of them are 
distinctive objects with peculiarities in form and spectrum. 
It is interesting that all these objects, which vary so wide- 
ly in character, have a similar radio-spectrum, whose 
intensity grows toward the long waves. 

What is the nature of non-thermal emission? H. Alfven 
and N. Herlofson (Sweden) and K. O. Kiepenhauer (F.R.G.) 
proposed that its source might be very fast “relativistic’’ 
electrons with an energy of 108-109 ev in motion in the 
interstellar magnetic field. The charged particles move in 
the field along a spiral twisting around the lines of force. 
The frequency of the spiralling is proportional to the in- 
tensity of the field. An electron in motion in this circum- 
ference experiences an acceleration directed along the ra- 
dius. From electrodynamics we know that an accelerated 
moving charge radiates electromagnetic waves. Radiation 
by free-free transitions in particular is based on this accel- 
erated motion of the electron in the field of the ion. Simi- 
larly, an electron in a magnetic field radiates a frequency 
equal to that of the electron spiralling. The phenomenon 
is more complicated for relativistic particles, whose veloc- 
ity is close to that of light. They radiate a whole spéc- 
trum instead of a single frequency. Its maximum depends 
on the energy of the electron and the intensity of the 
field. 

The hypothesis about relativistic electrons was devel- 
oped by V. L. Ginsburg, I. S. Shklovsky, G .G. Getmantsev 
(U.S.S.R.) and others into an orderly system explaining in- 
tensity, spectrum and other basic properties of radio 
-emission. This is the only process of those known to con- 
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temporary physics which could create non-thermal radio- 
emission in interstellar space. There are other non-ther- 
mal processes, but they could excite the observed radiation 
only in denser gases, for example, in the external layers of 
stellar atmospheres. Non-thermal radio-emission of the gal- 
axy indicates the presence in interstellar space of rela- 
tivistic electrons and a magnetic field. Assuming that there 
are as many relativistic electrons in the galaxy with an 
energy of about 10° ev as there are protons of cosmic rays 
with the same energy, we can show that the intensity of 
the magnetic field must be about 10- oersteds to explain 
the observed radio-emission. The fact that the sources of 
cosmic radio-emission form a.spherical subsystem means 
that the magnetic fields occupy a spherical volume, rath- 
er than being concentrated in the galactic plane as are 
most clouds of interstellar gas. This supports the view 
that rarefied gas lies in a spherical subsystem. 

The question arises of why there are no electrons in the 
cosmic rays observed at the earth. Ginsburg and Getman- 
tsev explain this the following way: the higher its velocity, 
the more energy an electron loses to radio-emission. There- 
fore, fast electrons lose their energy more rapidly and 
become slow electrons, which have a much longer life- 
time. As a result of radiation, the number of fast electrons 
becomes relatively low. On earth we can observe only rath- 
er fast particles. Slow ones are deflected by the earth’s 
magnetic field and the field of the interplanetary medium 
and do not hit the earth.* Thus, radio-electrons and pro- 
tons with the same energy cannot reach the earth as fast- 
er protons and nuclei do.** 


* Interplanetary fields are formed basically by streams of par- 
ticles coming from the sun which cause the auroras and magnetic 
storms when they hit the earth. 

** Not long ago it was proved that relativistic electrons lose 
energy in the solar system through collisions with light quanta from 
the sun. However they have recently been detected in small quanti- 
ties by artificial satellites. 
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So we find that non-thermal galactic radio-emission in- 
dicates the presence in interstellar space of a field with 
in intensity of about 10-° oersteds, which occupies an al- 
inost spherical volume with a radius of some tens of thou- 
sands of parsecs. This agrees with data obtained by ana- 
lysing the conditions retaining cosmic rays. This field, evi- 
dently, gets stronger in the centre and in the layer around 
the galactic plane. Before we talk about other proofs of 
the presence of a magnetic field, let us look at the individ- 
ual sources of radio-emission in more detail. 


30. Individual Radio-Emission Sources 
and Non-Thermal Emission in the Optical Region 


One of the most powerful sources of radio-emission is 
the so-called Crab nebula, lying in the area of the sky 
where a supernova, observed by contemporary Chinese 
und Japanese astronomers, erupted in 1054 A. D. The neb- 
ula is a net of filaments expanding with a velocity of 
about 1,000 km/sec. The density of the filaments is about 
103 particles per cm?. According to the data of R. Minkow- 
ski (U.S.A.), they emit the usual line spectrum of nebulae 
in which the lines of singly ionised atoms dominate (the 
hydrogen lines are relatively weak). The filaments are 
seen quite well in photographs through a filter admitting 
one of the strong lines (Fig. 28, top). If the photograph is 
taken through a filter which does not admit lines (Fig. 28, 
bottom), the filaments are hardly visible, but amorphous 
radiation with a continuous spectrum in the inner part of 
the nebula is clearly seen. 

At first, attempts were made to explain this amorphous 
radiation by free-free transitions in ionised gas. However, 
for this to be true, we would be forced to assume the mass 
of the nebulae to be fifteen times solar mass, and its tem- 
perature above 150,000°. Further, its central star, which 
ionises the gas, would have a temperature of 500,000° 
and dimensions close to those of the earth. In addition, 
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Fig. 28. The Crab nebula in emission lines (filamentary structure) and 
in the continuous spectrum (amorphous mass). Taken with the Palo- 
mar 200” reflector 


such a picture does not explain the nebula’s powerful non- 
thermal radio-emission. 

Shklovsky made the natural assumption that the radio- 
emission of the Crab nebula is caused by relativistic elec- 
(rons in magnetic fields. For this, we would have to assume 
that the Crab nebula has a field with intensity of about 
310-4 oersteds and that the concentration of relativistic 
clectrons there with an energy of 108-109 ev is 105 times 
larger than in the galaxy. Developing this picture further, 
he reached an explanation of the amorphous part of the 
nebula. As we said earlier, a relativistic electron radiates 
mainly in the region of the spectrum determined by its 
energy and the intensity of the field. If an electron with 
energy of 109 ev radiates centimetre radio-waves, an 
electron with 2-10!! ev in the same field must radiate in 
the visible region of the spectrum. Thus, the optical radi- 
ation of the Crab nebula is a continuation of its radio- 
emission. 

This hypothesis removed all the earlier difficulties in 
explaining the optical emission. In particular, the nebula 
can have a comparatively small mass and the star need 
not be as hot as in earlier calculations. However, other new 
difficulties appeared instead. The main one is the problem 
of how such fast electrons are formed. A number of hypo- 
theses have been proposed to solve this. It is most likely 
that the electrons have a secondary origin. They appear 
through the interaction of relativistic protons with atomic 
nuclei of the gas (Ginsburg), during which the electron 
gets about 5 per cent of the proton energy. In the Crab 
nebula this process could be effective only in the initial 
period of expansion, when the gas density was high. Of 
course, there are still difficulties connected with the fact 
that optical electrons are conserved up to the present time 
with no loss in energy. For this to happen, the field must be 
weak and the pressure of cosmic rays much higher than 
magnetic pressure. The nature of the sources of radio- 
emission is still not clear. 
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To be really sure that it is the relativistic electrons 
which form the radiation of an amorphous mass, we must 
find proof based on direct observations. I. M. Gordon 
(U.S.S.R.) proposed measuring the polarisation of the 
Crab nebula. In effect, radiation excited by irregular mo- 
tion of the charge must be polarised so that the electrical 
vector of the oscillations of light is parallel to the accele- 
ration. Acceleration of an electron moving in a magnetic 
field in a spiral is directed to the centre of spiralling and 
the electrical vector of oscillation is perpendicular to the 
direction of the field. Polarisation measurements were car- 
ried out by V. A. Dombrovsky and M. A. Vashakidze 
(U.S.S.R.) and then in more detail by J. H. Oort and 
Th. Walraven (Holland) and others. It turns out that there 
is polarisation, it equals 18 per cent on the average and, if 
separate small parts are singled out, polarisation in them 
is almost total. In Fig. 29 are two photographs of the Crab 
nebula taken by Baade (U.S.A.) with the 200-inch re- 
flector through a polaroid. Changes in the appearance of 
the nebula when the polaroid is rotated are quite evident 
and indicate strong polarisation. It is interesting that the 
amorphous mass looks as if it were made up of threads 
stretching over quite a distance. Polarisation of the radia- 
tion in these threads shows that they are directed along 
the lines of force. The degree of tangling in the field can 
be judged from their appearance. 

On the basis of such photographs, a map of the magnet- 
ic fields in nebulae was constructed. The field seems to pro- 
trude into the intervals between emission filaments. The 
massive filaments hold back the field’s tendency to expand 
(Shklovsky). Pikelner noted that pressure by the field, and 
also by the cosmic rays held by the field, should speed up 
expansion of the Crab nebula. It is interesting that a small 
acceleration in the motion of the filaments was actually dis- 
covered by Baade about fifteen years ago, but then there 
was no explanation for it and not much attention was paid. 
Starting from the magnitude of the acceleration and from 
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Fig. 29. Two photographs of the Crab nebula through a polaroid 
(Palomar 200’’ reflector) showing the strong changes when the po- 
laroid is rotated 


an estimate of the pressure of the field and the cosmic rays, 
Pikelner determined the full mass, including both the fila- 
ment and the more rarefied gas in the amorphous part. It 
turned out to be 0.1 solar mass. At the same time, the mass 
of the filaments, as estimated by Osterbrock (U.S.A.) from 
the ratio of the [O II] components depending on density, is 
a few hundredths of the solar mass. The cosmic ray pres- 
sure leads to an explanation of the formation of filaments 
in the Crab nebula and other nebular remains of superno- 
vae. The basic mass, the former envelope, is concentrated 
on the periphery. In this envelope there should be a field 
holding back cosmic rays. For this, the field must not go 
outward—that is, in the envelope itself, the lines of force 
are “horizontal”. A part of the envelope, accelerated by 
pressure from within, is unstable. If small random defor- 
mations appear on the internal surface, then, at those 
points where the envelope becomes thinner, it will accele- 
rate more strongly, this part will begin to come out ahead. 
The gas will have a tendency to slide along the inclined 
magnetic lines of force on account of its “weight” created 
by acceleration. It will slide in the ‘‘valley” formed at the 
bottom of their narrow filaments (Pikelner). 

A series of other. sources of non-thermal radiation in the 
galaxy were also identified (mainly by Shklovsky and Pa- 
renago) with supernovae. These sources are characterised 
by the presence of filaments having roughly the same opti- 
cal spectrum as the filament of the Crab nebula and appar- 
ently forming an expanding envelope (Fig. 30). Optical non- 
thermal radiation in these nebulae is not observed. Evident- 
ly, there are not enough very fast relativistic electrons. The 
system of filamentary nebulae in Cygnus (Fig. 31), which 
has been well known for a long time, also is the envelope 
of a supernova whose eruption could have been seen about 
30,000 years ago. Radio-emission has also been detected in 
these nebulae. When the nebula expands, the magnetic 
field weakens and the energy of the relativistic particles 
decreases (adiabatic cooling of an expanding relativistic 
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Fig. 30. Nebula with filamentary structure (NGC 6 888), re- 
mains of a supernova. Source of non-thermal radiation (Cri- 
mean Observatory) 
pas). The luminosity of the radio nebula therefore quickly 
fades with time (Shklovsky). The strongest galactic source 
in Cassiopeia is the youngest. Its eruption could have been 
observed about 250 years ago and its luminosity must have 
changed even in a few years time.* In a few tens of thou- 
sands of years it will be transformed into a weak, extend- 

ed source like the filamentary nebula in Cygnus. 

Shklovsky calculated that during the time the envelope 
of a supernova expands, the relativistic electrons respon- 
sible for its radio-emission lose only a small part of their 
energy through radiation and, therefore, after dissipation 
of the envelope, they turn up in interstellar space. He cal- 
culated, starting from the amount of electrons in one 


* Such a change was recently detected by B. Y. Mills (Australia). 
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Fig. 3la. Filamentary nebulae NGC 6 960-6 992 in Cygnus 
(Crimean Observatuiy) 


Fig. 31b. Detail of the nebula NGC 6 960-6 992 in large scale 
(Palomar 200’ reflector) 


source and from the frequency of supernovae eruptions,* 
that supernovae can be responsible for the formation of an 
important part of the galactic “radio electrons’. Moreover, 
supernovae can be one of the sources of cosmis rays in gen- 
eral, since undoubtedly not only relativistic electrons, but 
also relativistic protons and other particles, are formed in 
them. 

What are the sources of the radiation energy of the fil- 
aments in the envelopes of supernovae? Oort proposed that 
filaments in the Crab nebula could be excited by ultra-vio- 
let radiation of the amorphous mass: the brightness of the 
continuous spectrum falls rather slowly with frequency and 
it can be expected that it will be high even beyond the 
Lyman limit. Developing this thesis, L. Woltjer (Holland) 
constructed a quantitative theory of the radiation of fila- 
ments using spectra taken by N. U. Mayall on the Lick re- 
flector. With polarisation data, he studied the distribution 
of the magnetic fields in detail, comparing it with that ex- 
pected theoretically, and calculated some other properties 
of the nebula. 

Most supernovae remnants have no detectable non-ther- 
mal radiation even in the visible region. They must be ex- 
cited by another mechanism. The radiation of filamentary 
nebulae, according to Oort, can be maintained by the rapid 
motion of the envelope. If some kind of mass is in motion 
in the gas with supersonic velocity, gas will be compressed 
in front of it. The region of compression is separated 
from the non-excited gas by a sharp boundary called the 
shock-wave front. The front moves with a velocity some- 
what greater than the speed of the mass, leaving newly- 
-compressed gas behind it. The fast compression leads to 
strong heating of the gas, which might cause its radiation. 

The radiation of gas behind the shock-wave front in the 
filamentary nebulae in Cygnus was studied in detail by Pi- 
kelner. He showed that if in the region lying directly next 


* Supernovae appear in the galaxy on the average once in 50- 
100 years. 
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(o the front, the temperature is high (at a velocity of 100 
km/sec, the temperature characterising the velocity dis- 
persion of the atoms and ions is close to 400,000°) the ener- 
zy will be rapidly expended on hydrogen ionisation. As a 
result, at a short distance from the front, the temperature 
already drops to 20,000° and lower, but hydrogen is already 
partly ionised. Most of the other elements (O,-N, S) are 
also partly ionised. In a thin, hot layer where hydrogen is 
still basically neutral, it is excited by electron collisions, 
leading to the appearance of hydrogen lines. However, the 
hot layer is so thin that its radiation is not very important. 
The main ionisation in lines of hydrogen and ions is formed 
when the gas has already cooled down, i.e., when its 
temperature has dropped to 30,000° or lower. The amount 
of energy in basic lines radiated from the layers at various 
distances from the front was calculated and this radiation 
added up for all layers. For this, it was assumed that the 
chemical composition of the compressed interstellar gas is 
the same as that of planetary nebulae. The expected line in- 
tensities emitted by the shock wave at various velocities 
were obtained. 

The thickness of a radiating layer is evidently equal to 
the distance which the front covers relative to the gas 
during the time when hydrogen cools and again reverts 
to a neutral state. It turns out equal to a few hundredths 
of a parsec which roughly coincides with the thickness of 
the filaments. Although at a wave velocity of about 150 
km/sec, the theoretical relative intensities of the lines are 
close to the observed ones measured by Pikelner with the 
nebular spectrograph, the observed absolute brightness of 
the filament is higher than we would expect if the wave 
were expanding in an ordinary interstellar cloud. Besides, 
the shock-wave front must be some kind of surface and 
the contiguous radiating region will not have the same 
form as the observed filaments. To explain the high bright- 
ness and filamentary form, a hypothesis was proposed 
based on the fact that the expansion velocity of the shock- 
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wave front depends on the density of the gas before it. 
When the density increases, the velocity falls. As a result, 
a plane front approaching a gas condensation will be de- 
formed, making a cavity, since its edge will move with the 
previous speed and its middle will slow down. The wave 
will seem to be focussed, just as a light wave is focussed 
when it passes through a lens made of material in which 
the velocity of light is lower than in air. Since in this case, 
the “lens’”’ has a completely irregular form, the front does 
not focus to a point, but the individual sections intersect 
each other. The area of intersection must have the form 
of a filament with a thickness on the order of that ob- 
served. Its absolute brightness will be higher than in a sol- 
itary wave and the theoretical relative intensity of the 
lines at wave velocities of about 100 km/sec are rather 
Close to those observed. Observations actually show that 
the filamentary net expands with a velocity on the order 
of 100 km/sec (evidently the expansion velocity is sharply 
decreased, since the eruption of the supernova). However, 
the problem is far from being solved, since the velocities 
of various filaments and their spectra differ rather sharp- 
ly. There are still vague spots from the theoretical point 
of view, especially in the problem of the intersections of 
shock-wave fronts. 

The properties of shock waves in interstellar gas were 
studied by Kaplan. Ordinary waves, for example those 
moving through air at moderate velocities, are not accom- 
panied by radiation, since the energy is not high enough 
to excite their atoms. Therefore, the gas heated by com- 
pression cools comparatively slowly, its pressure remains 
high and, even in a strong wave, compression is limited. 
For example, a strong wave in monatomic gas can com- 
press it only a maximum of four times. In the case of 
interstellar gas, the temperature is determined by proc- 
esses of absorption and radiation. After a short-lived rise, 
when the wave has passed through, it quickly returns to 
its Original value. In a cooling gas, the pressure falls and 
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the gas will continue being compressed. Thus, the shock 
wave in interstellar gas can increase density not by four, 
but by hundreds of times. Correspondingly, the intensity 
of the magnetic field which was in the gas before compres- 
sion will rise. These results might have interesting cosmo- 
vonical significance, since, as we mentioned before, the 
problem of condensing gas to high densities is very impor- 
tant to the problem of stellar formation. It should be 
noted that if a shock wave is very strong, the ionisation 
and temperature of the gas behind its front are very high. 
Such hot gas radiates slowly, and, therefore, the properties 
of that strong wave are similar to those of an ordinary 
wave in the air. 

Let us now go back to the question of non-thermal ra- 
diation with a continuous spectrum in the optical region. 
In addition to the Crab nebula, there are other objects with 
the same radiation. At times, small, rapidly changing for- 
mations emitting bright hydrogen lines and a few others ap- 
pear on the sun. They are called chromospheric flares. The 
brightest flares radiate not only lines, but a continuous 
spectrum as well. In addition, after strong flares, a 
strengthening of low-energy cosmic rays is registered, 
X-rays appear which ionise some layers of the earth’s 
atmosphere, thereby interfering with short-wave radio 
communication, etc. The last two facts indicate that a 
flare is characterised by the appearance of relativistic 
particles, protons and electrons (X-rays are formed by 
collisions of fast electrons with atomic nuclei). Using this 
fact, I. M. Gordon (U.S.S.R.), even before the radiation of 
the amorphous parts of the Crab nebula had been ex- 
plained, put forward the hypothesis that the radiation of 
flares in the continuous spectrum is produced by relativistic 
clectrons in motion in the magnetic field. Spectroscopic 
studies of flares carried out by A.B. Severny (U.S.S.R.) in 
recent years have established the non-thermal character 
of their radiation, possibly in connection with relativistic 
clectrons. The flares themselves are formed at the expense 
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of magnetic forces sharply condensing the gas to the neu- 
tral line where the intensity of the field equals zero. During 
this process, nuclear reactions take place and fast parti- 
cles are formed. These particles are then accelerated by 
moving magnetic fields. 

Gordon advanced reasons why the radiation of super- 
novae also has a non-thermal] character. Earlier it was as- 
sumed that a star is inflated by its eruption, increasing 
in diameter by tens of thousands of times. However, as 
it turned out, there are important objections to this sup- 
position. Two of them are: 1) the inflation velocity of the 
powerful type I supernovae (determined by the curve of 
growth of brightness) should be ten times greater than 
the velocity of the envelope’s expansion (about 1,000 
km/sec) which we observe afterward; 2) if the star were 
so big, the gas density in its atmosphere would be low 
and the absorrction coefficient would be small also. For 
the atmosphere to be opaque (we see the increase in light 
in the continuous spectrum), its mass must be a few times 
greater than solar. But this, first of all, contradicts the esti- 
mate of the mass of the Crab nebula and, second, such a 
large mass would almost entirely be found in the interior 
of stars before the eruption and should have a temperature 
on the order of a million degrees. The atmosphere of a 
supernova could never have such a temperature; it would 
lead to absurd consequences. 

To escape this and other contradictions, Gordon assumed 
that when an eruption occurs, a large number of rela- 
tivistic “‘radiating’’ electrons contained in an envelope 
expanding with a velocity of about 1,000 km/sec appear 
also. After the eruption, there is also an ejection of mat- 
ter and relativistic electrons which later might be the 
reason for radio-emission of the remains of supernovae.* 
More arguments were introduced to show that non-ther- 


* An electron radiating in the visible part of the spectrum in a 
strong stellar field will emit radio-waves when in the weak field of 
the envelope. 
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inal radiation evidently plays an important part even in 
ordinary novae. One such argument refers to Nova Her- 
culis 1934, which turned out to be a double star. The 
radius of the orbit of the secondary star from preliminary 
data is 2,100,000 km. If we try to explain the increase in 
light by the simple expansion of the star, we must as- 
sume that the nova’s radius is ten times larger. This would 
mean the secondary star must have been deep inside the 
primary when the eruption occurred, which is impossible 
for a number of reasons. 

The optical radiation of relativistic electrons appears 
not only in the comparatively modest chromospheric flares, 
but even in the grandiose eruptions of supernovae. As 
both Ambartsumyan and Gordon showed, independently 
of one another, non-thermal radiation is evidently respon- 
sible for the sudden increase in brightness observed in red 
dwarfs with bright lines in their spectrum (UV-Ceti type 
stars). During such eruptions the brightness of the star is 
increased tens of times for less than a minute (in blue 
filter), which is impossible to explain by increase in tem- 
perature. The increase in brightness in the blue part of the 
spectrum observed in the T-Tauri stars (mentioned earlier) 
with emission lines in their spectrum is also caused, in the 
opinion of these authors, by non-thermal emission. 

Ambartsumyan connects non-thermal radiation with 
ejection of part of the internal stellar material which car- 
ries the source of the star’s energy. Thus he proposes that 
the energy given off in the surface layers, which is ob- 
served as non-thermal radiation, has the same nature as 
the process maintaining its radiation which is going on in 
the depths of the star. This process by hypothesis cannot 
be the usually-accepted thermonuclear reactions, since 
they are effective only at high temperatures and pres- 
sures. Ambartsumyan proposes hypothetically that the 
energy source might be something like radio-active decay of 
pre-stellar matter of an unknown nature, whose rate does 
not depend on physical conditions. He does not consider 
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that emission is necessarily formed by relativistic electrons 
in magnetic fields, although he does not refute this possi- 
bility. However, the assumption tnat such an “exotic” 
mechanism exists is still premature, since the possibilities 
of ordinary processes have not been exhaustively worked 
out. 

K. H. Bohm (F.R.G.) studied the spectral character of 
the emission of T-Tauri stars and came to the conclusion 
that it seems to be merged emission lines of hydrogen (the 
higher members of the Balmer series). Gordon showed that 
this effect could be caused by radiation of relativistic eiec- 
trons coming from the deeper layers of the star. The ultra- 
violet part of this radiation ionises hydrogen and the 
infra-red strengthens recombinations and forces the atom 
to make induced transitions between upper levels, as a 
result of which the lines are strengthened and broadened, 
so that a continuous band of emission close to the Balmer 
limit is formed. The polarisation of this emission is the 
result of the polarisation of radiation of relativistic elec- 
trons, since the orientation of the electric vector does not 
change during induced transitions. 

Interesting objects with a continuous spectrum are the 
small, so-cailed comet-shaped nebulae. In their “heads” 
there are frequently non-stationary stars of the T-Tauri 
type. Many comet-shaped nebulae noticeably change bright- 
ness with time. Ambartsumyan explored the character 
of the radiation of these nebulae and came to the conclusion 
that at least part of it has a non-thermal nature, like non- 
stationary stars. This radiation sometimes varies with time, 
but the variations are different from those of the stars in 
some cases, so that it is impossible to consider that they 
radiate simply by reflected light. Not long ago E. A. Dibai 
(U.S.S.R.) pointed out that most comet nebulae face toward 
hot starts, so that they can be considered similar to the 
“elephant trunks” formed in H II regions; but they remain 
after the regions have expanded and become invisible. The 
presence of T-Tauri stars in the head is connected, in his 
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opinion, with the fact that conditions in the dense part of 
the “‘trunk’’, as we said earlier, are auspicious for the for- 
mation of stars from the gas. The stars thus formed illu- 
minate the nebulae, explaining, at least in most cases, their 
radiation in the continuous spectrum. 

Non-thermal radiation with a continuous spectrum is 
produced evidently even in more grandiose phenomena 
than the envelopes of su- 
pernovae. .In the central 
region of one of the more 
powerful radio-galaxies (in 
the constellation Virgo), a 
formation seemingly made 
up of a few bright conden- 
sations was’ discovered 
long ago (Fig. 32). Their 
spectrum is_ continuous, 
without absorption and ra- 
diation lines, so that it 
cannot be caused either by fig 32. Central part of the 
gas or by stars. If this ra- _radio-galaxy in Virgo (Palomar 
diation is formed by rela- 200°" reflector) 
tivistic electrons, their to- 
tal energy as calculated by Shklovsky exceeds by 108 times 
that given off by supernovae eruptions. Slower electrons 
are responsible for the intense radio-emission of this gal- 
axy. Not long ago Baade detected polarisation in these con- 
densations, which supports the hypothesis about the na- 
ture of their radiation. It is interesting that the ejection is 
directed along the short axis of the galaxy—that is, close 
to the axis of rotation—and that the radio source stretches 
in the same direction. This creates the impression that rela- 
tivistic particles escape from the galaxy in the direction of 
its short axis. In most cases the ejection takes place to both 
sides, making up two centres of radio-emission, as it were. 
Such a division into two sources is observed in the most 
powerful radio source, Cygnus A, and in the weak extended 
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source in Centaurus. Shklovsky considers them to be differ- 
ent stages in the development of radio-galaxies: the pow- 
erful young source weakens as it expands, turning first 
into an average radio-galaxy and finally into an ordinary 
galaxy. It might be added that Ambartsumyan found in 
photographs of the sky some galaxies, or formations com- 
parable to galaxies in size, which have a blue colour. He 
considers that this colour is caused by the non-thermal 
character of their radiation, although it might also be due 
to hot stars and H II regions (A 3,727). 

It is already obvious from this cursory review of the 
phenomena of non-thermal radiation that processes con- 
nected with the formation of relativistic electrons and their 
radiation in magnetic fields play a great role. These proc- 
esses are completely different in scale—from phenomena in 
active regions on the sun to radio-galaxies. and the radiat- 
ing formations in them. Relativistic electrons are evidently 
formed by collisions of fast protons and atoms. The pro- 
tons are accelerated by interactions with moving magnetic 
fields (E. Fermi). At the present time, when investigation 
of non-thermal radiation has essentially just begun and 
much is still unknown, it is hard to predict what changes 
there will be in our conceptions even in a few years. How- 
ever, the exceptional value and importance in principle of 
this range of ideas for astrophysics are quite obvious. 


31. The Regular Field in Spiral Arms 


Let us return to the magnetic field of the galaxy. The 
conditions we talked about earlier which retain cosmic rays 
and the existence of non-thermal radio-emission indicate 
that there are fields with an intensity close to 10-5 oersteds, 
occupying an extended, almost spherical region. They are 
evidently formed from an initial weak field which is 
strengthened by gas motions and they have a chaotic struc- 
ture. However, some other data complicate this comparative- 
ly simple picture. In 1949 several authorities independent- 
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ly noticed that the light of some stars is partially polarised. 
A large number of observations carried out since then have 
helped to reveal some of the properties of this polarisation. 
In individual cases it attains 10 per cent and shows some 
connection with the reddening of the star—that is, with 
interstellar absorption. This dependence can be character- 
ised in the following way: if the star is not reddened, if 
its light has not passed through a dust cloud, it does not 
show polarisation. If the star is reddened, its light is more 
or less polarised. The maximum polarisation possible at a 
given degree of redness is proportional to the magnitude of 
the reddening. This indicates that the light is polarised 
when it’ passes through a dust cloud, but different clouds 
polarise light to different degrees. 

It is interesting to compare the character of the polari- 
sation in various regions of the Milky Way. In Fig. 33, the 
length of the little lines represents the degree of polarisa- 
tion and their direction is the plane of oscillation of the 
electric vector. The upper chart shows the region where the 
line of sight is almost perpendicular to the spiral arm of 
the galaxy; the lower shows the region where the line of 
sight slides along the arm. The difference is quite evident. 
In the latter case, there is little polarisation and its plane 
is oriented at various angles; in the former, polarisation is 
higher and oriented almost parallel to the galactic plane. 

The polarisation of light as it passes through a dust 
cloud can appear when the dust particles have an elongated 
shape and their directions are ordered. Passing near an 
elongated particle, the oscillations of light taking place in 
various planes are scattered non-uniformly and the light 
whose electric vector is parallel to the long axis of the par- 
ticle is greatly weakened. Almost all the given observa- 
tions can be explained if we consider that the long axes of 
the particles are perpendicular to the spiral arm of the 
galaxy—that is, that they rotate like propellers around the 
axis directed along the arm. Then. if we look along the spi- 
ral arm, the long axes of the particles are perpendicular to 
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Fig. 33. Polarisation of stars perpendicular to the spiral arm 
(above) and paralle] to it (below). (W. Hiltner) 


(the line of sight and chaotically oriented, so that in general 
there should be no polarisation. A small amount of polari- 
sxution, different in different stars, is formed because of 
Insignificant systematic deviations from average of the 
plane of rotation of the particles. In the directions perpen- 
dicular to the spiral arm, it is as if we were seeing the 
particles edge-on, or their projections on the sky perpen- 
dicular to the galactic equator, which give the observed 
polarisation. 

Calculations by van de Hulst showed that particles made 
up of dielectric crystals might explain the observed depend- 
ence between maximum polarisation and reddening, if 
their long axes are roughly two-three times the short axes 
and if a significant part of the particles are oriented as 
discussed above. What could cause this orientation? Of the 
theoretically possible mechanisms, only the magnetic field 
can to some degree pass the quantitative tests. The theory 
of the regulation of particles by a magnetic field was devel- 
oped by L. Davis and J. Greenstein (U.S.A.). ItS essence 
is as follows. 

A particle is constantly moving and rotating due to col- 
lisions with atoms of the interstellar gas. Since the parti- 
cles include a small amount of ferro-magnetic admixtures 
they have a weak magnetic property. In the magnetic 
field, it becomes magnetised and gets a magnetic moment 
like that of the core of an electromagnet, but much weaker. 
If the particle were not rotating, its moment would be par- 
allel to the external field of the galaxy. However, because 
of the particle’s fast rotation, the magnetisation and de- 
magnetisation, which take some time, lag behind the direc- 
tion of the external field. This creates an angle between the 
field and the moment. Interaction of the magnetic moments 
of the particle and the field gives coupled forces slowing 
down rotation. The rotational energy is turned into heat, 
since the constant changes in magnetisation heat up the 
particle. | 

It is known that coupled forces acting on a spinning top 
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force changes in the direction of its rotational axis. For 
example, when a weight is applied to the centre of gravity, 
this weight and the reaction of the floor to it, which is 
applied to the point of the fulcrum, force the axis of the 
top to describe a cone. The direction of the coupled forces 
slowing down the particle is such that the rotational axis 
goes nearly in the same direction as the field. As a result of 
this approach, the interaction is decreased and the force 
slowing the particle down decreases also, so that the axis 
is more and more slowly displaced. At last the particle be- 
gins to rotate around one of its own short axes which is 
oriented along the field. Then the long axis remains perpen- 
dicular to the field. This must take place in order to 
explain the polarisation, if the field lies along the spiral 
arms. 

If there were no atomic collisions, all the particles in 
time would reach such a well-ordered state. However, the 
collisions prevent it. The degree of ordering depends on the 
ratio between these two factors. The rate at which the 
lining up of the particles takes place depends on their 
magnetic properties and on the intensity of the field: the 
rate of disordering on the density and temperature of the 
gas. Under the conditions found in gas clouds, the field 
needed to create a rather complete order must have an in- 
tensity of about 10-5 oersted. Thus, the polarisation of 
Starlight leads to about the same intensity for the inter- 
stellar field as the first two methods. 

However, there is a significant difference between the 
methods. The first two indicate a field filling the spherical 
subsystem and, apparently, having a chaotic character 
caused by gas motions. Polarisation suggests the presence 
of a regular field directed along the spiral arms. Although 
the interrelation between regular and chaotic fields is not 
clear, it seems that both are real, since the field of the spiral 
arms alone can explain neither the containment of cosmic 
rays, in particular the relativistic electrons observed in the 
spherical subsystem, nor the distribution of galactic radio< 
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emission. Evidently, the spiral arm is a relatively thin tube 
of force lying between chaotic fields. 

Determining the field from observations of the polarisa- 
tion of light gives us insufficient information. In the first 
place, it shows only average characteristics of the field, 
not local ones: polarisation is formed along an entire light 
path with a length of hundreds of parsecs. Secondly, it 
does not clearly determine the relation between the ener- 
pies of the field and of matter. This ratio, as we said before, 
is important to the behaviour of the matter: motion in a 
weak field takes place almost freely and in a strong field, 
only along lines of force. 

Therefore, another method of studying a regular field 
which is free from these difficulties is very valuable. Shajn 
pointed out that many bright nebulae are quite extended 
in shape (Fig. 34), usually in the direction along the galac- 
tic plane. Practically all large nebulae have such a shape. 
This form cannot be explained by the stretching effect of 
differential rotation, which takes a hundred million years— 
longer than the lifetime of the nebulae. There are also many 
extended nebulae among the dark ones (Fig. 35), as Rouskol 
showed even earlier. Their direction usually is at a small 
angle to the galactic equator. As we said above, bright 
nebulae are expanding. Evidently, this is also true of the 
dark ones, since internal motions with velocities of 2-3 
km/sec are observed. Shajn proposed that the long shape 
is the result of expansions in the magnetic field strong 
enough to hinder motions transverse to the lines of force. 

To make sure that the nebulae actually are stretched 
out along the field, he compared them with data on inter- 
stellar polarisation. One such comparison is shown in 
Fig. 36. Both the stretching and the polarisation in general 
are directed parallel to the galactic plane. However, there 
are significant deviations. which are roughlv the same for 
both polarisation and stretching. This is easily seen in the 
lower part of the map where directions of both form a large 
angle to the galactic plane. Such a coincidence, seen in 
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Fig. 35 Extended dark nebulae in the constellation Taurus 
(E. E. Barnard) 


many other regions also, is strong confirmation of the 
hypothesis that the magnetic field causes both phenomena. 

S. B. Pikelner and L. P. Metik (U.S.S.R.) made an attempt 
to detect the influence of the field on the motion of fast 
clouds. For this, they took information from Adams’ cata- 
logue about interstellar lines which are observed in three 
sky regions, two directed along the spiral arms and one in 
a line of sight perpendicular to them. It turns out that 
movement along an arm takes place faster than motion 
across it. The reason evidently is that the magnetic field 
slows down the transverse motion. 

From study of maps like that shown in Fig. 36, Shajn 
concluded that the magnetic field of the spiral arms does 
not have a regular form, as had been assumed earlier. In 
large regions of the sky, the field sometimes deviates from 
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its mean direction, forming gigantic fluctuations. Com- 
paring the mean angles of inclination of the field in various 
parts of the Milky Way, Shajn found a certain regular 
relationship with longitude. From this, it followed that the 
mean direction of the regular field near the sun (a region 
with a diameter of about 600 parsecs) is inclined to the 
galactic plane at an 18° angle. This agrees with the fact 
that the spiral arms are also not completely regular: they 
sometimes incline toward the galactic plane and, as is evi- 
dent from photographs of spiral galaxies, frequently seem 
to be made up of individual segments. However, the plane 
of the field does. not coincide with any single particular 
group of stars. 

Besides large fluctuations, there are local fields of much 


Fig. 36. Comparison of the direction of polarisation and the extent 
of nebulae in a region in Taurus (G. A. Shajn) 


Fig. 37. A local field in Sagittarius (four stars with high polarisation) 
(G. A. Shajn) 


smaller size, on the order of 10 parsecs, often inclined at 
a large angle to the general field. A typical example is 
shown in Fig. 37. 

In some places the directions of both the extended nebu- 
lae and the polarisations are very complicated, they change 
rapidly from point to point. Perhaps in these regions the 
field is weaker and the gas motions distort the lines of force 
more. In a large part of the spiral arms, as would be 
expected from the presence of the greatly extended nebu- 
lae, the motion of matter is regulated by the field. 
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This conclusion, which had been suggested earlier in a 
more hypothetical form, since there was no confirmation 
by direct observationai data, is very significant in cosmogo- 
ny. 

Before we taik about this significance, let us review our 
knowledge of the spiral arms. ‘Vhey are places where inter- 
stellar gas, in particular, neutral and ionised clouds, diffuse 
nebulae and hot stars, congregates. All these objects are in 
motion and it seems that they should escape from the 
limits of the arms in about ten million years. Of course, the 
nebulae do not reach that age and separate clouds must be 
dissipated in a shorter time, but the galactic gas as a whole 
exists longer. We do not know how long a spiral arm re- 
mains. It might be that it forms and dissipates in a time 
shorter than the lifetime of the galaxy. The presence of very 
long arms in some galaxies suggests that, at least in some 
cases, their age might be a few hundred million years. If 
this is true, we must explain why the gas in the arm has 
not dissipated. The reason might be the restraining influ- 
ence of the magnetic field. 

The magnetic field, of course, has no effect on stellar 
motions. The age of hot stars does not exceed twenty or 
thirty million years; therefore, they cannot recede very 
far from their place of origin. But if they originate in the 
spiral arms, it means that the matter from which they are 
formed also must be contained in the arms for a long time. 
Evidently, the forebears of the stars must be objects more 
like gas than like dense bodies. It is possible that the ex- 
tended nebulae and their individual details in the magnetic 
field are connected with the presence of chains of stars. 
V. G. Fesenkov and D. A. Rozhkovsky (U.S.S.R.) pointed 
out the cosmogonical significance of these chains. Most 
short chains are evidently accidental, but the long close 
chains detected by these astronomers which contain 10-15 
nearly identical stars cannot be random. The properties of 
the stellar chains, as connected with their recent formation, 
were also studied by D. Y. Martynov (U.S.S.R.). A chain of 
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supergiants was discovered in the spiral galaxy M 33 by 
Vorontsov-Velyaminov and in clusters containing O stars 
by Ambartsumyan and Markaryan (U.S.S.R.). Clusters ot 
I'-Tauri stars, according to Parenago (U.S.S.R.) and P. Pis- 
mi§ de Recillas (Mexico), often form chains inside T-asso- 
ciations. Several systems of the Trapezium type are also 
sometimes found in chains (S. Sharpless, U.S.A.). All these 
facts indicate that in some cases stars are formed from 
cold gas-dust filaments of various sizes, but details of this 
process are not completely clear. Perhaps it is connected 
with the formation of “elephant trunks” (Fig. 27) and their 
disintegration. 

What can be said about the origin of the field of the spi- 
ral arms? Unfortunately, there is still no comprehensive 
answer. It must have something to do with the formation 
of the arms themselves, since in all spiral galaxies the arms 
consist of gas and hot stars and, as we have seen, there 
must be a magnetic field to contain the gas. Evidently, the 
spiral structure is a characteristic form for rotating sub- 
systems of gas in general. C. F. von Weizsdcker (F.R.G.) 
proposed that an arm originates in gravitational conden- 
sation of the gas. At first the gas disintegrates because of 
the force of gravity into rather massive condensations, 
which then are forced by differential rotation into a spiral 
form. Correspondingly more time is needed to form a more 
extended spiral. If there were a chaotic magnetic field in 
the gas, it would take on an over-all orientation due to 
stretching. Each line of force remains tangled, but at the 
same time most of its length will be at an acute angle to 
the axis of the arm. This field will give both polarisation 
and extended nebulae. Observations of non-thermal radio- 
emission along the spiral arms (Mills, Australia) indicate 
that the field has a transversal component since electrons 
do not radiate along the magnetic field. This means that 
the field of the spiral arms is tangled and extended. If the 
Zeeman effect could be measured in the 21-cm line (so far 
results have been negative, but the method is still not sen- 


13—2431 193 


sitive enough), the sign of the field could be determined in 
various parts of the cross-section of the arm. This would 
serve as an independent determination of the character of 
the field.* The spiralling of the arms increases the intensity 
of the field and, therefore, the magnetic energy grows at 
the expense ot the rotational energy of the gas. This proc- 
ess cannot go on indefinitely; there must be opposition. 
Possibly, the magnetic forces working to straighten out the 
arm communicate the velocity from the galactic centre to 
its outer parts. When this happens, the angular momentum 
will be passed from the inner to the outer parts of the disc. 
F. Hoyle and J. Ireland (Britain) proposed that strengthen- 
ing of the field is accompanied by a break in the lines of 
force from the disc to the halo in regions where the den- 
sity of the gas in the disc is low. The break-through is 
helped by the fact that, as the lines of force rise, the gas 
“slips” along this inclined plane and opposition to the as- 
cent decreases. The gas gets a kinetic energy which can 
maintain the motion of the clouds—in the final count, due 
to rotational energy. 


32. The Spherical Subsystem of Rarefied Gas 


Let us now look in more detail at the properties of the 
rarefied gas forming the spherical subsystem in the galaxy. 
These properties were studied by Shklovsky and Pikelner, 


* Recently a group of British radioastronomers measured the 
average intensity of the field in the line of sight to the strong radio 
sources in Cassiopeia, Taurus and Sagittarius (the absorption produced 
by interstellar gas was measured). Within the accuracy of the 
measurement, no field was detected. Consequently, the mean inten- 
sity is less than 10-5 oersted and towards Cassiopeia it is less than 
0.5°10-5 or 0.7:10-5 in the first and second arms respectively. Of 
course, the line of sight cuts the arms at a 45° angle, so that these 
values must be increased somewhat. These results still do not per- 
mit us to draw any final conclusions. If more accurate observations 
lead to a further decrease in the upper level by a few times, this 
will be a good indication that the field is chaotic, so that the actions 
of the fields of various directions cancel out one another. 
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starting from non-thermal radiation data. From the radio- 
emission spectrum, it can be concluded that the radiation 
per volume unit is proportional to KH!.8, where K is the 
concentration of relativistic electrons and H, the intensity 
of the magnetic field.* From observations we find that the 
strength of radio sources falls very slowly with distance 
from the galactic plane. At a “height” of 10,000 parsecs 
cnergy only a few times less than that at 1,000 parsecs is 
radiated. However, in a layer with a thickness of about 500 
parsecs, radiation increases by 10-20 times more. In the 
centre the strength of emission sources increases by 50-100 
times compared to the average radiation in the plane layer. 

The radio-emission permits us to estimate the distribu- 
tion of relativistic electrons and the intensity of the field. 
Of course, we do not know how K and H change individu- 
ally, but, inasmuch as the cosmic ray concentration and the 
intensity of the field must decrease with distance from the 
galactic plane** and the expression KH!-° decreases 20-30 
times during the transition from the solar region to a height 
of 10,000 parsecs, it can be assumed that K and H decrease 
approximately three times. The error cannot be significant. 
Since both relativistic electrons and fast protons move in 
spirals around the lines of force, their distribution evidently 
is the same, so that it can be assumed that at 10,000 par- 
secs, the energy density of all cosmic rays, not just elec- 
trons, is three times less than in the galactic plane. Near the 


* More precisely, we should use the component of the field per- 
pendicular to the electron velocity, instead of the intensity. This cir- 
cumstance makes the dependence of radiation on the intensity still 
stronger. 

** Tf cosmic rays were fully enclosed in the galaxy, their density 
would be constant. However, V. L. Ginsburg and S. I. Syrovatsky. 
(U.S.S.R.), analysing the chemical composition of cosmic rays, 
showed that they do not return to the earth from the farthest re- 
gions, but are slowly diffused out of the galaxy. This should make the 
density of the particles slowly decrease. In addition, their density can- 
not be constant, since otherwise at the edge of the galaxy there 
would be a very large pressure gradient with nothing to balance it, 
so that cosmic rays would escape outward (Pikelner). 
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sun the cosmic ray pressure roughly equals 10-12 dyne/cm2 
and the intensity of the field about 10-° oersted. Therefore, 
far from the galactic plane the corresponding figures equal 
roughly 0.3:10-! dyne/cm?2 and 3°10-6 oersteds. It will be 
noted that if one of these numbers is lower, the other must 
be increased, since the magnitude of KH!-8 is determined 
by radio-emission and cannot be smaller. 

Various forces act on the gas of the spherical subsys- 
tem. The gravitational pull of the stars of the galaxy is 
directed ‘‘down’’. The acceleration of this gravity is known; 
it has been calculated from stellar motions. In addition 
there are several forces acting ‘upward’. Among them we 
should mention the pressure of the field, cosmic ray pres- 
sure, gas pressure and, if the gas is in motion, pressure of 
the moving masses. As a first approximation, it can be 
assumed that these forces are balanced by the weight of 
the gas above. In any case, the difference between them 
cannot be too great or the gas would have been rapidly 
ejected from the galaxy or have dropped into the lower 
layers. The weight of the gas above depends on its density 
and on the gravitational acceleration. We can estimate the 
mean gas concentration in the spherical subsystem—about 
6-10-° atoms per em3 from the condition of equilibrium. 

We get some information about gas densities of the 
spherical subsystem from observations. Neutral hydrogen 
radiates the 2l-cm line. The. galaxies nearest to us, called 
the Large and Small Magellanic Clouds, show a gas corona 
extending over 10,000 parsecs. According to radio data, the 
concentration of neutral atoms on the periphery of the 
Large Magellanic Cloud is about 8-:10-3 atoms per cm3 and 
the velocity dispersion equals about 50 km/sec. However, 
the Magellanic Clouds are not spiral galaxies, like ours, but 
irregularly-shaped galaxies. Observations of the spiral gal- 
axies are even more interesting. Dutch scientists studied 
those nearest to us and, within the accuracy of the meas- 
urements, detected no 2l-cm radiation from the spherical 
subsystem. This means that the concentration of neutral 
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atoms is less than 4:10-3/cm3. V. A. Razin (U.S.S.R.) esti- 
mated the upper limit of the gas content, including ionised 
hydrogen, by two methods. The first is based on the inter- 
action of relativistic electrons and the electrons of the 
medium, which should change the appearance of the radio- 
spectrum. Such a change is not observed. The second meth- 
od uses polarisation measurements. Radiation of relati- 
vistic electrons is linearly polarised. Even in a non-homo- 
geneous field, a small statistical average polarisation should 
remain, especially if the non-homogeneous formations of 
the field are large. However, in ionised gas with a magnetic 
field, the plane of polarisation rotates with a velocity pro- 
portional to the field intensity and the electron concentra- 
tion. Therefore, the direction of the plane of polarisation 
varies with the radiation originating in various layers of 
a region even in a homogeneous field and the degree of 
polarisation decreases. The fact that polarisation is absent 
in long waves and present in traces in shorter waves where 
the effect of rotation is less important allows us to estimate 
the upper limit of the electron concentration for assumed 
structure and intensity of the field. Both methods show that 
the gas concentration does not exceed 2-10-3/cm3. This 
value is two or three times less than that necessary to 
compensate for the pressure of the field and the cosmic 
= for some 
configuration of the field, but even in this case a small 
discrepancy remains. Kahn and Woltjer suggested that ex- 
pansion of the halo could be contained by the pressure of 
the intergalactic medium. However, this pressure is some- 
what lower than that of the field and the cosmic rays. We 
shall talk more about the intergalactic medium later. 

G. R. Burbidge (U.S.A.) carried out a series of calcula- 
tions for the spherical subsystems of other galaxies. Start- 
ing from radio-emission and assuming that the electrons 
have a secondary origin, he found the concentration of 
cosmic rays and the intensity of the field. 


rays. Of course, the pressure can be lower than 
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It is necessary to know whether the gas masses are in 
motion or not. This question is closely connected with the 
problem of the formation of the field. If there is movement 
in the gas, it can be assumed that the field is formed from 
a weaker one by entanglement. If there is no motion, the 
field from the first should have the intensity estimated 
above and should be comparatively regular. In the latter 
case, the total magnetic flux of the field will be much higher 
than in the spiral arms, since the thickness of the spherical 
subsystem is a hundred times larger than that of the disc. 
This creates real difficulties in explaining the formation of 
the field. 

To escape these difficulties, Pikelner and Shklovsky pro- 
posed that the field is tangled by motion. In this case, the 
kinetic energy must be close to the magnetic energy. From 
this we can find the velocity dispersion of the gas motion, 
about 100 km/sec. Such a great velocity value leads to the 
contradiction pointed out by Spitzer. If the gas temperature 
is not very high (for example, lower than a million degrees), 
the motions are supersonic—that is, they must give rise to 
shock waves. In shock waves, the sharp compression of 
the gas leads, as we said before, to strong heating, so that 
the kinetic energy of the wave is quickly transformed into 
heat. Consequently, a very powerful energy source, exceed- 
ing the radiation capacity of hot stars by thousands of 
times, is needed to maintain motion. Such sources are not 
yet known and it is difficult to find them. Moreover, if gas 
is heated with such intensity all the time, it can never 
succeed in cooling. Its temperature will steadily rise and 
reach a million degrees. But at such a temperature the 
gaseous “atmosphere” of the galaxy will be very extended 
due to the huge thermal velocities of the particles—that 
is, the fast motions of the gas masses will not be neces- 
sary to maintain the temperature. Therefore, Spitzer cal- 
culated that gas in the spherical subsystem has a tem- 
perature of about a million degrees and there is almost no 
motion. 
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Spitzer was forced to assume that the gas concentra- 
tion equals roughly 5-10-* atoms/cm? to keep the hot gas 
pressure from being greater than that in clouds (otherwise, 
the clouds would: contract rather than expand). Spitzer’s 
theory does not explain how such a strong field arises in a 
quiet gas. In addition, the rarefied gas weighs so little that 
the pressures from the field and the cosmic rays should 
push it out of the galaxy. If the field were such that its ten- 
sion compensated for the cosmic ray pressure, the system 
would be unstable and the particles could be torn from 
the galaxy. 

Hoyle and Ireland proposed that the field of the halo is 
formed by loops in lines of force coming from the disc due 
to the twisting of the spiral arms. However, the intensity 
of such a field evidently must be less than that observed. 

In general, it can be said that the problem of the origin 
of the field and determinations of the properties of the gas 
in the spherical subsystem is still far from solved, mostly 
because of the lack of direct observations. Evidently the 
gas concentration is on the order of 3-10-3/cm%, the tem- 
perature is high and ionisation is significant. The field is 
mainly strengthened by motions which in a hot gas are 
slower than the speed of sound and have less dissipation. 
Cosmic rays can serve as the energy source raising the lines 
of force together with the gas. The gas later falls again. In 
addition, the expanding envelopes of type II supernovae 
give much energy (Shklovsky). 


Chapter Five 


THE INTERSTELLAR MEDIUM: 
A STEP IN THE EVOLUTION OF GALACTIC MATTER 


33. Stellar Evolution 


We can now explore the varicus subsystems of our gal- 
axy in more detail. Part of the mass is in the spiral subsys- 
tem which consists basically of subdwarfs, globular clus- 
ters and variable stars of various types. Their number 
strongly increases toward the centre. Another extreme sub- 
system is the plane one consisting of gas and stars forming 
the spiral structure. The hot giants and supergiants, T-Tauri 
Stars, etc., belong to this system. In addition, there are 
three intermediate subsystems. One of them has a stellar 
composition similar to the spherical subsystem. Another is 
like the plane subsystem; in it are found most of the stars 
of the main sequence beginning from class A. Stars of the 
galactic nucleus, planetary nebulae, novae and some vari- 
able stars belong to the fifth subsystem. 

The variety of plane and spherical subsystems has an 
evolutionary meaning. This variety is shown most graphi- 
cally by the fact that the subsystems follow the spectrum- 
luminosity (or colour-luminosity) diagram called the Hertz- 
sprung-Russell diagram. In Fig. 38 is a schematic, summa- 
ry diagram of a few galactic clusters from the plane sub- 
system (single lines) and two globular clusters of the spher- 
ical subsystem (double lines). The lower parts of the main 
sequences of galactic clusters (except those we shall talk 
about later) nearly coincide, but the upper parts are differ- 
ent. First of all, they differ in the luminosity of the bright- 
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Fig. 38. Summary diagram of the colour-luminosity ratio for 
galaxies and two globular clusters (A. R. Sandage) 
er stars. While the cluster NGC 2362 and the double clus- 
ter h and x Persei contain blue supergiants with an alsolute 
magnitude of —6™, in the Pleiades, the absolute magnitude 
of the brightest stars of the main sequence is —2™.5; in the 
Hyades and Praesepe, +1™.0; and in M 67, +3™.5. O. Struve 
(U.S.A.) long ago explained this peculiarity by proposing 
that different clusters have different ages. Since giants and 
supergiants radiate hundreds of times more energy per unit 
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mass than stars with average luminosities, they should use 
up their reserve much faster and change into another evo- 
lutionary stage. Thus, as the cluster grows older, the faint- 
er stars will evolve and desert the main sequence. Some 
conception of the way in which stars begin to leave the 
main sequence is shown by another feature of the diagram: 
the upper ends of the main sequence of each cluster seem 
to break off at the right side. This shows that the stars whose 
turns have come move upward and to the right from their 
original place—that is, they become brighter and redder. 

In addition to the main sequence stars, almost every clus- 
ter has a branch of red giants. The younger the cluster, the 
higher it lies on the chart. As a rule, this branch is not 
connected with the main sequence and the higher the 
branch, the larger the gap becomes. In M 67, however, the 
branch can be traced over its entire length. 

The diagram for globular clusters at first glance is dis- 
similar to the one for galactic clusters (Fig. 38). Actually, 
the difference is not so great. The segment of the “main” 
sequence is short because the weaker stars (the lower end) 
cannot be measured in these far-away clusters, and at the 
upper end stars with an absolute magnitude brighter than 
+3m™ have already gone into another stage. This means that 
globular clusters are old formations. Their “main” se- 
quences are somewhat lower than those of the galactic 
clusters and do not coincide in different clusters. They are 
not made up of dwarfs like our sun, but of the subdwarfs 
which constitute the basic mass of stars in the spherical 
subsystem. Globular clusters have well-developed branches 
of red giants like the M 67 branch, but made up of brighter 
stars. In addition, the globular clusters M3 and M 92 have 
horizontal branches of white stars. The breaks in these 
branches do not indicate an absence of stars, but correspond 
to cluster-type variable stars: since they have a variable 
brightness, they cannot be plotted on the diagram. It is 
interesting that the old galactic clusters have no such 
branches. 
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In the last few years, almost all the basic features of the 
diagram have been explained in the work of many scien- 
tists, including M. Schwarzschild, A. R. Sandage, R. J. Tay- 
ler and E. E..Salpeter (U.S.A.). At present the theory of 
stellar evolution is developing rapidly and many concepts 
are still changing. Therefore, only some of the basic ideas 
will be mentioned here. 

According to current ideas, stars in early stages of evo- 
lution are relatively dense, opaque, gaseous spheres con- 
tracting under gravitation. The temperature in their inner 
parts rises due to compression. At first, the velocity of the 
atomic nuclei is not high enough to permit penetration into 
other nuclei. When the temperature reaches a million de- 
grees, the first thermo-nuclear reactions, which involve the 
nuclei of deuterium, or heavy hydrogen, begin. The deute- 
rium captures a hydrogen nucleus and turns into He?. This 
process gives off energy which somewhat slows down 
contraction. However, the amount of deuterium is small, 
some thousands of times less than the hydrogen content, 
so that it is quickly “burned out” in the stellar core and 
compression continues. As the temperature rises to 3, 4 and 
6 million degrees, reactions begin with the light elements 
Li, Be and B respectively. They too are transformed into 
helium nuclei, but they are rare also and are used up with 
almost no effect on the compression process. 

At a temperature of 7 million degrees, hydrogen reactions 
begin. The collision of two protons leads to the formation 
of deuterium, which changes into He? and then into He?%. 
Since hydrogen is the most abundant element, this reaction 
continues for a long time. The higher the temperature, the 
more rapidly energy is given off. Consequently, as compres- 
sion of the star goes on, both the central temperature and 
the energy emitted increase. When the temperature gets so 
high that the gas pressure balances the force of gravity, the 
compression stops—the star has reached equilibrium. In 
the Hertzsprung-Russell diagram, the main sequence, or, 
more exactly, its lower edge, corresponds to this state. 
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The more massive the star, the higher its central tempera- 
ture must get to counteract the gravitational compression 
and the brighter the star’s luminosity will be. This accounts 
for the existence of the mass-luminosity relationship in the 
main sequence; luminosity is proportional to the cuve of 
the mass. 

The position of a star in the Hertzsprung- Russell dia- 
gram depends on its chemical composition, on the relative 
amount of heavy elements, as well as on its mass. This is 
connected, first of all, with changes in the mean molecular 
weight, which determine the density gradient at a given 
temperature. Second, absorption will be higher when car- 
bon and heavier elements are added, and this also affects 
the star’s structure. As a result, at the same mass, addition- 
al helium increases stellar luminosity and an admixture 
of heavy elements lowers it. 

Let us now go back to a star like the sun with an average 
chemical composition, which, as a result of compression, 
turns up at some point on the main sequence. If its mass 
is less than two solar masses, its basic energy comes from 
hydrogen reactions. More massive stars with a central 
temperature higher than twenty million degrees get their 
energy from the carbon-nitrogen cycle. In this cycle, four 
protons in sequence unite with a carbon nucleus and the 
expanded nucleus disintegrates into carbon and helium. 

The supply of hydrogen gradually decreases. As a result, 
the energy output declines, leading to further compression. 
This raises the central temperature again and the energy 
output goes up, notwithstanding the smaller amount of 
hydrogen. Therefore, the star always remains in a state of 
equilibrium, if the very slow compression needed to raise 
the central temperature is not counted. 

The energy given off by the carbon cycle increases great- 
ly with heating: it is proportional to the 20th power of 
temperature. This creates instability in the central region 
of massive stars where the carbon reaction is taking place. 
Actually, if the temperature T for one reason or - other 
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increases with heating, the energy given off increases as 
T-0, What happens to the excess energy? Part of it is car- 
ried away in the form of radiation. Since radiation energy 
is only proportional to T‘, this part will not be too great. 
The remaining energy will stay in the centre. The temper- 
ature will go up and at the same time the energy which 
cannot be emitted as radiation will increase also. The tem- 
perature excess will grow until convection—the motion of 
gas masses carrying energy into the outer layers—begins. 
Under ordinary conditions, convection develops in only a 
small part of the stellar volume. 

As a result of nuclear reactions, the central parts of stars 
gradually are enriched with helium at the expense of hy- 
drogen, while the outer parts keep their original chemical 
composition. Molecular weight in the core increases, the 
gas becomes “heavier” and higher temperatures are re- 
quired for its maintenance. The growth of temperature in 
the stellar core gradually increases the energy given off, so 
that the star’s luminosity rises slowly. The hydrogen re- 
serves are great; therefore, evolution of a star like the sun 
takes place slowly. For example, according to Schwarz- 
schild and some others, in the centre of the sun now, about 
30 per cent of the total gas mass is hydrogen, 68 per cent 
is helium and about two per cent, other elements. As judged 
by the composition of the outer layers, at the beginning 
of its evolution, the concentrations were 68 per cent hydro- 
gen and 30 per cent helium. Such evolution in stars like the 
sun must take about 4.5 thousand million years. Therefore, 
the sun joined the main sequence 4.5 thousand millian 
years ago. At that time, it was 0™.5 weaker than it is now. 

Dwarf stars, which are below the sun in the main Se- 
quence, radiate less energy and less of the hydrogen in their 
nuclei has been used up. On the other hand, the massive 
giant stars whose luminosity is thousands of times higher 
than that of the sun must completely consume the hydro- 
gen in their cores in a few million years. Here we should 
note that up till now it has been tacitly assumed that the 
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mass of a star does not change after it enters the main 
sequence. Most authors now hold this opinion. However, 
V. G. Fesenkov (U.S.S.R.) earlier expressed the idea that 
stars in the process of evolution can lose mass by means 
of so-called corpuscular radiation, just as the sun loses an 
insignificant mass when it emits streams of particles caus- 
ing auroras and magnetic storms on earth. The presence 
of this outflow from the stars seems to be confirmed by the 
high temperature of the inner part of some planetary neb- 
ulae, etc. Lowering the mass should displace the star on 
the diagram. Similar calculations of the evolution of stars 
with decreased mass were carried out by A. G. Masevich 
(U.S.S.R.). She showed that when a star has a homoge- 
neous chemical composition—when its matter is fully mixed 
—it can evolve along the main sequence according to a fixed 
law of mass loss. If the mixing is not total, or is absent en- 
tirely, the star will deviate to the region above the main 
sequence. Masevich considers that this hypothesis of the 
evolution of some hot stars (whose mass exceeds solar 
mass by two-three times) with loss of mass agrees better 
with observations than the hypothesis of stellar evolution 
with constant mass. The presence of red supergiants in a 
cluster where there are O stars and their absence from 
older clusters indicates that a significant part of the hot 
stars turn into red supergiants, basically maintaining their 
large mass. E. R. Mustel (U.S.S.R.) calculated that if O stars 
are ejecting mass with the velocity necessary for their evo- 
lution along the main sequence, this ejected gas, ‘“‘pil- 
ing up” interstellar matter, should form hollow, radiat- 
ing envelopes around those stars situated in clouds. This 
is not observed. Evidently, most O stars do not eject matter 
with the velocity needed for evolution along the main se- 
quence, although, of course, some stars can throw off sig- 
nificant mass due to rapid rotation and other reasons. Most 
stars of the early classes eject mass with a lower velocity. 

Let us go back to the question of stellar evolution. Soon- 
er or later, depending on mass, there comes a time when 
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the hydrogen in the core is almost all used up.* This “burned 
up” hydrogen in the most massive stars makes up more 
than half the over-all concentration; in the “lightest” stars 
it is about 12 per cent. Nuclear reactions slow down and 
the core contracts, which leads to further increase in its 
temperature and that of the surrounding gas layers. In less 
massive stars, the increase in the central temperature takes 
place slowly and the density grows to some tens of kilo- 
grams per cm. The size of the core after its contraction is 
two-three times that of the earth. The matter in the centre 
has a series of unusual properties, which are called the de- 
generate state. The temperature increase in the fine layer 
around the core, where there is still hydrogen, leads to 
more energy being given off. As the hydrogen around the 
core is consumed, the layer in which the reaction takes 
place is displaced to the outer parts of the star. On the 
other hand, the core, deprived of its energy source, contin- 
ues to contract and its temperature slowly rises. During this 
period, the luminosity and dimensions of the star grow** 
in such a way that it moves upward and to the right in the 
diagram, becoming a cold giant. Conversion takes place 
smoothly. Therefore, in the old cluster M 67, stars forming 
a continuous transition from the main sequence to the red 
giants are observed. Contraction of the cores of massive 
stars leads to heating rather than degeneracy. The envelope 
expands so rapidly that these stars are not observed in the 
process of expansion and there is a gap in the Hertzsprung- 
Russell diagram. The larger the mass (or luminosity) of 
the star, the wider the gap becomes. Violent motions ap- 
pear in the envelope toward the end of the expansion and 
the stars become typical red giants, which expand slowly. 
As a red giant, the star radiates several times more energy 


* For stars with a hundred times solar mass, the time needed 
to consume the hydrogen in the core is three million years; for the 
sun, it is ten thousand million years. 

** The dimensions increase because the temperature excess from 
the hot surroundings of the nucleus grows outward to the surface, 
thereby forcing the gas to expand. 
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than before and its evolution takes place faster than in the 
main sequence. 

- Thus a “light” star slowly and a heavy one spasmodical- 
ly become very extended red giants with a small core 
whose temperature is rising. When it reaches 100-140 mil- 
lion degrees, a new reaction begins, turning helium into C!” 
and then into O16, The release of energy in the core, where 
no reaction has taken place before, should upset the star’s 
equilibrium. Evidently, the heated core must expand for 
some time and the gas which was degenerate earlier 
changes into its usual state. On the periphery of the core, 
where there is still hydrogen, a reaction fusing the protons 
and the heavy atoms formed earlier can take place. Various 
atoms and isotopes will be formed, primarily C!83 and O!’, 
which have one neutron (a particle with a mass like that of 
a proton, but without charge) which is very slightly bound 
to the nucleus. This “extra” neutron is ejected and easily 
recaptured by other nuclei, thereby causing a gradual in- 
crease in the complex atoms and the formation of ever 
heavier elements. 

The heaviest elements cannot be formed this way, be- 
cause, when growth is gradual, the atoms must go through 
a stage as unstable radio-active isotopes which disin- 
tegrate (ejecting a-particles from the nucleus) before they 
can capture the next neutron. In the opinion of J. Greenstein 
(U.S.A.), F. Hoyle (Britain) and some others, heavy ele- 
ments form during supernovae eruptions which are some- 
what analogous to atomic explosions. The eruptions lead to 
reactions in which a large number of neutrons are formed. 
These neutrons are captured by atoms so often that the 
unstable nuclei cannot disintegrate, but capture still anoth- 
er neutron and become stable—that is, if there is radio- 
activity, it leads only to emission of electrons. As a result, 
heavy and even trans-uranium elements form. Supernovae 
are relatively rare; they give approximately 0.5 per cent of 
the total mass of ejected gas. This agrees with the fact that 
the relative amount of heavy elements in the galaxy is low. 
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How the star evolves further is still not clear. It is pos- 
sible that, at this stage, stars are formed with sharp anom- 
alies in their chemical composition and with other pecu- 
liarities which are inexplicable within the framework of 
the scheme described. In most cases where the mass of the 
core is not very large the final result of evolution should 
be the shedding of the rarefied envelope and the formation 
of white dwarfs—very dense stars without energy sources 
which are gradually cooling. The temperature inside white 
dwarfs is still very high: the hydrogen has been burned up 
almost everywhere except in the thin surface layer. They 
consist basically of helium and heavier elements. Their lu- 
minosity is low; therefore, they cool off slowly over thou- 
sands of millions of years. Not long ago much fainter 
‘“‘white dwarfs” were discovered, objects which have cooled 
to a surface temperature of about 4,000°. Naturally, their 
colour is no longer white, but red. Cooling to such a tem- 
perature takes about eight thousand million years, much 
longer than the age of the sun. 

An important fact supporting the idea that white dwarfs 
are the final product of evolution is their presence in large 
numbers in the older clusters of the Hyades and Praesepe 
and their absence in the comparatively young Pleiades. A 
star must throw off its external extended envelope in order 
to become a white dwarf. Some investigators consider that 
this takes place during the eruption of a nova. A. J. Deutsch 
(U.S.A.) detected outflow of gas from red giants and super- 
giants. Greenstein considers that part of the matter is dis- 
sipated when the star is a non-stationary red giant and 
part, in the earliest white-dwarf stage. Shklovsky thinks 
that the outer envelope of a giant is separated from the 
dense, hot nucleus in the form of a planetary nebula. It is 
possible that this transformation takes various forms under 
different conditions of mass and chemical composition. At 
any rate, it is important that in every case part of the star’s 
mass (sometimes a very insignificant part) is dissipated. 
The concentration of heavy elements in this matter after- 
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ward is higher than in the gas from which the star was 
initially formed. Besides the white dwarfs, the end product 
of evolution might be other types of small, hot stars (main- 
ly in the spherical subsystem). These stars could still have 
nuclear sources of energy. A star without energy sources 
can form a stable white dwarf only if its mass by the end 
of its evolution is comparatively low. More massive stars, 
which earlier belonged to class O or B, finish their lives as 
type II supernovae, scattering much of their mass in the 
form of the envelope and giving off a large number of 
heavy elements and relativistic particles. In the spherical 
subsystem, type I supernovae with less mass erupt. They 
are more luminous but the velocity and energy of their 
envelopes are lower. 

Let us return to the luminosity-spectrum diagram for 
globular clusters. As we said earlier, the subdwarfs with 
a mass less than 1.3 solar mass form the “main sequence’’. 
More massive stars have already succeeded in leaving it. 
This means that the age of globular clusters is about ten 
thousand million years. The giant branch in general is like 
the branch in the galactic cluster M 67, but the former is 
higher up on the diagram: giants in a globular cluster are 
brighter than such stars in M 67 by approximately three 
stellar magnitudes. This peculiarity, like the presence of 
the horizontal branch, is the result of another, more impor- 
tant difference first detected by Deutsch. In the spectra of 
stars in the spherical subsystem, the lines of metals and 
other heavy elements are weaker than in a star of the same 
temperature in the plane system—that is, the concentration 
of heavy elements in relation to hydrogen is 10-20 times 
lower in the spherical subsystem than in the plane one. But 
the nearer the cluster to the galactic plane the more heavy 
elements it contains. On the other hand, the concentration 
of these elements in young, hot stars of the plane subsys- 
tem by some data is two-three times higher than in the sun 
and in old stars of the intermediate subsystems, two-three 
times less. In the spectrum of the Milky Way, in the line 
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of sight toward the galactic centre, the metallic lines are 
weaker than in the opposite direction, due to the concen- 
tration of the stars of the spherical subsystem toward the 
centre. In the centte of the Andromedae nebula, the metal- 
lic lines are also weaker than in globular clusters. 

The different concentrations of heavy elements affect 
the structure of the star. Evidently this explains the dis- 
ugreement of the main sequences (dwarfs and subdwarfs), 
the varying brightness of red giants, the peculiarity of va- 
riable stars of the different subsystems and the presence 
of the horizontal branch in the diagram of the globular 
clusters, although theory cannot yet quantitatively explain 
these variations. 

Up to now we have considered stellar evolution from the 
moment when it shows up on the main sequence. However, 
there are some data about very young clusters whose stars 
have not yet reached the main sequence. Parenago studied 
the cluster in the Orion nebula. It turns out that the hot 
stars are in the main sequence, but the fainter ones lie to 
its right and their deviation gets larger as the brightness 
diminishes. These stars do not form a clear sequence, like 
those of ordinary clusters, but are strongly scattered. 
M. F. Walker (U.S.A.) found two more clusters like these. 
These data indicate that less massive stars have not yet 
finally succeeded in condensing to a condition of equilibri- 
um. In this case, the star’s size is larger than normal, so 
that the energy produced in the centre is radiated from a 
large surface, which thereby gets a lower temperature. 
The large scattering of the points, even for stars of the 
same mass, is evidently caused by differences in the ages 
Of the stars, which are important when they are all still 
young. It is interesting that many of the contracting stars 
show bright hydrogen lines. They belong to the non-sta- 
lionary T-Tauri stars in which non-thermal emission ap- 
pears. This supports once again the proposition that T-Ta- 
uri are newly-forming stars. 

Less massive stars are in earlier stages of development. 
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They are comparatively cold, rarefied objects in which most 
hydrogen is not yet ionised. Such objects should emit the 
21-cm line and Drake actually detected this radiation. The 
older the cluster, the less neutral hydrogen it will contain. 
The amount of gas agrees with values expected theoreti- 
cally. This is a strong argument in favour of the hypothesis 
that stars are formed from gas. 

The cluster diagram is the basic material on which the 
theory of stellar evolution is founded. However, stellar 
associations also give much interesting information. The 
age of the association can be determined from its expan- 
sion. Statistical investigation shows that O stars and super- 
giants of other classes are found only in the youngest asso- 
ciations, whose age is less than ten million years. In many 
cases, associations can be divided (A. Blaauw, Holland) into 
a more dense part connected with interstellar clouds and a 
more scattered part free from gas. In the scattered part 
there are no very hot stars. In Blaauw’s opinion, this means 
that the dissipated part is older. It is possible, of course, 
that stars with lower mass are formed there because of the 
lower density. Stars in associations have various ages. 
Often in the relatively old (Seven to ten million years) 
associations, theré are stars with ages of from one to five 
million years. This confirms Ambartsumyan’s proposition 
that stars in associations are formed at various times in 
various places. 

P. N. Kholopov (U.S.S.R.), studying different associa- 
tions, came to the conclusion that there is no basis to con- 
trast O and T associations. All O associations are simulta- 
neously T associations. At the same time, there are T 
associations which do not contain O, and sometimes even 
B, stars. This is one more indication that stars of all 
masses are formed by the same process. 

Up to now we have talked about the influence on stellar 
evolution of such properties as the chemical content and 
especially the mass of the stars. Stellar rotation is an impor- 
tant factor as well. It was first detected by G. A. Shajn 
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(U.S.S.R.) and O. Struve (U.S.A.) from line-broadening in 
the spectrum of stars. It was proved that hotter stars— 
from O to A—rotate much faster than colder ones. This 
fact by itself is very important in cosmogony. Rotation 
affects the conditions under which stars are formed; in par- 
ticular, it determines the appearance of double and multiple 
stars. It also affects the character of interior motions and, 
therefore, the mixing of various layers. In some cases, it 
makes the outflow of matter from the surface possible; in 
its turn the ejected matter slows down stellar rotation. 
V. A. Krat, D. Y. Martynov (U.S.S.R) and other scientists 
studied the cosmogonical significance of rotation. We will 
not discuss it in more detail, since it has little connection 
with the interstellar medium. 


34. Evolution of Galaxies 


The theory of stellar evolution shows that at the expira- 
tion of a given period depending on mass and chemical 
composition, the star sheds its envelope by one means or 
another and its residue if it is not a supernova, becomes a 
white dwarf or similar faint, hot star. For a star with an 
absolute magnitude weaker than +3™-5, this evolutionary 
period exceeds the age of the galaxy, so that these stars, 
independent of their time of formation, are still continuing 
their evolutionary tracks. Brighter stars still exist only 
if they appeared at some later epoch. There is every reason 
to believe that stars are produced from cold gas. This is 
indicated by the facts that young stars are found in spiral 
arms, that around young associations large gas masses are 
often observed, and by other considerations, some of which 
we discussed before. Of course, there are still no final 
proofs, but this hypothesis with time more and more corre- 
sponds to the observed facts. Investigations of the velocities 
of hot stars gave new arguments in favour of the hypothe- 
sis that they are formed from gas. In their short lifetimes, 
hot stars cannot change their velocity substantially, so 
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that it is always the same as that of the medium in which 
the star originated. The velocity distribution of these stars 
is similar to the velocity distribution of gas clouds. This is 
true not only of the basic part of interstellar gas with its 
velocity dispersion of seven-eight km/sec, but even of indi- 
vidual fast clouds whose velocity exceeds 30 km/sec. The 
transformation of gas into a star obviously depends on the 
gas density. Starting from the fact that the thickness of 
the layer of hot stars is roughly one-half as large as that 
of the gas layer, M. Schmidt (Holland) calculated that the 
number of stars in the process of formation is proportion- 
al to the gas density squared (the stars are mostly formed 
close to the galactic plane where the gas density is rela- 
tively higher). 

The formation of stars and the shedding of their enve- 
lopes at the end of evolution make a kind of complete cycle 
of galactic matter. The result of this cycle should be to 
enrich the interstellar gas in helium and the heavier ele- 
ments which are generated in the evolutionary process in 
the core of the star and make their way into its outer lay- 
ers. This process basically takes place at the expense of the 
massive stars which complete the cycle in several tens of 
millions of years. Relatively few massive stars are ob- 
served in the galaxy, not because they are formed rarely, 
but because their lifetime is short. Therefore, the circulation 
of the matter passing through the stage as a massive star 
can change the average composition of interstellar gas 
noticeably. This is in qualitative agreement with the fact 
that the younger stars of the intermediate and especially of 
the flat subsystems contain a higher per cent of heavy 
elements than the old stars of the spherical subsystem. 

With each evolutionary cycle, white dwarfs, which do 
not emit gas any more, are left and stars of low mass with 
a high evolution time are formed. Thus, part of the gas is 
always leaving the cycle, but the amount is constantly 
decreasing. The relative concentrations of gas and stars 
show how far the galaxy as a whole has gone in its evolu- 
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tion. However, we must consider the possibility that gas 
can change from one subsystem to another. All this is more 
easily illustrated.in one conception of evolution of our gal- 
axy. 

According to the ideas of J. H. Jeans, developed in later 
years by F. Hoyle, the compression of a rarefied medium 
by gravity leads to its disintegration into individual con- 
densations which are the beginning of the clusters of gal- 
axies. Gravitational energy is freed through the contrac- 
tion of the gas condensation. If the condensation is opaque, 
it will be dissipated as the temperature rises, just as this 
happens, for example, in a developing star. But in a rare- 
fied gas, which is transparent to radiation, the temperature 
does not rise. Under these conditions, the gravitational 
energy is turned mainly not into heat, but into the kinetic 
energy of separate parts of the condensation. Thus, the 
contracting cloud can disintegrate into smaller clouds with 
high relative velocities giving rise to galaxies. Each of these 
clouds in turn contracts and, when its density has increased 
enough, it also disintegrates into separate condensa- 
tions with high velocity dispersions. These condensations 
are the start of the globular clusters and the individual 
stars of the spherical subsystem. At this time, the gas has 
a high velocity dispersion and occupies a nearly spherical 
volume; therefore, the old stars, which have maintained 
their original gas velocities, form a spherical subsystem. 
Further evolution, as we picture it at the present time, to 
sum up ideas expressed by von Weizsidcker, Oort, Schmidt 
and other scientists, might take place in the following 
way: massive stars rapidly go through an evolutionary 
cycle and enrich the gas with heavy elements. At the same 
time, the gas, which has lost its kinetic energy through 
collisions among individual masses, gradually settles into 
the galactic plane. Therefore, those clusters which form 
later must be more strongly concentrated toward the disc. 
This is confirmed by the fact that in the globular clusters 
lying closer to the plane, the concentration of heavy ele- 
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ments on the average is higher and the horizontal branches 
are more weakly defined in their diagram. 

The condensation of all the gas toward the centre is 
prevented by its rotation. After several hundred million 
years, all the gas is largely gathered into a disc (the part 
of it which rotates more slowly is concentrated in the nu- 
cleus), where the final transformations into stars and into 
gas again are taking place right up to the present time. As 
a result of the fact that the velocity of star formation de- 
pends strongly on the gas density, the gas must run low 
first of all in the region where its density was high, for 
example, in the centre. This should lead to the establish- 
ment of a roughly uniform mean gas density over the entire 
galactic plane. That this actually happens is confirmed by 
21-cm line observations. The presence in the spiral arms of 
a magnetic field has great significance in maintaining the 
gas. Its elasticity hinders contraction of the arms by grav- 
ity. Without this, the gas would condense along the axis 
of the arms and soon be turned into stars. This evolutionary 
picture is only tentative. Even now there are some objec- 
tions to it and many observations which it cannot ex: 
plain. However, qualitatively it fits an even larger number 
of facts and presents a well-constructed system, much more 
complete than we had five-ten years ago. It seems that 
this theory is on the right track. 

In section 20 we said that right in the centre of the gal- 
axy there is a gigantic nebula with a dimension of 80 x 35 
parsecs and a concentration of about 100 particles per cm. 
The origin of this nebula is easy to understand if we com- 
pare it to the exceedingly small, dense condensations of 
stars found in our galaxy and also, according to Baade, in 
the centres of nearby galaxies. In a volume of from 6 to 20 
parsecs, there are many millions of them. The gas ejected 
by these stars can form either a continuous mass or an ag- 
gregate of individual planetary nebulae. In the latter case, 
their ionisation can be maintained by the nuclei of the plan- 
etary nebulae, in the former by the blue stars, which are 
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one of the last stages of development of the stars of the 
spherical subsystem forming the horizontal branch on the 
luminosity-spectrum diagram (Fig. 38). Of course, in the 
centre the concentration of heavy elements is higher than 
in the spherical subsystem; and the horizontal branch, not 
so well developed. Therefore, the hypothesis about plane- 
tary nebulae seems more probable. 

In the centre of globular clusters, gas clouds in the form 
of globules and, evidently, young stars are observed. This 
gas like that in the centre of the galaxy is ejected by stars 
of the cluster which are finishing their evolution. Another 
interesting fact, which seems to contradict the picture just 
presented, is the presence in the galactic cluster the Hyades 
of a large number of subdwarfs like those in globular 
clusters. It is possible that the cluster was formed long ago, 
when its gas had just condensed toward the galactic plane, 
but its composition had not noticeably changed. After this, 
the stars gradually evolved and the more massive ones 
disappeared. The remaining gases were not cleared out of 
the cluster since it did not intersect the galactic plane and, 
after a few thousand million years, the gas, enriched by 
helium and heavy elements again became a stellar cluster, 
this time of a different type. It is probable that the cluster 
collected interstellar gas as it moved in the galactic plane. 

Up to now we have talked about the various ratios of 
heavy elements and hydrogen. However, there are a small 
number of stars in which sharper anomalies in chemical 
composition are observed. These are stars with large 
amounts of carbon or nitrogen, barium or strontium, etc. 
Most of these anomalies are explained by different reac- 
tions which can go on inside stars under determinate con- 
ditions, especially in the very last stage of evolution. Such 
light elements as lithium can be produced in the surface 
layers of some stars containing a large number of relativ- 
istic particles. The same elements are probably produced 
during solar flares. The collisions of these particles with 
atmospheric atoms split the latter into the lighter nuclei 
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which are actually observed in stars with strong magnetic 
fields, as well as in some others. In addition, even heavy 
unstable elements. can be formed by such collisions, for 
example, technetium, which cannot be the product of dis- 
integration of longer-lived elements, so that its presence 
in the atmospheres of some stars seemed to be an enigma. 

These conceptions of the evolution of our galaxy to some 
degree can be adapted to other galaxies as well. Therefore, 
let us consider their properties. Galaxies can be divided 
into a series of classes, which merge one into another. Our 
galaxy is one of the spiral systems which constitute about 
80 per cent of all bright, visible galaxies. Spiral galaxies 
are divided into groups which depend on the ratios between 
the plane and spherical subsystem and on the presence of 
gas. The Sa group has very weak spiral arms and a brighter 
nucleus crossing into the spiral subsystem (Fig. 39). In the 
Sb galaxies (Fig. 21), the nucleus is relatively small and 
faint and the arms are more strongly developed. Finally 
in Sc galaxies (Fig. 3), the nucleus is hardly noticeable. 
It is dominated by a subsystem with a large amount of gas 
(up to 10-15 per cent of its mass) and hot stars forming a 
weil-defined spiral. The so-called barred spiral galaxies 
(Fig. 40) are frequent; their arms do not come directly 
from the nucleus, but from the ends of a “pivot” passing 
through it. White stars of the plane subsystems on the aver- 
age have a much higher brightness than the stars of the 
spherical subsystems which are red and yellow dwarfs with 
a few cold giants and faint blue stars of the horizontal arm 
(Fig. 38). If the over-all brightness of a subsystem is divid- 
ed by its mass, the value obtained may vary by 1,000 
times for various subsystems. Therefore, notwithstanding 
the fact that the spherical subsystem usually makes up an 
important part of the mass of a spiral galaxy, its luminos- 
ity is mainly determined by the plane subsystem. 

The second type (17 per cent of the bright objects ob- 
served) is the ellipsoidal galaxies, more or less flattened 
spheroids with strong concentrations toward the centre 
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Fig. 39. Galaxy NGC 2 841, type Sa (Palomar 200’’ reflector) 


Fig. 40. Barred spiral nebula NGC 1300 (Palomar 200’ 
reflector) 


Fig. 41, Elliptical galaxy NGC 1553 (Palomar 200’ reflector) 


(Fig. 41). They are basically made up of red stars with low 
luminosity; therefore, they can only be observed at relative- 
ly close distances. Actually, they are more numerous than 
spiral subsystems. Ellipsoidal galaxies remind us in many 
ways of the spherical galaxies. Until recently, it was con- 
sidered that the amounts of gas and dust in them are in- 
significant, since the [O II] line usually found in the 
spectrum of spiral galaxies is observed only in a few of 
the ellipsoidal systems and absorption in them is low. How- 
ever, we must keep in mind that there are not many hot 
stars in these galaxies capable of exciting radiation of gas. 
Vorontsov-Velyaminov, studying photographs of galaxies 
obtained with large telescopes, came to the conclusion that 
dust and especially gas are not rare in ellipsoidal nebulae, 
or at least in some of them. In particular, he considers that 
the ellipsoidal satellite of the spiral galaxy in Triangulum 
and the “blue” ellipsoidal satellite of the Andromedae neb- 
ula, called NGC 205, contain gas in almost the same pro- 
portion as the spiral arms. However, the relative gas con- 
centration is undoubtedly low in most ellipsoidal galaxies, 
especially in the more massive ones, where stellar density 
is much higher than in our galaxy. 

The third type is the irregular galaxies, which make up 
about 3 per cent. of all bright objects. Our nearest neigh- 
bours, the Large and Small Magellanic Clouds, are members 
of this group. Irregular galaxies usually have a compara- 
tively low mass and contain much gas—up to 30 per cent 
and more—as well as many hot stars. Most of these gal- 
axies have a somewhat flattened form. 

One of the basic questions connected with the evolution 
of galaxies is whether they go through a stellar-formation 
Stage which increases the concentration of heavy elements. 
In other words, is the basic mass of their red stars like the 
subdwarfs of the spherical subsystem or like the old stars 
of galactic clusters? The basic difference between these 
subsystems—their chemical composition—appears in the 
relative intensities of the metal lines, in the presence of the 
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weak blue stars of the horizontal branch and in the types 
of variable stars.* An investigation was carried out by 
W. A. Baum (U.S.A.). In the Andromedae nebula, excluding 
(he spiral arms, the stars are like the old population of the 
plane component with a small mixture of spherical-com- 
ponent stars. The same thing applies to the nucleus of this 
nebula. Larger ellipsoidal galaxies, as their colour shows, 
ure basically made up of stars like the old stars of the disc. 
If there were a significant admixture of stars of globular 
clusters, ultra-violet radiation caused by the faint blue stars 
would be observed. However, the ‘“‘blue’’ satellite of An- 
dromeda consists of stars of the spherical subsystem, as its 
cOlour and some other properties show. In some ways, the 
“blue” sateliite is distinguished from typical ellipsoidal 
pilaxies by its relatively low density and mass. Recently it 
was observed that several other rarefied dwarf systems are 
iilso like globular clusters—that is, they consist of stars of 
(he first generation. 

Investigation of the Magellanic Clouds shows that they 
ure also mainly made up of first generation stars which are 
poor in heavy elements. This is especially true of the less 
dense Small Cloud. H. C. Arp (U.S.A.) discovered that even 
young clusters in this cloud, containing hot giants, have 
low metallic concentrations. This is confirmed by the char- 
acter of the variable stars. Thus, stellar formation in these 
zalaxies is continuous, but first generation stars are still 
being formed. 

Baum proposed an evolutionary hypothesis summing up 
the results of these investigations. If the galaxy in forma- 
(ion has little mass, the gas in it remains comparatively 
rarefied and star formation takes place slowly, so that up 
until the present time first generation stars are still being 
formed and the gas ejected during their evolution is only a 
small part of the mass. The Magellanic Clouds are an 

“ The division of stars into a number of subsystems (besides the 
(wo basic ones) was first begun by B. V. Kukarkin (U.S.S.R.), start- 
ing from the properties of the variable stars. 
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example. If the mass is a little larger, star formation basi- 
cally is over. It took place slowly and the gas, gradually 
ejected by the stars, has succeeded in settling toward the 
centre without turning into a star at once, since its den- 
sity is low. Only in the centre, where the gas condenses, 
the stars form over a long time, but this process now has 
almost ended and the gas density there is low also. Such 
a galaxy must have a strong concentration of stars toward 
the centre and will be like the “‘blue”’ satellite of Androm- 
eda and other dwarf ellipsoidal galaxies. If the mass of the 
galaxy is high, its gas in a strong gravitational field quickly 
becomes dense and immediately a large number of stars, 
including massive ones, are formed. In a short time these 
stars go through their evolution and, since there are many 
of them, the ejected gas has a high density and stars are 
formed from it before it can settle. Therefore, the second 
generation predominates far from the centre. Later on, 
when there is less gas, it succeeds in settling and the proc- 
ess of star formation goes on longer, but it is completed 
just the same. Rather small systems with fast rotation are 
needed for formation of spiral galaxies. In these systems, 
after the first generation stars have formed, the gas resi- 
due, mixed with the ejected envelopes, settles toward the 
disc rather than towards the centre. The force of gravita- 
tion toward the galactic plane is not so great and there- 
fore the gas density is lower than in the centre of the ellip- 
soidal galaxies, star formation takes place more slowly 
and has not yet been completed. The presence of a mag- 
netic field in the spiral arms plays a great role, as we said 
earlier. Since the gas density always increases toward the 
centre (the concentration of stars shows this), star forma- 
tion takes place faster there and the gas goes through more 
evolutionary cycles. Therefore, it must be richer in heavy 
elements than the outer parts of the spirals. This is 
supported by investigation of variable stars which in outer 
parts of our galaxy are more like the variables in the Mag- 
ellanic Clouds than those in the inner parts. 
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Dust is also an indicator of the concentration of heavy 
elements since its formation demands the presence of these 
elements. In the Small Magellanic Cloud, there is almost no 
absorption. There is less dust in the outer spiral arms of 
our galaxy than in the inner ones. This supports the con- 
ception just mentioned. Thus, the composition of galaxies is 
determined by the original conditions under which they were 
formed, mainly by the mass and rotation, and the chemical 
composition can be identical. As science develops, there will 
be many changes in this simple, preliminary scheme; how- 
ever, the good qualitative explanations that it gives of a 
series Of basic facts show that it is fundamentally correct. 

If a galaxy has a large enough mass, formation of first 
generation stars takes place comparatively rapidly. A sig- 
nificant part of these stars has a large mass and rapidly 
evolves into supernovae. This leads simultaneously to nu- 
cleo-genesis and to the appearance of a large number of 
relativistic particles giving rise to electrons. Such a galaxy 
should be a powerful source of radio-emission. From this, 
Shklovsky suggested that radio-galaxies are the first stage 
in the development of massive galaxies. The larger the 
mass, the faster star formation takes place and the more 
relativistic particles there are. This agrees with the fact 
that the most massive radio-galaxy, Cygnus A, is very mas- 
sive. Subsequently, cosmic rays blow the gas toward the 
small axis and come out in the form of an expanding bubble 
whose radiation weakens with time. Simultaneously, 
star formation decreases, so that new particles form in 
smaller numbers and the galaxy becomes an ordinary one. 
If this hypothesis is true, the presence of powerful radio- 
galaxies means that even now there are young galaxies in 
which the process of star formation has just begun. This 
conclusion has an extremely great significance, since most 
scientists consider that all galaxies were formed about ten 
or fifteen thousand million years ago, a time correspond- 
ing to observations of the red shift. The question arises: 
was the galaxy itself formed recently or did star forma- 
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tion just recently begin in it? It can be shown that at the 
mean density of matter in massive galaxies (before the for- 
mation of stars this matter was in the form of gas), cooling 
takes place relatively rapidly. Therefore, the gas cannot 
remain tenuous at the expense of thermal motions. Turbu- 
lent motions would also quiet down without hot stars, 
cosmic rays and other energy sources, although they can 
be partially maintained by the above-mentioned twisting of 
the magnetic field and the pressure of the lines of force 
upward. This mechanism is hardly sufficient to maintain 
the galaxy as a spheroid, for motions in it must be super- 
sonic and therefore energy will be dissipated quickly. If 
this is so, the gas should be compressed toward the centre 
of the disc; consequently, the presence of an extended gal- 
axy indicates that the galaxy itself condensed recently. 
This conclusion is too important to be based only on such 
rough considerations; further investigation is necessary. 

The abundance of heavy elements in the stars of very 
old galactic clusters is two to three times less than in the 
sun. This is proof that an appreciable portion of these ele- 
ments was formed by the end of the process of the com- 
pression of gas into a disc in the galaxy (S. Van den Berg, 
Canada). By this time only a small part of the mass of the 
galaxy had converted into stars. Consequently, the forma- 
tion of heavy elements proceeded far more effectively at 
that time than in subsequent epochs. This implies that a 
large number of stars completed their evolution as super- 
novae, which is in agreement with Shklovsky’s hypothe- 
sis. Since in the outbursts of supernovae, heavy elements 
are produced, helium is hardly likely to predominate. It is 
formed primarily in the evolution of red giants. For this 
reason, stars formed from gas ejected by supernovae 
should contain but little helium and not so few heavy ele- 
ments (as compared to the sun). 

Let us now see what is known about the intergalactic gas. 
First of all, we should note that the distribution of galaxies 
in space is uneven. They form clusters, usually small, but 
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sometimes containing thousands of objects. In particular, 
our galaxy belongs to a system of seventeen galaxies of 
various types. This system in turn is one of a cluster of 
upproximately a thousand galaxies, called a supergalaxy. 
The supergalaxy has a flattened shape. Most of its members 
are concentrated around the “‘supergalactic equator’, whose 
plane is almost perpendicular to the Milky Way. The 
centre of the supergalaxy is a great cluster of galaxies in 
the constellation Virgo. 

Recently weak, shining “bridges” of stars uniting adjoin- 
ing galaxies were found by F. Zwicke (U.S.A.). This indi- 
cates that there are bright stars and possibly even diffuse 
matter between nearby galaxies. Vorontsov-Velyaminov 
recently discovered a series of these bridges. Often they 
merge directly into the spiral arms of one of the galaxies, 
which shows they are similar in composition. Several times 
he noticed double bars. He interprets them as evidence of 
the presence of forces different from ordinary gravitation. 
Sometimes “‘tails’’ are observed pointing away from the 
neighbouring galaxy. Possibly this indicates the presence 
of a repulsive force. E. M. and G. R. Burbidge investigated 
spectroscopically several of these anomalous galaxies. 
Three out of five galaxies in one group studied contain gas. 
Stellar spectra were not observed—that is, stars are rare, 
but therefore they must be hot. The total mass of ionised 
gas in each galaxy is about 1019 M, or ten times more than 
all the gas in our galaxy. There is a faint nebulosity with an 
emission spectrum inside the group. 

F. D. Kahn and L. Woltjer calculated that the kinetic 
energy of our system of seventeen galaxies is greater than 
its potential energy. On the other hand, the two main gal- 
axies—ours and Andromedae—are approaching each other, 
which means that the system cannot be disintegrating. This 
is possible only if there is gas between the galaxies with 
a total mass six times greater than that of the galaxies. The 
density of this gas must be about 10-4 particles per cm? and 
its temperature about 500,000°, which follow from the con- 
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dition of equilibrium and the requirement that the gas suc- 
ceed in cooling in a few thousand million years. Otherwise, 
the galaxies could not have formed. Our galaxy moves 
with a velocity relative to the system of about 100 km/sec, 
that is, the gas “blows past’ the spherical subsystem. The 
effect of the wind raises the pressure on the front and back 
of the sphere and lowers it on the sides. This may explain 
the following interesting fact: the gas layer in our galaxy 
has an extremely flat shape. However, in the outer parts 
it is noticeably distorted. An especially large distortion (the 
layer departs from the general plane by as much as 500 
parsecs) is observed in the 2l-cm line in the region near 
the Magellanic Clouds. The curve is directed toward them. 
This cannot be simply the effect of gravitation; it would 
be smaller. Magnetic forces, in addition to the wind action, 
may be significant, if our galaxy and the Magellanic Clouds 
are connected by common lines of force which could pull 
on the gas layers. The non-thermal radio-emission of our 
galaxy and the Magellanic Clouds also indicates their con- 
nection. The regions of radio-emission of the Large and 
Small Clouds almost blend at their outer edges. It is pos- 
sible that receivers of increased sensitivity will detect 
radio-emission joining the two galaxies. If we consider that 
the distance between the clouds is approximately the same 
as their distance from our galaxy, it is possible that all 
three galaxies are surrounded by a general radio-emitting 
atmosphere. 

Non-thermal radiation was detected in several large ga- 
lactic clusters, in particular in Coma Berenices. It is impos- 
sible to explain this radiation as the total of all the galaxies: 
this is insufficient, although we cannot exclude the possi- 
bility that the cluster contains several extended radio-gal- 
axies. Evidently, the non-thermal radio-emission indicates 
the presence in intergalactic space of relativistic electrons 
and magnetic fields “frozen” into the moving intergalactic 
gas. Of course, the concentration of relativistic particles 
and gas must be much lower than in the galaxies. Perhaps 
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the cosmic rays and gas 
result from scattering 
out of the galaxies. In 
particular, the expansion 
of the system of rarefied 
gas might lead to such 
an effect. Collisions 
between galaxies, which 
must occur from time to 
time, especially in com- yi, 42 Galaxy NGC 4762, type SO 
pact clusters, may be (Palomar 200” reflector) 
another source of gas 

dissipation. When stel- 

lar systems collide, they pass freely through one another 
because the stars are very far apart. But the gas may suffer 
a collision strong enough to drive it from the galaxy. 

The SO-type galaxies are interesting in connection with 
the possibility of galactic collisions. They are similar to 
spiral galaxies, and contain many stars of the plane sub- 
systems, but have neither gas nor dust. In Fig. 42, the SO 
galaxy has no dark band along the equator and no hot 
giants. No spiral structure has been found in them. Spitzer 
considers them to be former spiral galaxies which have lost 
their gas through collision. An argument in favour of this 
hypothesis is that.SO galaxies are only found in dense clus- 
ters of galaxies. The absence of young hot stars from 
these gasless galaxies indicates that stars are formed only 
from diffuse material. 

It is possible that there is gas with even lower density 
in the space between clusters of galaxies. However, we 
have no observational information about this at present. 

We have now become acquainted with one of the impor- 
tant, now rapidly-developing divisions of astrophysics. In 
the course of this development, many fascinating enigmas 
of nature have been solved. As a rule, these mysteries arose 
with the introduction of new, more accurate observational 
methods. Among these were spectroscopic investigation of 
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nebulae, stellar spectroscopy (which detected the interstel- 
lar absorption lines), filter photography and, finally, radio- 
astronomical observations in the 2l-cm line and the 
continuous spectrum. Solution of the problems also came 
from observational data: even the richest imagination 
usually cannot anticipate where observations will finally 
lead. On the other hand, interpretation of the observed 
facts is impossible without knowledge of the general prop- 
erties of matter, without physics. The development of new 
branches of physics usually facilitates the progress of 
astrophysical knowledge. For example, the development 
of spectroscopy and quantum mechanics led to astronomi- 
cal spectroscopy, a basic part of astrophysics. The devel- 
opment of hydrodynamics, theories of turbulence and 
shock waves, evoked the appearance of new investigations 
of gas motions in stellar atmospheres and in interstellar 
Space, as is evident from this book. 

Astrophysical problems also often stimulate the develop- 
ment of new physical ideas. In particular, this is true of 
atomic energy. Investigations of various types of nuclear 
reactions were first carried out to explain stellar radiation. 
Magnetohydrodynamics, which today is important in work 
on the production of controlled thermonuclear reactions, 
also began in astrophysics, since in cosmic conditions ion- 
ised gas has properties like those of a superconductor. This 
influence on physics, along with its effect on the spiritual 
evolution of mankind, is one of the most important prac- 
tical applications of astrophysics, because it creates a tie 
between study of the universe and the everyday labour of 
hundreds of millions of people. 
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